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I N S H O RT

The study of the dynamics of the interstellar medium (ISM) is essential
to understand star formation. The ISM is a turbulent and magnetized
medium governed by the interplay of self-gravity, turbulent motions
and magnetic fields. While the former two are well characterized by
existing models and observations, today, the role of the Galactic mag-
netic field (GMF), and its interaction with interstellar matter, represent
the most difficult aspects to probe. Thanks to its high sensitivity and
resolution, full-sky coverage, and imaging at sub-mm wavelengths,
the Planck satellite represents an enormous step forward in the char-
acterization of the statistical properties of the GMF, as traced by dust
polarization. In this thesis we present an analysis of the 353 GHz
Stokes parameters maps (I, Q, U) observed with the High Frequency
Instrument (HFI) of Planck. we aim at studying the structure of the
GMF, and its interplay with interstellar turbulence, from the largest
scales in the Solar neighborhood to those of the filamentary structures
in the diffuse ISM and molecular clouds. We also develop a dedicated
methodology to produce the first statistical study on the correlation be-
tween the geometry of the GMF, projected on the plane of the sky, and
the structure of interstellar matter. We interpret the results of the data
analysis in light of theoretical models and Magneto-Hydrodynamic
(MHD) numerical simulations, and conclude that my findings support
a scenario of formation of structures in the ISM where turbulence orga-
nizes matter parallel to the magnetic field in the diffuse medium, and
the gas self-gravity produces perpendicular structures in the densest
and magnetically dominated regions. We propose and discuss several
perspectives of research related to our results, from the modeling of
the high-latitude sky in polarization, for the investigation of dust prop-
erties and cosmological foregrounds, to the comparison of magnetic
fields with the kinematics of the filamentary structures in the ISM.
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E N B R E F

La dynamique du milieu interstellaire (MIS) est au coeur de notre
compréhension de la formation des étoiles. La structuration du MIS
est régiée par l’interaction entre gravité, mouvements turbulents et
champs magnétiques. Si les deux premiers acteurs sont bien carac-
térisés par les observations, le rôle du champ magnétique Galactique
(CMG), ainsi que son interaction avec la matière interstellaire, sont
encore peu connus. La cartographie complète du ciel dans le domaine
submillimétrique réalisée par le satellite Planck nous permet d’étudier
la structure du CMG, projetée sur le plan du ciel, à partir de la polar-
isation de l’émission de la poussière interstellaire. Dans cette thèse,
nous présentons une analyse des cartes en polarisation à 353 GHz,
observées par l’instrument à hautes fréquences HFI de Planck. Nous
étudions la structure du CMG et son interaction avec la turbulence
interstellaire, de l’ensemble du voisinage Solaire aux échelles de la
structure en filaments de la matière, dans le milieu diffus et les nuages
moléculaires. La première étude statistique de la corrélation entre la
géométrie du CMG et la structure de matière interstellaire est réalisée
en utilisant une méthode originale pour identifier les structures et
mesurer leur orientation sur l’ensemble du ciel, puis quantifier les
effets de projections. Les résultats sont interprétés en référence aux
hypothèses théoriques et aux résultats obtenus à partir de simulations
numériques magnétohydrodynamiques. Nous concluons que la turbu-
lence tend à former des structures parallèles au champ magnétique
dans le milieu diffus, et la gravité des structures perpendiculaires au
champ dans les nuages moléculaires. Enfin, nous présentons et discu-
tons deux perspectives liées à notre travail: la modélisation du ciel en
polarisation aux hautes latitudes Galactiques comme avant-plan du
fond cosmologique, et la relation entre cinématique du gaz et champ
magnétique dans les structures en filaments du MIS.
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A B S T R A C T

The probe of interstellar magnetic fields has always represented a
remarkable observational challenge for astronomers. Despite the multi-
ple techniques and the wealth of data gathered so far, a full description
of the Galactic Magnetic field (GMF) has not been achieved yet. One
main question is still alive: what role does the magnetic field play in
the dynamics of the turbulent and magnetized interstellar medium
(ISM)?

In this thesis we aim at making a step forward in this subject through
the analysis of the Planck polarization data at sub-mm wavelengths,
tracing the plane-of-the-sky magnetic field orientation as inferred from
dust polarized emission. The Planck polarization maps at 353GHz
provide unprecedented information (full-sky coverage, high sensitivity
and resolution) and statistics to characterize the structure of the GMF
and its correlation with interstellar matter from large scales, typical of
the local spiral arm, to the scales of the filamentary structure of the
diffuse ISM and molecular clouds.

We first investigate the high latitude sky in polarization, where the
ordered field in the local spiral arm can be best detected. Around the
Galactic poles, the Planck data present large-scale patterns in the Stokes
Q and U maps, compatible with the imprint of a mean orientation
of the GMF in the Solar neighborhood (within few hundred parsecs
from the Sun). In addition to this ordered uniform component of the
field, the Planck data show the contribution of a turbulent component.
We find that, around the Galactic poles, turbulence is sub-Alfvènic,
with a ratio between the typical strengths of the turbulent and ordered
components of the magnetic field of 0.4. This turbulent field introduces
small fluctuations (∼ 10◦ in the polarization angle) about the mean
magnetic field.

We probe the correlation between GMF and matter, extending the
analysis of the fluctuations of the magnetic field at lower Galactic
latitudes. The data reveal that structures, or ridges, in the intensity map
have counterparts in the Stokes Q and/or U maps. Thus, we develop
a dedicated methodology to select ridges in the dust intensity map
(with a typical thickness of twenty arcminutes on the sky), outside the
Galactic plane. These structures cover roughly 4% of the sky, and span
two orders of magnitude in column density from 1020 to 1022 cm−2.
Separating the polarized emission of the structures from that of the
surrounding Galactic background, we can compare the polarization
angles at these distinct scales, and estimate the ratio between the
strengths of the turbulent and mean components of the magnetic
field. We find that this ratio has a preferred value of 0.8, meaning that
turbulence at intermediate Galactic latitudes is trans-Alfvènic.
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We then characterize the relative orientation between the ridges
and the structure of the GMF, by measuring their orientation from a
Hessian analysis of the dust emission map, and that of the magnetic
field from the dust polarization. Accounting for projection effects,
we find that the ridges are statistically aligned with the orientation
of the magnetic field. This trend however becomes less striking for
increasing column densities. Indeed, at high NH (> 1021 cm−2) in
molecular clouds, a significant number of structures appear to be
perpendicular to the magnetic field, contributing to the statistics of
relative orientations.

These results support a scenario of formation of structures in the
ISM where turbulent motions (shear rather than shocks) organize
matter parallel to the magnetic field in the diffuse medium, and the
gas self-gravity produces perpendicular structures in the densest and
magnetically dominated regions.

This tentative interpretation opens the last part of the thesis, in
which we investigate several exciting perspectives of research related
to our results and future analysis of the Planck polarization data. We
discuss how to probe the role of turbulence in accounting for the
observed alignment between the field and the orientation of matter
structures in the diffuse ISM, through the comparison of the relative
orientation between magnetic fields and line-of-sight velocity gradi-
ents measured from HI data cubes. We also discuss the impact that
our study of the GMF structure might have in the statistical character-
ization of dust polarization as a foreground to the cosmic microwave
background polarization.
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Part I

P R E L I M I N A RY D I S C U S S I O N



1
M A G N E T I C F I E L D S I N T H E M I L K Y WAY

I really can’t do a good job, any job, of
explaining magnetic force in therms of

something else that you are more familiar
with, because I don’t understand it in terms of

anything else you are more familiar with.
- Richard Feynman

Among the hundred billion galaxies that populate the Universe,
our own Galaxy, the Milky Way, is a barred spiral galaxy made of a
complex system of stars, gas, and dust particles. The Galaxy (in Fig. 1.1)
is bound under its self-gravity, and its dynamics and evolution depend
on the interaction between its various components, which exchange
mass, momentum, and energy.

Most of the hundred billion stars in the Milky Way are located
within a rotating disk, which is roughly ∼ 30kpc wide and ∼ 600pc
thick [200]. The Sun is at a distance of ∼ 8.5kpc from the centre of
the Galaxy, in the region between the Sagittarius and the Perseus
arms, and it revolves about the centre with a linear velocity of about
200 km s−1, in a period of roughly 240 million years.

However, the stellar disk is only one morphological aspect of the
Galaxy. A very luminous and active bulge (∼ 2kpc wide), surrounds
the centre of the Milky Way and its supermassive black-hole, Sagit-
tarius A. The whole Galactic system is finally embedded in a giant
halo of dark matter, which contains the largest fraction of mass in the
Galaxy, and guarantees its gravitational stability.

Stars and planets are the main characters of any night sky, but
the space between them, the interstellar medium (hereafter ISM),
is far from being empty. The ISM contains ∼ 5× 109 solar masses
made of dust particles (only 1% of the mass) and mostly gas. These
constituents are generally well mixed, and their physics is crucial
for understanding the processes of star formation, which drive the
whole Galactic evolution. Stars essentially form from the gravitational
collapse of condensations of dust and gas within molecular clouds, out
of the most diffuse medium in the ISM, which is mainly composed of
atomic hydrogen (HI) (which makes up 70% of the gass mass, against
the 28% of helium, and 2% of heavy elements, e.g. C, N, O, Mg, Si, S,
and Fe) [133]. The stellar activity, then, injects energy and momentum
in the ISM, through mass loss and supernovae, rounding the circle
and making star formation a feedback process in the evolution of the
Galaxy.
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Figure 1.1: Artistic conception of the spiral structure of the Milky Way with
two major stellar arms and a bar, in the reference of the Sun.
Credit: NASA.

The HI resides in two thermal phases, the Cold Neutral Medium
(CNM) and the Warm Neutral Medium (WNM), each containing
roughly half of the total HI[40]. Classically, these phases are points
of stable isobaric thermodynamic equilibrium with the temperatures
differing by about two orders of magnitude (∼ 102 − 104K). Even
though the two phases share about the same fractional mass, the
WNM, occupies the largest fraction of the interstellar volume (half the
volume in the Solar vicinity), being of much higher temperature and
lower density (∼ 0.25 cm−3) than the CNM (∼ 25 cm−3).

Although the ISM is mostly neutral, there are plenty of charged par-
ticles around: ionized HII gas, partly ionized HI, because of starlight
ionizing photons and cosmic rays, and dust grains. This fraction of ion-
ized ISM makes the magnetic field that permeates the Galaxy tightly
coupled with the ISM components. The conductivity of interstellar
matter is so high that one might describe the magnetic field lines as
attached to the matter and partaking in its streaming motions. Thus,
because of magnetic flux freezing into matter (see Ch. 2), the Lorentz
force on ions is one of the important forces acting on the diffuse gas,
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together with gas pressure, cosmic-ray pressure (from the propagation
of high-energy relativistic particles through the gas), and gravity. At
large scales in the Galaxy the gas is tied to the total gravity of the
disk (dominated by stars), and, locally, self-gravity is responsible for
dense clouds to be bound. On all other scales the gas mainly responds
to the three other forces. Since the gas and cosmic rays form a tied
system connected by the field, the magnetic field turns out to be a
major player in the dynamics of the ISM.

However, until now, because of the paucity of relevant observations
to test existing models, the actual role of the magnetic field in the
Galactic environment is poorly known.

This thesis explores the role of the magnetic field in the Galaxy
through the analysis of new and unprecedented data.

In this chapter we present a short overview on the interstellar
magnetic field (Sect. 1.1), we describe how to measure it (Sect. 1.2),
and we introduce the reader to the scientific questions on the Galactic
magnetic field (hereafter also GMF) that motivate this thesis (Sect. 1.3).

1.1 magnets in the sky: a historical context

Magnetism is a natural phenomenon which has been known ever since,
after its first discovery in the VI century B.C. by Thales of Miletus,
who wrote of mineral lodestones (called the stones of Magnesia)
and their ability to attract iron. For centuries, then, navigation relied
on compasses to orient with respect to the north magnetic pole on
earth. Moreover, some animal species, such as birds, seem to be able
to actually see the magnetic field, making use of it to migrate over
thousands of kilometres. All of this is possible because the Earth is
itself a weak magnet. Modern understanding is that the rotation of the
Earth induces currents in electrically conducting material in the core
of the planet, which drives a dynamo process generating an overall
planetary magnetic field.

Like the Earth, most of the planets in the solar system (notably
Jupiter and Saturn) are magnetic, and stars, as the Sun itself, are
characterized by magnetic fields. Stellar magnetism must result from
the evolution of initial fields present in their parent interstellar clouds.
This means that the ISM has to be magnetic too. In table 1.1 we
show some orders of magnitude of ordinary (in italic format) and
astrophysical magnetic fields. Although magnetic fields in the ISM
seem to be faint, their distribution over huge volumes, up to the whole
Galaxy, makes them fundamental for the description of the Galactic
environment.

Despite of the fact that now the sky seems full of magnets, and that
there are several techniques to probe their properties (see Sect. 1.2),
the discovery of magnetism in space is a rather recent success.
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Magnetic field strength [G]

"Seeds” fields in the early Universe 10−30 − 10−20

Intergalactic gas (1− 10)× 10−9

Intracluster gas (0.1− 1)× 10−6

Human brain (1− 100)× 10−6

Interstellar gas < 1× 10−3

Center of the Milky Way < 10× 10−3

Earth magnetic field ∼ 500× 10−3

Refrigerator magnet ∼ 50

Magnetic resonance imaging (15− 30)× 103

Normal star (HD 215441) 34× 103

White dwarf (PG J1847-0130) 106

Strongest pulsed magnetic field 28× 106

(with explosive) in laboratory (VNIIEF, Russia)

Magnetar (SGR 1806-20) 1015 − 1016

Table 1.1: List of magnetic strengths for ordinary magnetic fields (in italic)
and astrophysical fields. For references, have a look at the public
lecture given by Brian Gaensler at the Australian Academy of
Science (http://www.youtube.com/watch?v=wkW06LNhpaQ).

The theorization of the existence of interstellar magnetism was born
in the 1940’s with the development in particle physics of the science of
cosmic rays[118], after the discovery by K. G. Jansky in 1932 [105] of
diffuse low-frequency emission coming from the Milky Way. In 1949
Enrico Fermi wrote that "in recent discussions on the origin of the cosmic
radiation E. Teller has advocated the view that cosmic rays are of solar origin
and are kept relatively near the sun by the action of magnetic fields. These
views are amplified by Alfven, Richtmyer, and Teller. [...] I propose in the
present note to discuss a hypothesis on the origin of cosmic rays [...] according
to which cosmic rays originate and are accelerated primarily in the interstellar
space, although they are assumed to be prevented by magnetic fields from
leaving the boundaries of the galaxy. The main process of acceleration is due
to the interaction of cosmic particles with wandering magnetic fields which,
according to Alfven, occupy the interstellar spaces"[52].

This innovative theory found validation the same year by two amer-
ican astronomers, Albert Hiltner [95] and John Hall [73], who inde-
pendently discovered that the light from some stars was polarized.
This result was completely unexpected. Since polarization refers to
the specific orientation of the oscillation of light waves emitted by a
source, starlight should have been unpolarized, because each parcel
of light emitted by a star should have had a random orientation. If
starlight was supposed to be unpolarized, then something else was
responsible for polarizing the light that they had detected.

These pioneering observations quickly became the first proof of
the existence of interstellar magnetism. In 1953 Chandrasekhar and
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Fermi published a very famous paper, titled Magnetic field in the spiral
arms[27], where they justified the observed polarization as follows:"it
seems plausible that this polarization is due to a magnetic orientation of the
interstellar dust particles; for such an orientation would lead to different
amounts of absorption of light polarized parallel and perpendicular to the
magnetic field and, therefore, to a polarization of the light reaching us".

Starlight polarization from dust grains in the ISM became the first
indirect detection of astrophysical magnetic fields.

1.2 measuring magnetic fields in the universe

Since the first detection of the interstellar magnetic field by Hiltner
and Hall through starlight polarization, several means for measuring
the field properties have been developed, observing at optical, infrared,
submillimeter and radio wavelengths. Each technique for measuring
magnetic field only provides specific properties of the field, either
its strength or its geometry, in particular its component along the
line of sight (hereafter LOS) and perpendicular to it, on the plane
of the sky (hereafter POS). Hence, when interpreting magnetic field
observations, projection effects are a fundamental aspect to account
for (see Chapter 7).

While in chapter 3 we detail polarization from dust grains in the
ISM, here, we provide a general description of the other techniques to
measure astrophysical magnetic fields.

zeeman effect In neutral (atomic or molecular) regions of the
ISM that are enough cold and dense, magnetic field strengths can be
inferred from Zeeman splitting measurements. The Zeeman effect is
the removal, in the presence of a magnetic field, of the degeneracy of a
level of total non-zero angular momentum of an atom (or a molecule),
allowing for the appearance of characteristic splittings in frequency,
which are observable in corresponding energy spectra. The frequency-
amplitude of Zeeman splitting, ∆ν, is directly proportional to the LOS
component of the magnetic field,B‖, so that, in principle, the measure
of ∆ν is sufficient to obtain B‖ in the region of interest.

In practice, however, interstellar magnetic fields are usually very
weak (see table 1.1) producing Zeeman splittings that are much smaller
than the measurable frequency shifts. Under these conditions, one
measures the difference between the spectra in the two circular po-
larizations (the Stokes parameter V) of the atomic and molecular
transitions, which is proportional to B‖.

Today we have access to a vast number of Zeeman measurements
done on suitable species such as the 21 cm line of HI (in atomic clouds)
and several centimeter lines of OH and other molecules (in molecular
clouds). With appropriate statistical corrections for projection effects,
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it is found that in atomic clouds, the field strength is typically a few
µG (median value 6µG), with possibly a slight tendency to increase
with increasing density [221, 86], while in molecular clouds, the field
strength increases approximately as the square root of density, from
∼ 10µG to ∼ 3000µG [34, 35].

spectral-line linear polarization At radio-frequencies, lin-
ear polarization can also arise in spectral lines, even for negligible
Zeeman splitting. This effect is called the Goldreich-Kylafis effect [65],
and it can be used to probe magnetic field morphologies in molecular
clouds. The polarization arises from a velocity gradient in the medium
that produces an anisotropic line optical depth. The direction of the po-
larization can be either parallel or perpendicular to the magnetic field,
depending on the relative orientation between the LOS, the magnetic
field, and the velocity gradient. Although this theory makes specific
predictions for parallel or perpendicular field to the line polarization,
until now, few observational detections have been made [137]. The
Planck data will represent another mean of exploration for the future.

faraday rotation In the ionized ISM magnetic fields can be
probed with Faraday rotation measures of Galactic pulsars and extra-
galactic sources of linearly polarized radio waves. Faraday rotation
of a linearly polarized radio wave occurs when the wave propagates
along the magnetic field of an ionized region, as a result of its interac-
tion with free electrons spinning about magnetic field lines. Linearly
polarized radiation is equivalent to the sum of two circularly polarized
waves with opposite senses. The propagation of this combinations of
waves in a magnetized plasma leads to a phase shift of the plane of
polarization. The angle by which the direction of polarization rotates
is an average quantity, integrated along the LOS, equal to wavelength
squared, λ2, times the socalled rotation measure,

RM = C

∫L
0

ne B‖ ds, (1.1)

where C is a constant, ne the free-electron density, B‖ is the component
of the magnetic field along the LOS, and L the length of the path from
the source to the observer. In practice, the rotation measure of a
given radio source can be determined by measuring the direction
of polarization of the incoming radiation at at least two different
wavelengths.

Typical interstellar RMs of ≈ 50 rad/m2 lead to 126◦ rotation of the
polarization plane at λ = 21 cm, 10◦ at λ = 6 cm, and 3◦ at λ = 3 cm.
For shorter wavelengths Faraday rotation is generally small. Maps
of Faraday RMs give the strength and the direction of the average
field components along the LOS. RMs are therefore unique to identify
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reversals of the magnetic field direction.

synchrotron radiation Magnetic fields may be characterized
observing synchrotron emission. This radiation is produced by rela-
tivistic electrons gyrating about magnetic field lines. The synchrotron
emissivity at a given frequency ν due to a power-law energy spectrum
of relativistic electrons, f(E) = KeE−γ, is given by

Eν = F(γ)KeB
γ+1
2

⊥ ν−
γ−1
2 , (1.2)

where F(γ) is a known function of the electron spectral index and B⊥
is the POS component of total magnetic field. To model the spatial
distribution of the Galactic synchrotron emissivity [19], two standard
assumptions are usually considered: relativistic electrons represent
a fixed fraction of the cosmic-ray population, and cosmic rays and
magnetic fields are in (energy or pressure) equipartition[53]. Because
synchrotron radiation is strongly linearly polarized perpendicular to
B⊥, information can also be gained on the orientation of the field
projected on the POS. However, if the observing frequency is too
low to avoid Faraday rotation, the received polarized signal must be
de-rotated in order to recover the true magnetic field orientation. In
addition, if the magnetic field has a turbulent component, the contri-
butions from isotropic magnetic fluctuations to the polarized emission
cancel out, leaving only the contribution from the ordered magnetic
field. Thus, while the total synchrotron intensity carries information
on the strength of the POS magnetic field, the polarized synchrotron
intensity provides the orientation of the ordered magnetic field on
the POS. As polarization measurements only give the orientation of
the field, and not its direction, synchrotron polarization is not able to
distinguish between regular fields, defined to have constant directions,
and anisotropic fields, which are turbulent fields frequently reversed
in direction [12].

1.3 galactic magnetic fields : strength , shape , and ori-
gin

Most of what is known today about galactic magnetic fields comes
from the detection in the radio band of synchrotron radiation, Faraday
rotation, and Zeeman splitting. Synchrotron polarization of nearby
galaxies reveals that magnetic fields in the ISM can show very regular
topologies. However, random motions, produced by galactic shears
and stellar activity, generate a turbulent component of the field, whose
interaction with the ordered component is not understood yet.

The ordered fields traced by the polarized synchrotron radiation
of external spiral galaxies have stronger strengths (10− 15µG) in the
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Figure 1.2: Left: total radio emission (contours) and magnetic field vectors
of M51, from combined observations at 6 cm wavelength with
VLA and Effelsberg telescopes at 15 ′′ resolution [56], overlaid
onto the optical image from HST. Right: total radio emission (84 ′′

resolution) and magnetic field vectors of NGC891, observed at
3.6 cm with the Effelsberg telescope [126].

interarm regions, where the field appears mostly oriented parallel to
the adjacent optical arms. These ordered fields can be seen in some gas-
rich spiral galaxies with high star-formation rates, such as M51 (see
left panel in Fig. 1.2)[56]. On the other hand, radio-faint galaxies, such
as M31 and M33 [25, 18], have usually weaker total magnetic fields
of about 5µG. The strongest total fields, of 50− 100µG, are found
in starburst galaxies, as M82 and NGC4038/9 [30], and in nuclear
starburst regions, like in the centers of NGC1097 and other barred
galaxies [14].

Although the intrinsic degree of linear synchrotron polarization is
about 75%, the observed one is much smaller, for instance, within
the spiral arms it is only a few %. Depolarization by differential
Faraday rotation within the beam [209], may explain part of this low
synchrotron polarization. On the other hand, the field in the spiral
arms might also be mostly tangled or randomly oriented because of
the turbulent gas motions related to star formation activity.

Even though today no doubt would be casted on the existence
of galactic magnetic fields, their origin and amplification are still
highly debated. According to the primordial field theory, the observed
magnetic fields might be simply the relic of a coherent field existing in
the early Universe, before the formation of the first galaxies. The gas

9



motions associated with the collapse of the protogalaxies would have
then compressed the lines of force of the ambient magnetic field (due to
the high conductivity of the gas), while the differential rotation of the
young galaxies would have wrapped the field about their center. Today,
the generation and amplification of galactic magnetic fields is most of
all described by the dynamo theory. The dynamo amplification process
is due to small-scale turbulent cyclonic motions (with a preferred sense
of rotation under the action of the Coriolis force), which stretches and
twists the magnetic field lines imparting them a net rotation, and
creating a component of the field in the direction perpendicular to
the prevailing field (this effect is called alpha-effect). Hence, in the
dynamo theory, the large-scale differential rotation stretches magnetic
field lines in the azimuthal direction about the galactic center, while
small-scale cyclonic turbulence regenerates the meridional component
of the field from its azimuthal one, leading to the observed magnetic
field amplification in galaxies[54].

Faraday rotation measurements, in some galaxies such as M31 and
IC352 [63], confirm the presence of large-scale patterns (see M51 in
the left panel of Fig. 1.2), which might be signatures of regular fields
generated by dynamos. Strong magnetic fields are also observed in
radio halos around edge-on galaxies (see right panel in Fig. 1.2), out to
large distances from the plane, where ordered halo fields usually form
X-shaped patterns, which might also result from dynamo theories
[126].

What about the Milky Way? For our own Galaxy, we cannot get a
bird’s eye-view of the patterns of the field lines, as we do for nearby
galaxies, but we have to infer about the whole structure of the field
from being within the Galaxy itself. Faraday rotation, synchrotron,
and starlight polarization observations across the Milky Way, have
spotted so far some of the main characteristics of the GMF.

The first extensively used technique to probe the GMF properties
consisted in RM, through which it was discovered that the field is
composed by a regular component, Breg, and a turbulent one, Bturb.
Near the Sun, Breg ∼ 1.5µG, increasing toward the Galactic center
[76], and Bturb ∼ 5µG [197]. About the structure of the field, in the
Galactic disk, Breg is nearly horizontal and dominated by its azimuthal
component. Near the Sun, it runs clockwise at an angle of ∼ −8◦ to
the azimuthal direction [77], very close to the pitch angle of ∼ −7◦

inferred from starlight polarization. Starlight polarization also helped
in determining a first estimate of the direction and curvature of the
local magnetic field pointing toward l = 83◦ ± 4◦, with radius of
curvature of 8.8± 1.8 kpc (close to the direction of the local spiral arm
in the vicinity of the Sun [84]). Through RM data, several reversals of
the regular component were found [198, 77], mainly located within
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the interarm regions, reflecting the analogy with the spiral patterns of
external galaxies.

Models of the large scale pattern of the GMF are also constrained by
sky maps of polarized radiation at radio wavelength of synchrotron
emission (408 MHz continuum map of the entire sky and WMAP maps
[78, 16]). These data, together with RM measurements, pushed further
the modelling, both analythical and numerical, of the 3D large-scale
structure of the ordered component of the GMF [214, 213].

The description of the properties of interstellar magnetic fields has
notably improved in the last decade, thanks to the wealth of data and
detailed models (both analytical and numerical). However, our current
view remains still incomplete.

The actual role of the magnetic field in the ISM at scales where the
field contributes to support the ordinary matter against its own weight
in the Galactic gravitational potential, and confine cosmic rays to the
Galactic disk, partaking in the overall stability of the ISM[22], is yet to
be elucidated. As well, the impact of magnetic fields in the formation of
structures in the turbulent ISM from the diffuse medium to molecular
clouds, which eventually undergo to gravitational collapse and form
stars remains uncertain[163, 153].

Along this line of thought, in this manuscript, we investigate three
main subjects regarding the characterization of the GMF properties:

• probing the direction of the ordered component of the field in
the vicinity of the Sun;

• studying the fluctuations of the field at scales relevant to the
formation of interstellar clouds;

• analyzing the correlation of the GMF structure with that of
matter in the ISM.

In order to put in context the second and third goals, the next chapter
will focus on interstellar turbulence, a fundamental and unavoidable
ingredient to describe the dynamics of the ISM.
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2
T H E T U R B U L E N T A N D M A G N E T I Z E D I S M

I am an old man now, and when I die and go
to Heaven, there are two matters on which I
hope for enlightnment. One is QED and the

other is the turbulent motion of fluids. About
the former I am rather optimistic.

- Horace Lamb (1932)

At the beginning of the 1970’s, thanks to several studies on the
chemistry of the ISM, two main discoveries were achieved. First, obser-
vations of the J=1-0 transition of carbon monoxide (CO) [231] revealed
that molecules populated the interstellar space in particular within
dark islands observable in the visible (more in Ch. 3). The knowledge
of the CO spectroscopy was sufficient to infer that the line emit-
ting gas of those interstellar clouds was cold enough (∼ 10K) and
dense (n > 100cm−3), with an abundance of CO relative to H2 up to
[CO]/[H2] < 10−4. Heterodyne observations with a high spectral reso-
lution of molecular lines and also of the 21 cm line from the diffuse
ISM [82], began to set the ground for the study of turbulence in the
ISM [9]. In 1981 Larson [128] compiled a catalog of several molecular
clouds observed in lines of 13CO and few other molecules, and de-

Figure 2.1: Field of view of 30× 24 degrees around the Orion constellation
of a composite of IRAS data centered at 12µm, 60µm, and 100µm.
This infrared image highlights the vast areas of interstellar dust
(see Ch. 3).
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Figure 2.2: Three colours Herschel maps (250µm, 350µm, 500µm) of the
Aquila rift (top), Carina nebula (middle), and the Rosette nebula
(bottom) [5], which trace local heating by newly formed stars.

termined that their internal velocity dispersion was well correlated
with the size and mass of each region, following Kolmogorov-like
power-laws for incompressible turbulence (see Sect. 2.1).

Although highly debated for almost two decades, the role of tur-
bulence in the ISM became striking when the Infrared Astronomical
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Satellite (IRAS) observed the first interstellar cirrus and other clouds
in emission at ∼ 100µm [141]. The all-sky and the good dynamic range
of this survey revealed the full structural complexity of the diffuse
ISM and molecular clouds (see Fig. 2.1). The intricated fractal pat-
terns of filamentary structures in the ISM appear also in more recent
observations of CO and HI, and in the high resolution maps (tens
of arcseconds) of molecular clouds and the diffuse ISM [155] in the
infrared range by the Herschel space observatory (see Fig. 2.2).

All these observations opened the path to the study of the turbulent
nature of the ISM. Turbulence is crucial for understanding the wide
picture of Galactic dynamics starting from the largest scales to the
formation of molecular clouds, where star-formation and feedback
occur. Much less is known about magnetic fields and their coupling

Figure 2.3: Set of diffuse cloud and molecular cloud Zeeman measure-
ments of the magnitude of the line-of-sight component Bz of
the magnetic field and their 1σ uncertainties, plotted against
n(H) = n(H)or2n(H2) for HI and molecular clouds, respectively.
Different symbols denote the nature of the cloud and source of
the measurement: HI diffuse clouds, filled circles; dark clouds,
open circles; dark clouds, open squares, molecular clouds, filled
squares; and molecular clouds, stars. By convention, positive Bz
denote fields pointing away from the observer and vice versa.
The solid line segments show the most probable model from
the comprehensive analysis in Crutcher et al. [36]. Also shown
(plotted as dotted line segments) are the ranges given by accept-
able alternative model parameters to indicate on the Bz plane the
uncertainty in the model.

with interstellar turbulence. Radio measurements of synchrotron linear
polarization showed narrow one-dimensional structures of complete
depolarization, depolarization canals, interpreted as sudden changes
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either in the electron density or in the magnetic field orientation due
to interstellar turbulence [80, 61, 81].

On the other hand, studying the magnetic field strength through
Zeeman splitting measurements, Crutcher et al. [36] gathered data
from HI, OH [86], and CN [34, 48] observations of the LOS component
of the magnetic field, and studied the dependence of the strength of the
field on the inferred gas density. They first found that the turbulent and
magnetic energies in all their clouds, including star-forming regions,
were in approximate equipartition. Moreover, they observed that up
to densities of 300 cm−3 there was no sign of correlation with the
magnetic field strength, and that above this threshold the observed
values were consistent with an increase proportional to n0.65

H (see
Fig. 2.3). This brake is thought to be associated with the formation
of gravitationally bound structures. The origin of this trend has to
be related to the interplay between turbulent motions and magnetic
fields together with self-gravity. However, the present understanding
of the respective roles in the dynamics of the ISM is still fragmentary.

In the following chapter we put in context the formation of the fila-
mentary structures in the ISM from the diffuse medium to molecular
clouds. We discuss a possible scenario in Sect. 2.3, after introducing
the basics of turbulent phenomena in Sect. 2.1, and describing the
role of numerical simulations in the study of interstellar turbulence in
Sect. 2.2.

2.1 principles of hydro and magnetic turbulence

Observe the motion of the surface of the water which resembles that of hair,
and has two motions, of which one goes on with the flow of the surface, the
other forms the lines of the eddies; thus the water forms eddying whirlpools

one part of which are due to the impetus of the principal current and the
other to the incidental motion and return flow.

Leonardo da Vinci - Codice Atlantico

Turbulence is ubiquitous in nature. The rustling of leaves, as well as
water vortices, have something in common with the dynamics of the
ISM. Turbulence occurs whenever the movement of a fluid (or fluid
flow) becomes irregular and chaotic. In the presence of low viscosity
and large velocity, the smooth flow of laminar motion of a fluid
brakes into turbulent eddies. Hydrodynamic turbulence arises because
nonlinear advection generates severe distortions of the velocity field
by stretching, folding, and dilating the fluid elements. The dynamics
of an element of fluid are described by the Navier-Stokes equation. In
order to derive this equation let’s consider, for the time being, the
dynamics of a perfect fluid, where no microscopic dissipative process
occurs. The dynamics of such a flow are so that the variation of mass,
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with respect to time, flowing through an arbitrary volume V0, is equal
to the mass flux crossing the surface S0 that surrounds V0,

∂

∂t

∫
V0

ρdV = −

∫
S0

~Φ · n̂dS, (2.1)

where ρ is the mass density, ~Φ = ρ~u is the mass flux, ~u the velocity
of the flow, and n̂ is the normal vector to the surface. Applying the
Gauss theorem, Eq. (2.1) reads as

∂

∂t

∫
V0

ρdV = −

∫
V0

~∇ · (ρ~u)dV , (2.2)

from which we can derive the continuity equation

∂ρ

∂t
+ ~∇ · (ρ~u) = 0, (2.3)

which expresses the conservation of the mass for the flow of a perfect
fluid.

According to the Newton’s second law of motion, the acceleration
that an element of inviscid fluid experiences due to the pressure P of
the flow is defined by the Euler equation,

ρ
d~u

dt
= −~∇P. (2.4)

Given any function f(t, x,y, z) of space and time, such as the velocity
field, its total derivative with respect to time, can be written as

df

dt
=
∂f

∂t
+
∂x

∂t

∂f

∂x
+
∂y

∂t

∂f

∂y
+
∂z

∂t

∂f

∂z
=
∂f

∂t
+ ~u · ~∇f, (2.5)

thus, the Euler equation can be re-written as,

ρ

[
∂~u

∂t
+ (~u · ~∇)~u

]
= −~∇P. (2.6)

The momentum ρ~u along each direction of motion has to be conserved,

∂ρui
∂t

= ρ
∂ui
∂t

+ ui
∂ρ

∂t
, (2.7)

and making use of the Euler and continuity equations, Eq. (2.7) be-
comes,

∂ρui
∂t

= −
∂δikP

∂xk
−ρuk

∂ui
∂xk

−ui
∂(ρuk)

∂xk
= −

∂δikP

∂xk
−
∂(ρuiuk)

∂xk
. (2.8)

The conservation of the momentum can be therefore expressed as

∂ρui
∂t

= −
∂Πik
∂xk

, (2.9)
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where Πik = Pδik + ρuiuk is called momentum flux tensor.
On the other hand, when viscous forces are taken into account, to

characterize the dynamics of the flow one has to consider the transfer
of momentum and energy at microscopic scales, which is described
by the viscous stress tensor,

σik = η

(
∂ui
∂xk

+
∂uk
∂xi

−
2

3
δik
∂ui
∂xi

)
+ ζδik

∂ui
∂xi

, (2.10)

in which η and ζ correspond to the dynamic and volumn viscosities
respectively (positive defined quantities). If we re-define the momen-
tum flux tensor as Πik = Pδik+ ρuiuk−σik, from Eq. (2.9), we finally
obtain the Navier-Stokes equation,

∂~u

∂t
+ (~u · ~∇)~u = −

~∇P
ρ

+ ν~∇2~u+
1

ρ

(η
3
+ ζ
)
~∇(~∇ · ~u), (2.11)

where ν = η/ρ is the kinematic viscosity. In the simplified case of
incompressibility of the flow (constant density) the divergence of the
velocity field vanishes (as a consequence of the continuity equation),
and Eq. (2.11) can be written as,

∂~u

∂t
+ (~u · ~∇)~u = −

~∇P
ρ

+ ν~∇2~u. (2.12)

The transition from laminar to turbulent regime depends on the
ratio between the advection ((~u · ~∇)~u) and the viscous (ν~∇2~u) terms
for the fluid flow. This ratio defines the socalled Reynolds number (Re)
which is regarded as Re = ull/ν, being ul the characteristic velocity
at the scale l. If the viscous forces at the scale l are not strong enough
to compensate the advection term, Re� 1, then the flow is considered
turbulent (i.e., in general turbulent flows have Re > 100). Conversely,
if Re < 1 the flow of fluid mantains its laminar motion. Therefore, the
lower (higher) the viscosity (velocity) of the fluid, the more turbulent
the flow is. In fact, most of the fluids have extremely low viscosities,
hence their motions tend to be inherently unstable. In a turbulent
medium, the instabilities that are generated at a scale L, such that
ReL � 1, propagate transferring kinetic energy to the smaller scales,
until the local Re number becomes low enough that the kinetic energy
is dissipated by the fluid viscosity with the release of heat. This energy
cascade was first hypothesized by L.F. Richardson in 1922, and later
theorized by A. Kolmogorov in the 1940s [121]. The basic idea is that,
in an incompressible flow, the energy, injected at some large integral
scale, isotropically cascades from an eddy to smaller ones (inertial
domain) by kinetic-energy-conserving interactions that are local in the
Fourier space at a rate independent of the scale (scale invariance), until
the dissipation scale is reached.

Because of its stochastic nature, turbulence can be characterized by
statistical tools such as structure functions, autocorrelations, power

17



Figure 2.4: Theoretical trend of the Kolmogorov’s energy spectrum for incom-
pressible turbulence. E(k) ∝ k−5/3 in the inertial regime between
the integral and the dissipation scales.

spectra, energy spectra, and delta variance. In the Kolmogorov’s de-
scription of incompressible turbulence, the dissipationless cascade is
characterized by a transfer rate of kinetic energy independent of the
scale, ∼ u3/l, from which the velocity u at the scale l is u ∼ l1/3. Un-
der this assumption the energy spectrum E(k) = 4πk2P(k) becomes
E(k) ∝ k−5/3 (see Fig. 2.4), being k = 2π/l the wavenumber, and
P(k) ∝ k−11/3 the 3D power spectrum (P(k) ∝ k−8/3 the 2D and
P(k) ∝ k−5/3 the 1D).

This interpretation is valid for incompressible flows. How to say
wheter or not a flow is incompressible? Any instability within a flow
tends to propagate at the speed of sound of the specific fluid cs ∝√
KBT/m, where T is the temperature of the medium and m the mass

of the elements that compose the fluid. Let’s now consider a fluid
flow with characteristic velocity u. If u > cs then the flow is called
super-sonic, vice versa, if u < cs the fluid flow is sub-sonic. The state of
turbulence is therefore characterized by the Mach number (M) of the
flow, defined as the ratio u/cs. A flow is considered incompressible
when M < 0.3. For increasing velocities the flow changes from sub-
sonic (M < 1) to super-sonic (M > 1), passing through the tran-sonic
regime for M ∼ 1.

Another property of turbulence, postulated by Landau and Lifshitz
in 1959, is intermittency. The idea resides in the non-uniformity in space
and time of the energy cascade. Intermittency corresponds to the short-
lived existence in space and time of regions with large vorticity or
velocity gradients, such that the statistics are not randomnly Gaussian.
Thus, intermittency means a non-gaussian probability distribution
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of all the quantities where velocity gradients occur, i.e. two point
correlation function.

In the ISM the description of scaling laws from turbulence is more
complicated than the Kolmogorov’s approach. Although it is licit to
approximate the interstellar plasma as a fluid (the mean-free path of
the gas and dust particles in the ISM is much smaller than the typical
dynamical scales), the presence of magnetic fields, self-gravity, and
compressibility distort the velocity field, exert feedback on it, and
contribute to change the statistics of the turbulent flows.

2.1.1 MHD turbulence

If a conducting liquid is placed in a constant magnetic field, every motion
of the liquid gives rise to an elettromagnetic field, which produces electric
currents. Owing to the magnetic field, these currents give mechanical forces
which change the state of motion of the liquid [3]. In 1942 H. Alfvén, the
father of the magneto-hydrodynamics (MHD), thus described the ef-
fects of magnetic fields in turbulent flows. One of the main differences
between hydro and MHD turbulence arises because the magnetic
field does give a preferred direction for forces. Under this condition
a plasma develops anisotropies characterized by turbulent velocity
fluctuations with longer correlations along the field than transverse
to it. These perturbations are called Alfvén waves and are produced
by ions that oscillate in response to a restoring force provided by an
effective tension on the magnetic field lines. The effects of electromag-
netic fields in the dynamics of a plasma derive from the Maxwell’s
equations:

~∇ · ~E = 4πρe, (2.13a)

~∇× ~E = −
1

c

∂~B

∂t
, (2.13b)

~∇ · ~B = 0, (2.13c)

~∇× ~B =
4π~j

c
+
1

c

∂~E

∂t
, (2.13d)

where ~E and ~B are the electric and magnetic fields respectively, ρe
is the charge density and ~j the current. A plasma is a quasi-neutral
system composed by ionized particles, both electrons (of density ne
and velocity ~ue) and ions (of density ni, velocity ~ui, and charge Ze).
Thus, the current, which takes into account both contributions, reads
as

~j = Zeni~ui − ene~ue. (2.14)

In a plasma the total charge density is zero, and Zeni = ene. Moreover,
from the second equation of Maxwell, we can derive the ratio between
electric and magnetic fields, E/B ≈ u/c (where u is a characteristic
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velocity at the spatial and time scales of the fields). If the motions of
plasma are not relativistic (u� c) then the effects of the electric field
in the plasma can be neglected, and the Ampere’s law becomes a good
approximation for the fourth Maxwell’s equation,

~∇× ~B =
4π~j

c
. (2.15)

In the Navier-Stokes equation for the dynamics of a viscous flow
(Eq. (2.11)), the presence of the magnetic field results in two additional
terms due to the Lorentz’s force, which acts both on the ions and on
the electrons,

~Fmag = Zeni

(
~E+

1

c
~ui × ~B

)
− ene

(
~E+

1

c
~ue × ~B

)
. (2.16)

If we now use the Ampere’s law (Eq. (2.15)) this equation can be
written as

~Fmag =
1

c
~j× ~B =

1

4π
~∇× ~B× ~B, (2.17)

and making use of the algebra of the cross pruduct, we obtain

~Fmag =
1

4π
(~B · ~∇)~B− ~∇

(
B2

8π

)
. (2.18)

The first term in the equation is the magnetic tension, while the second
term represents the gradient of magnetic pressure. The magnetic ten-
sion appears anytime the field lines bend. The magnetic pressure is
isotropic and occurs when B changes from position to position.

The Alfvén waves in such a plasma propagate at the Alfvén speed
defined as vA = B/

√
4πρ, being ρ the total mass density of the plasma.

The turbulent flow, beside being super/sub-sonic, can be characterized
by the Alfvénic Mach number MA = u/vA, so that, if MA > 1 the
flow is super-Alfvénic, whereas if MA < 1 the flow is sub-Alfvénic.
While the former case corresponds to low magnetized plasmas, where
perturbations in the velocity field dominate the whole dynamics, the
latter case, sub-Alfvénic regime, occurs for intense magnetic fields
which become dynamically more important for the evolution of the
flow.

The presence of the magnetic field also changes the Kolmogorov-
like scaling laws of energy transfer in the turbulent cascade. This is
a very debated topic, however since the 1960’s two main approaches
have been followed. The first attempt to establish a spectrum for MHD
turbulence was done by Iroshnikov and Kraichnan [102, 123]. As-
suming that the turbulent eddies are isotropic, with the same spatial
extension in the field-parallel and field-perpendicular directions, they
found an energy spectrum slightly shallower than the Kolmogorov
law, proportional to k−3/2. However, the isotropic assumption appears
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today out of date. An important step forward was made by Goldreich
and Sridhar in 1995 [66] who developed a theory which takes into
account the anisotropy of the eddies in MHD. They suggested that,
as the energy cascade proceeds to smaller scales, turbulent eddies
progressively become elongated along the large-scale field. More pre-
cisely, they found that the energy transfer time is different from the
Iroshnikov-Kraichnan estimate, and identical to that of Kolmogorov.
This leads to a scaling for the field-perpendicular energy spectrum,
E(k⊥) ∝ k

−5/3
⊥ .

Even more complicated is the case of MHD turbulence in which
all the ingredients of the ISM dynamics, such as self-gravity and
compressibility of the flow, are considered. In the most general case,
the dynamical evolution of such a system, must satisfy the Navier-
Stokes equation complemented by the Poisson equation, the energy
equation and the equation of magnetic flux conservation. The full
system of equations is the following,

∂ρ

∂t
+ ~u · ~∇ρ = −ρ~∇ · ~u, (2.19a)

ρ

(
∂~u

∂t
+ ~u · ~∇~u

)
= −~∇

(
P+

B2

2µ0

)
− ~∇φ+

+ ν
[
∇2~u+

~∇(~∇ · ~u)
3

]
+
1

µ0
(~B · ~∇)~B,

(2.19b)
∂e

∂t
+ ~u · ~∇e = −(γ− 1)e~∇ · ~u+ Γ −nΛ, (2.19c)

∂~B

∂t
+ ~∇× (~B× ~u) = −~∇× (η~∇× ~B)+

+ ~∇×
{ ~B

4πγcρnρi
× [~B× (~∇× ~B)]

}
,

(2.19d)

∇2φ = 4φGρ, (2.19e)

where ρ is the mass density (the subscript n refers to the neutral
particles and i to the ions), ~u is the velocity vector, P is the pressure,
e is the internal energy per unit mass, ~B is the magnetic field vector,
φ is the gravitational potential, ν is the kinematic viscosity, µ0 the
magnetic permeability, η is the electrical resistivity, γc is the collisional
coupling constant between neutrals and ions in a partially ionized
medium, nΛ− Γ is the net cooling that affects the compressibility of
the gas, and G is the gravitational constant[224].

These five equations, to solve simultaneously given some initial
and boundaries conditions, are characterized as follows: Eq. (2.19a) is
the continuity equation; Eq. (2.19b) is the full Navier-Stokes equation;
Eq. (2.19c) represents the conservation of internal energy, being Γ
the heating function and Λ the cooling function; Eq. (2.19d) is the

21



magnetic induction equation; and Eq. (2.19e) is the Poisson equation
giving the gravitational potential.

It is important to mention that Eq. (2.19d) corresponds to the con-
servation of the magnetic flux Φ, when considering both infinite
conductivity of the medium (zero electrical resistivity), and perfect
coupling between neutrals and ions. This last condition goes under
the name of flux freezing, and implies that the interstellar gas can slide
freely along field lines, but drags the field lines with it when flowing
perpendicularly to them. The first right term represents the dissipation
of the magnetic flux due to electrical resistivity, and the second right
term is the flux loss due to the separation of neutral and charged
particles (ambipolar diffusion).

Given the high number of degrees of freedom of the equations
above, the complete dynamical evolution of a MHD turbulent flow
has not an analytical solution. Until now, much of our understanding
about MHD theory comes from numerical simulations, which, thanks
to the increase of computing power and also to the use of new nu-
merical schemes (such as adaptive mesh refinement (AMR)), are now
considered realistic experiments to learn about interstellar turbulence.

2.2 numerical simulations

Frustra fit per plura quod fieri potest per pauciora.
- William of Ockham

Numerical simulations of MHD equations provide the only means
by which we can study interstellar turbulence in action, although what
is seen depends on several aspects and approximations, such as the
included physical processes, whether and how an external forcing
is applied, the dimensionality of the simulations, the discretization
technique, and the spatial resolution.

The first numerical experiments srtarted at the end of the 1980’s,
and they were hydro, 2D, and with [132] or without [169] gravity.
The first MHD simulations, on the other hand, came few years later
and were nongravitating and compressible [235]. Since the beginning,
these works were greatly expanded to include many aspects of the
ISM such as magnetic fields, realistic heating and cooling, stellar
feedback and Galactic shear [29, 226, 227]. By the late 1990’s, 3D
MHD simulations of isothermal molecular clouds without self-gravity
were performed [142, 212, 166] and compared with observations of
interstellar turbulence [165].

Three-dimensional simulations represented an incredible achieve-
ment since they give access to the whole structure of the turbulent
field. Hence, it is possible to study the effects of projection, which
characterize any observation, such us line-of-sight velocities, column
densities, and magnetic fields.
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Although MHD simulations are powerful tools to probe interstellar
turbulence, they suffer from several limitations. As an example, the
dynamic range of spatial scales that can be tackled in the simula-
tions remains restricted. While the effective Re number of numerical
simulations is not larger than 104 [91], its value within molecular
clouds is larger than 106 − 107. Moreover molecular clouds, are not
isolated systems, they are dynamically related to their environment.
This makes the limitation of the range of scales in simulations very
important, since ideally one should not treat only the molecular clouds
but also the diffuse ISM in which they form and are embedded. The
complexity of the interstellar physical processes is the other outstand-
ing difficulty that simulations are facing. In the ISM, thermal, kinetic,
magnetic, radiative and cosmic ray energies are all on the order of
∼ 1eV cm−3. This energy equipartition suggests that these processes
are coupled to each other. Adding self-gravity for the densest parts
of the interstellar gas, this makes six fields of knowledge, which are
interacting in the cloud evolution and the star-formation process. An-
other open question is establishing both what is causing turbulence at
the integral scales in the ISM and where the energy cascade goes to
dissipation. In the ISM energy is actually injected over a wide range of
scales, from kilo-parsec disturbances in the spiral density waves, shear
instabilities, and superbubbles, to tens of parsecs of explosions of su-
pernovae, massive-star winds, and HII regions, to sub-parsec motions
in low-mass stellar winds and stellar gravitational wakes, to astronom-
ical unit-sized motions powered by cosmic ray streaming instabilities.
Nowadays, simulations usually trigger large-scale turbulence either
by converging flows of WNM [92, 7], or by shocks propagating in the
WNM [122, 101] or by turbulent driving in the Fourier space [205],
while the dissipation scale in simulations depends on the numerical
resolution. Regardless of all these limitations in bridging simulations
with observations, our understanding of the ISM has benefited greatly
from numerical simulations. In Fig. 2.5 we show for illustration a
snapshot of the 3D MHD simulation by Hennebelle et al. [90] of a
giant molecular complex at the interphase of two WNM colliding
flows, which reasonably reproduce the statistical properties of obser-
vational measurements and the visual appearance of molecular clouds
as shown in Fig. 2.2.

Through numerical simulations it was verified that supersonic tur-
bulence decays quickly (within few dynamical time-scales)[212], sug-
gesting that also star formation is equally fast, forcing a link between
cold clouds and their energy-rich environments [10]. Simulations also
predicted, although still controversial, a universal lognormal probabil-
ity function for density in an isothermal gas [223, 164], implying that
only a small fraction of the gas mass can ever be dense enough to let
the gravitational collapse occuring (explaining the low efficiency of
star formation).
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Figure 2.5: Column density (left), and magnetic field (right) of a simulation
snapshot of molecular cloud formation [90]. While the total mag-
netic intensity is shown, the arrows indicate the direction of the
field in the XY plane.

Numerical simulations contribute to our understanding of structure
formation in the ISM from the diffuse medium to molecular clouds,
as further detailed in next section.

2.3 a scenario of structures formation in the ism

Self-similar filamentary structures are spread everywhere in the ISM,
both in the diffuse medium and in molecular clouds. The formation
of these structures is a heavily discussed and debated process, which
involves the interplay between self-gravity, interstellar turbulence and
magnetic fields. For instance, observations tell us that some molecular
clouds are not contracting under self-gravity although their mass
exceeds the classical Jeans threshold of gravitational collapse. The
additional support against gravity must come from turbulence and
magnetic fields in the ISM, with distinct roles.

Most of what we know today about the formation of interstellar
structures comes from the development of numerical simulations.
Although no benchmark scenario exists yet, numerical simulations
show that the first step of structure formation has to be related to the
non-linear development of thermal instability triggered by supersonic
turbulence in the WNM (i.e., converging flows, shears, shocks) [55,
233, 234]. The two phases of thermal equilibrium in the neutral atomic
gas of the diffuse ISM are often characterized by pressure-density
(P−n), or temperature-density (T −n), diagrams as those shown in
Fig. 2.6. The thermal stability, however, is not always preserved along
the two solid curves in the figures, but only where dP/dn > 0. Hence,
the zone delimited by the two vertical dashed lines represents the
thermally unstable region. Any perturbation of the HI gas, which is
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Figure 2.6: Equilibrium temperature (bottom) and pressure (top) as a func-
tion of density. These equilibrium curves are computed for stan-
dard heating and cooling in the diffuse ISM [234]. The dashed
horizontal line corresponds to the average pressure of the colde
diffuse ISM as measured by Jenkins & Tripp [109]. The dotted
lines show the maximum and minimum pressures that include
99% of the data of Jenkins & Tripp [109]. The dashed vertical lines
constrain the range of thermal instability.

in the instability range moves towards the colder and denser branch.
The bi-stability of the HI is only present in a given range of pressure,
determined by the maximum density of the warm branch (n ∼ 0.8
cm−3) and the minimum density of the cold branch (n ∼ 7 cm−3). For
P < 1000 K cm−3 no CNM can form and for P > 6000 K cm−3 all the
HI is in the cold phase at equilibrium.

Simulations do show that the WNM flow breaks-up into a multi-
phase medium, where efficient molecular cooling produces dense
clumps of cold CNM (few tens of K) confined by the warmer external
medium. Moreover, MHD simulations show that, at this stage of
structure formation in the diffuse ISM, magnetic fields, frozen into
matter, do not change dramatically the above scenario [203].

Once CNM clumps are formed, the condensation proceeds further
thanks to gravity [90, 225]. This is what is shown in Fig. 2.5, where
dense cold clumps have formed out of the warmer diffuse gas. At a
few locations, the temperature abruptly varies from 104K to 10K. In
some of these regions gravitational collapse has already occurred. In
order to reach the phase of collapse, a clump has to become gravita-
tionally bound, thus, it is needed to gather enough mass in it to go
over a column density threshold, which depends on the turbulent mo-
tions and gas temperature. The chemistry of the medium is therefore
another relevant step to the structure formation. UV-driven chemistry
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has been introduced either directly during the simulation [64] or as
a post-treatment of the WNM colliding flow simulations [134]. This
allows a proper treatment of the combined influence of density and
UV-shielding upon chemistry and cooling.

What about magnetic fields? To estimate the support against gravity
due to the magnetic field let’s make an order-of-magnitude estimate of
the ratio of the magnetic over gravitational energies for a spherical and
uniform cloud of mass M, volume V , radius R, and uniform magnetic
field of strength B,

Emag

Egrav
∝ B

2V

8π
× R

GM2
∝ B

2R4

M2
∝
(Φ
M

)2. (2.20)

The ratio, obtained for this very simple cloud configuration, is in-
dependent on the volume of the cloud, therefore on its contraction.
Hence, there is a critical value of B for which the gravitational collapse
is impeded. In general, we define the condition for collapse as having
a cloud with a mass-to-flux ratio greater than this critical value. We
can state the mass-to-flux ratio in units of the critical value by defining
λ = (M/Φ)obs/(M/Φ)critic. Measuring the column density N and the
magnetic field |~B| we are enabled to infer the value of λ,

λ = (M/Φ)obs/(M/Φ)critic =
mNA/|~B|A

1/2π
√
G

= 7.6× 10−21N(H2)

|~B|

µG
cm−2

,

(2.21)

where m = 2.8mH allowing for He, A is the cloud area of observations.
If λ > 1 the cloud is called supercritical, whereas, if λ < 1 the cloud is
subcritical, and the collapse is inhibited.

One of the main problems with magnetic support is establishing
how the field decouples from matter, since, when MHD applies, the
field remains strong and prevents isotropic collapse also at the cloud-
scale. In subcritical clouds, because of magnetic tension, gravity is able
to condense matter only along the field lines. If matter condenses and
diffusive processes, such as ambipolar diffusion, act, local conditions
of supercriticality may occur to allow a cloud to collapse. Ambipolar
diffusion consists on the fact that, at microscopic scales, the neutrals
are not experiencing the Lorentz force, which applies only on charged
particles. Since in the ISM the two components are coupled to each
other by collisions, the neutrals are influenced by the magnetic field
as well if the gas is sufficiently ionized. Because in the ISM the in-
ertia of the ions is usually negligible, the diffusion of the field can
progressively reduce the magnetic flux within the cloud providing
supercritical conditions. Although often considered a too slow process
to account for the standard stellar age, ambipolar diffusion becomes
actually comparable with the right time-scales in case turbulence is
considered. It was found [138] that turbulence and flows of matter
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along the field lines tend to accelerate the diffusion between neu-
trals and ions, and therefore star formation, increasing locally the
mass-to-flux ratio.

The mutual relevance of turbulence and magnetic fields is exactly
what comes out of MHD numerical simulations, which show that,
although structures in the ISM are principally produced by turbulent
motions and self-gravity, magnetic fields can prevent their disruptment
and drive the flow of matter condensation in high magnetized plasma
[89, 210].

However, from the observational point of view, no definite conclu-
sion can be made, because of the paucity of statistical data that exist to
probe the formation of structures in the ISM. In this context, this work
of thesis represents a breakthrough in characterizing the interplay of
turbulence and magnetic fields in the ISM. We will present the first
statistical results from observations on the relative orientation between
the structures of matter and magnetic fields, from the diffuse ISM to
the scales of molecular clouds.
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3
D U S T P O L A R I Z AT I O N

Dust to dust, ashes to ashes. Is that all ?
- Dejan Stojanovic

Hiltner and Hall in 1949 for the first time observed polarized radia-
tion coming from stars in the Galaxy, which was soon associated with
magnetic fields and attributed to interstellar dust in the ISM (Sect. 1.1).

What is interstellar dust, and how is it possible to actually relate its
polarization to interstellar magnetic fields?

In this chapter we address these questions by introducing the funda-
mental properties of interstellar dust (Sect. 3.1), describing the origin
of its polarization (Sect. 3.2), and presenting the Stokes parameters
formalism to characterize the observables in polarization (Sect. 3.3).

3.1 interstellar dust

Dust grains permeate the ISM with sizes ranging from nanometres to
micrometres, and are tightly mixed with the interstellar gas. They are
originally formed in the atmosphere of evolved stars, as well as in the
final stages of massive stars (i.e., novae and supernovae explosions),
and destroyed and reformed in the ISM. In spite of the small fraction
to the total mass of the ISM (only 1 %), dust grains are responsible for
several important physical and chemical aspects of the medium, which
control the Galactic energy balance and the evolution of interstellar
clouds and star formation.

Due to their size distribution, dust grains absorb and scatter almost
half of the UV, visible, and near infrared (IR) starlight radiation in the
Galaxy. Because of that, they heat-up and re-emit the absorbed energy
at longer wavelentghs, shining in the mid- and far-infrared (FIR), so
that almost 1/3 of the Galactic energy comes from dust (see Fig. 3.1).
Moreover dust grains govern the chemical evolution of the ISM, as
they catalyze molecular reactions that could not happen in the gas
phase. Destruction and evaporation of dust particles enrich the ISM of
heavy elements, and, when irradiated by UV photons, dust grains can
release electrons via photoelectric effect, which play a major role in
the heating of the ISM.

3.1.1 Extinction and reddening

The existence of interstellar dust was first inferred from obscuration,
or extinction, of starlight by R. J. Trumpler at the end of the 1920s

28



Figure 3.1: Mollweide projection of the Milky Way in the IR at 857GHz
(∼ 300µm) (top) by the Planck Collaboration [176] and in the
visible (bottom) [150].

[222]. Observations in the visible were characterized by dark regions
(nebulae) across the Galactic plane, which William Herschel in the XIX
century defined as true holes in the sky (see bottom panel in Fig. 3.1).
Trumpler’s ansatz was to relate the distance of clusters of stars to the
presence of dust along the LOS (foreground dust), as starlight might
have suffered extinction in proportion to the travelled distance from
the source to the observer. Measuring the geometric and photometric
distances of ∼ 100 open clusters within the Galactic disc, Trumpler
found a remarkable systematic trend: the further away the cluster,
the smaller its dimension. Instead of admitting that the dimensions
of open clusters could depend on their distance from the Sun, he
interpreted this discrepancy as the evidence that the inverse square
law, on which the photometric distances are based, did not hold, and
that a general absorption was taking place within the stellar system.

Now, the extinction is alternatively associated to reddening. As well
as atmospheric particles redden the Sun-light at sunset, dust grains
redden starlight by means of both absorption and scattering of photons.
The extinction is most reliably determined using the so called pair
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method, comparing the spectro-photometry of two stars of the same
spectral class. Most recently, however, stellar models, rather than
unreddened stars of the same spectral type, are used for comparison.
If one star has negligible foreground dust, while the second star
is heavily reddened, the comparison of the two spectra, together
with the assumption that the dust extinction goes to zero at very
long wavelength (extinction implies the extistence of solid particles
with dimension comparable to the obscured wavelength), allows one
to determine the extinction Aλ = 2.5log10(F

0
λ/Fλ), as a function of

wavelength λ, where Fλ is the observed flux and F0λ is the flux in the
absence of extinction. The pair method has been used to measure
extinction curves for several LOSs, in many cases over a range of
wavelengths extending from the near-infrared to the UV. This method
enables a relative extinction curve to be derived. Usually the curve
is normalized to the ratio of the extinctions in the Johnson B (blue,
centered near 4400Å) and V (visible, centered near 5500Å) broad
bands. Being the colour excess

E(B− V) = AB −AV , (3.1)

the extinction curve is given as Aλ/E(B − V) as a function of the
inverse of the wavelength λ−1. Typical extinction curves (normalized
to the extinction at ∼ 900nm) are shown in Fig. 3.2. Extinction is
more efficient at shorter wavelengths, meaning that its net effect is to
attenuate the intensity of blue light in the transmitted beam, whether
a photon is completely absorbed by dust, and its energy converted
into internal energy of the particles, or it is simply scattered away
from the LOS.

The average extinction curve from the near infrared to the ultravi-
olet is smooth, with a strong and broad band centered at ∼ 2175Å.
The shape of this curve, and the bump, depend on the ratio RV =

AV/E(B− V), which is retaled to the composition and on the size
distribution of the dust grains.

Due to the coupling between dust and gas in the ISM, another
representation of the extinction curve consists in plotting the optical
depth per unit column density, NH, of neutral hydrogen, both atomic
and molecular, NH = N(H) + 2N(H2) (the number of H-nucleons in
an imaginary column of unit cross-sectional area extending from the
observer to the star). This can be done converting the colour excess in
total column density, as follows

NH
E(B− V)

= 5.8× 1021 cm−2mag−1. (3.2)

This value, derived from UV spectroscopic observations with Coperni-
cus [21] and later FUSE data [196], has now been updated to a higher
value of 8.3× 1021 cm2mag−1 by two new studies using far-IR dust
emission [140, 181]
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Figure 3.2: Wavelength-dependent extinction, normalized to the extinction
at ∼ 900nm, for different types of clouds, identified by the value
of RV . The average extinction for diffuse clouds is characterized
by RV ≈ 3.1. Dense gas near the surfaces of molecular clouds can
have RV as large as 5.5 [41].
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3.1.2 Dust grain composition

The shape of the extinction curve depends on the composition and size
distribution of the grains along the LOS. These characteristics relate to
the local gas properties of the clouds, which, according to their density,
can be more or less enriched with dust grains. The denser a cloud is,
the more likely is to find structures of grains, whereas high energy
processes, occurring in low density and high-velocity clumps, may
vaporize and destroy grains (i.e, shocks, shattering and sputtering).

There is evidence for concentration of heavy elements into dust in
the ISM. Spectroscopic studies of interstellar gas-phase absorption at
visible and UV bands reveal a remarkable shortfall in the abundances
of many heavy elements as tied up in solid particles. This observed
depletion is almost total for most of refractory elements such as Si,
Ca, Fe, Ni, Ti. The depletion levels of several elements correlate with
the clouds physical conditions, providing evidence for exchange of
material between gas and dust [108].

Dust often plays a catalytic role for the formation of interstellar
molecules, such as H2. For example, what happens in the case of
molecular hydrogen is that atoms within the HI gas attach themselves
to grains inside clouds becoming trapped at surface defects in the grain
structure. When they subsequently recombine, the binding energy is
partly absorbed into the grain lattice and the resulting molecule is
ejected from the surface and returned to the gas. Something different
occurs when chemical species as O and OH attach themselves to grains:
they tend to become hydrogenated by means of surface reactions to
form heavier molecules such as water H2O and other polyatomic
molecules like CH4, CH3OH, CO2 and NH3. These heavy molecules
are not generally ejected from the surface when the binding energy
is released so that the grains may become nucleation centres for the
growth of icy mantles that are the dominant repository for molecular
material. The rate at which these reactions occur increases rapidly with
the density of the cloud confirming the relevance of the mechanisms
of interaction between gas and dust in the dense regions of the ISM.

This strong interaction between dust and gas is responsible for both
the chemical composition and the size distribution of dust grains.
Spectroscopic and mid-IR observations imply the existence of dust
particles that span a broad range in size from ∼ 0.001µm to ∼ 1µm.

carbonaceous and silicates Measurements of relative abun-
dances of the chemical elements in the ISM allow observers to investi-
gate the grains compositions. The depletion of heavy elements with
atomic weight A > 12 (mostly C, N, O, Mg, Si and Fe) in the gas-phase
provides an indirect evidence for their inclusion in grains. In any case,
the study of the composition of interstellar dust is far to be concluded.
Dust is composed of a variety of materials and no uniqueness in the
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modelling exists. However, it is possible to classify dust grains into
two main families of minerals: silicates and carbonaceous materials. With
respect to the group of origin dust may exist either in amorphous or
in crystalline forms, with or without ice mantles, in aggregates or in
composites.

Silicates, originated by Supernovae explosions and mass loss from
O-rich stars, are thought to explain the strong absorption of the IR-
extinction observed at ∼10µm, which is compatible with silicate reso-
nances due to the Si-O stretching mode. On the other hand carbona-
ceous particles are considered to be responsible for other relevant
feature of the extinction curve. In particular, lattices of graphite or
polycyclic aromatic hydrocarbons (PAHs) [146, 110] may represent the
origin of the bump at 2175Å.

Spectroscopic detection of these two families of minerals led to the
formulation of the ’MRN’ (Mathis, Rumpl, Nordsieck - 1977) [147]
model in which the cloud extinction is produced by a mixture of
refractory grains. Hence the extinction curve from the near IR to
the far UV could be explained by distinct populations of unmantled
graphite and silicate grains called classical grains. By means of the
MRN model a power-law size distribution can be generated, in which
the relative number of particles with respect to their size (spheres of
radius a), is n(a) ∝ a−3.5. However, the MRN model is not able to
reproduce the size distribution of the smallest grains. Several authors
have modelled the dust absorption and emission in the diffuse ISM
with carbon and silicate dust [43, 39, 45, 33, 111, 207]. These models
have all extended the MRN power-law size distribution to nm size
particles to account for the near and mir-IR dust emission. These
models differ in their assumptions about the grains optical properties.

3.1.3 Dust thermal emission

Interstellar grains are mainly heated by the absorption of UV and
visible photons, and cool by the thermal emission of IR-radiation. The
thermalization of the grains depends on their size distribution. For
very small grains, with small heat capacity, the energy input from
the absorption of a single UV or visible photon can lead to a strong,
instantaneous increase in temperature followed by a rapid cooling.
Because of large temperature fluctuations, these grains never reach a
thermal equilibrium. Most of the continuum thermal emission of dust
is dominated by big grains with sizes greater than 200Å. Classical
grains (radii between 0.1 − 0.5µm) reach equilibrium in the range
of temperature of about 10− 50K emitting radiation at far-infrared
wavelengths ( 50− 300µm).

The spectral energy distribution (SED) of the big grains can be mod-
elled as a modified black-body spectrum depending on the chemical
and physical properties the grains, so that, under the optically thin
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approximation, the dust specific intensity at the frequency ν can be
written as

Iν = τBν(T) = Xdε0NH
( ν
ν0

)β
Bν(T), (3.3)

where τ is the optical depth, Bν(T) is the Planck function, Xd is the
dust-to-gas mass ratio, ε0 is the emissivity coefficient at the frequency
ν0, NH is the total hydrogen column density along the line of sight,
and β represents the dimensionless spectral index of the power law
for the emissivity function.

3.2 grain alignment and linear polarization

One of the most difficult aspects of modelling dust emission is its
ability to produce polarization. Although no standard model exists
yet, here we describe the general picture behind the subject.

The visible extinction and the far-IR emission from dust arise mainly
from larger grains [42]. Since these particles are statistically not spher-
ical, they absorb starlight and emit anisotropic radiation, which is
therefore linearly polarized. However, in order to actually observe
polarization, some mechanism to align the grains is needed. Indeed,
randomly oriented grains produce no observable polarization at all.
Magnetic fields in the ISM are meant to be responsible for the grain
alignment. Nevertheless, the reason why the grains align with the
magnetic field is still under debate. It is generally accepted that the
large grains in the ISM spin around their axis of maximal inertia (their
shortest axis) at superthermal velocities due to torques produced by
collisions with atoms and molecules, ejection of H2 molecules formed
on their surfaces, or radiation field (radiative torques [130]).

Since these superthermally spinning grains are also charged, their
rotation contributes to their total magnetic moment ~M. Thus, in the
presence of an external magnetic field ~B, a magnetic torque ~M× ~B is
exerted on the grains. If the angular momentum ~J of the grains is not
aligned with the field, the torque forces the grains to precess around
the field lines. Paramagnetic relaxation [37], or radiative torques [129],
yield then to a global alignment and anisotropy of the medium, by
dissipating the kinetic energy associated with the precession motion. It
is clear that the degree of alignment of the grains with the field is one
of the most relevant aspect for observing polarization from interstellar
dust.

If we assume that large grains (with larger inertia) are perfectly
aligned with the magnetic field, by observing and studying dust po-
larization we can infer the orientation of the magnetic field in the ISM.
In particular, the observed polarization from dust is maximal when
the magnetic field is perpendicular to the LOS, and minimal when
the field is pointing toward the observer. Hence, dust polarization
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Figure 3.3: Cartoon to explain the mechanism of dust polarization in emission
and extinction.

represents a tracer for the orientation of the magnetic field projected
on the plane of the sky, B⊥.

Figure 3.3 shows a simple cartoon to explain the polarization scheme
due to dust grains. In extinction, dust grains obscure more the compo-
nent of starlight which is perpendicular to the field lines, therefore,
the transmitted starlight appears polarized parallel to the magnetic
field orientation. On the other hand, when observing dust thermal
emission in the FIR and submm domain, dust grains tend to emit
preferentially polarized radiation perpendicular to the field.

3.3 the stokes formalism

Ideally, we would like to know where in the ISM, and with what
efficiency dust grains are aligned with respect to the magnetic field. In
this thesis we will assume that alignment is ubiquitous in the diffuse
ISM and the translucent parts of molecular clouds to infer the spatial
structure of the magnetic field weighted by dust.

Two are the observables in polarization to look for: the polarization
fraction p and the polarization angle ψ. The former carries informa-
tion about what is the fraction of detected intensity that is polarized
compared to the total intensity, and it depends on dust properties
(composition and grain alignment) and on the geometry of the field
with respect to the observer (if the field points toward the observer the
polarization fraction is lower). The polarization angle, instead, allows

35



us to infer the orientation of the magnetic field projected on the plane
of the sky.

In practice, polarization observations provide the three Stokes pa-
rameters I,Q and U that characterize linear polarization. While the
Stokes I parameter represents the total intensity of the incoming
radiation, and is defined as a positive quantity, the remaining two
parameters include the geometry of the polarization plane and can
assume both positive and negative values. The rigorous expression of
the Stokes parameters for dust linear polarization in emission is the
following:

I =

∫
Sν e

−τν

[
1− pdustR

(
cos2 γ−

2

3

)]
dτν; (3.4a)

Q =

∫
pdustRSν e

−τν cos (2ψ) cos2 γdτν; (3.4b)

U =

∫
pdustRSν e

−τν sin (2ψ) cos2 γdτν, (3.4c)

where τν is the optical depth, pdust is the intrisic polarization fraction
of dust (corresponding to the ratio Cpol/Cavg, where Cpol and Cavg are
the polarization and the average cross-sections of dust, as defined in
Planck Collaboration Int. XX [185]), and R is the Rayleigh reduction
factor, which characterizes the degree of dust grain alignment with
the local magnetic field [131, 93]. The observed polarization fraction
also depends on the integration of Eqs. (3.4a,3.4b,3.4c), so that it is

p = p0 cos2 γ, (3.5)

where the parameter p0 is a polarization fraction parameter that can
be expressed as

p0 = pdustR F, (3.6)

being F a depolarization factor due to variations of the polarization
vector along the LOS.

In Eqs. (3.4a, 3.4b, 3.4c), γ is the angle that the local magnetic field
makes with the plane of the sky (hereafter cos2 γ is the projection
factor), and ψ is the local polarization angle. This angle differs by 90◦

from the orientation of the magnetic field projected on the plane of
the sky. In Fig. 3.4 we show a sketch that illustrates the geometry of
the polarization angles. Note that the corrective term in Eq. 3.4a takes
into account the small effect of the orientation of the grains on the
total emission due to the viewing angle of the observer. These integral
equations for linear dust polarization can be simplified. Assuming
constant magnetic field orientation and polarization fraction along the
LOS, the Q and U parameters can be related to the total intensity, I ,
through

Q = p0 cos2 γ cos (2ψ) I,

U = p0 cos2 γ sin (2ψ) I. (3.7)
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Figure 3.4: Definition of angles. Here the line of sight is along the z axis, γ is
the angle that the magnetic field B makes with the plane of the
sky, ψ is the local polarization angle.

Inverting the above relations the polarization angle, defined modulo
180◦, can be written as

ψ =
1

2
arctan (U,Q), (3.8)

and the polarization fraction

p =
P

I
=

√
Q2 +U2

I
, (3.9)

where P represents the total polarized intensity.

3.4 chandrasekhar and fermi method

Dust polarization does not allow observers to measure the strength of
B⊥, because fairly weak magnetic fields can align grains and therefore
the polarization fraction is not a probe of the field strength. However,
since the first work in polarization by Chandrasekhar and Fermi (see
Chapter 1[27], it was suggested that the analysis of the small-scale
randomness of magnetic field lines could produce estimates of the
field strengths. Indeed, due to the flux freezing condition in the ISM
(see Sect. 2.1.1), turbulent motions lead to irregular magnetic fields.
Thus, there is a perturbed or MHD wave component to the field that
shows up as an irregular scatter in polarization angles relative to those
that would be produced by a regular magnetic field. The stronger
the regular field, the more it resists being irregularized by turbulence.
They showed that the magnitude of the irregularity of field lines could
yield the regular field strength in the plane of the sky, as

B⊥ = α
√
4πρ

δV

δψ
, (3.10)
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where ρ = mHnH2 is the gas density, δV is the velocity dispersion, δψ
is the dispersion in polarization angles, and α is a factor of order unity.
Assuming α = 0.5, from observations we can estimate the magnetic
field as

B⊥ = 9.3
√
nH2

cm−3

∆V

δψ

◦

km s−1
µG, (3.11)

in which nH2 is the molecular hydrogen density in molecules, and
∆V =

√
8ln2 δV is the FWHM line width. The value of α = 0.5 is a

calibration based on study of simulations of interstellar clouds[164].
These simulations found that this method could produce reliable
results in molecular clouds if δψ < 25◦. While fluctuations in the field
along the LOS are smoothed out by the polarization measurements,
the calibration by the simulations referred to above includes this in the
ρ factor. The Chandrasekhar-Fermi method of estimating the turbulent
component of the field is a statistical one that may be in error by a
factor 2 for individual clouds[86].
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P L A N O F T H E T H E S I S

Rick: ”Louis, I think this is the beginning of a
beautiful friendship”

The two walk off together into the night.
- Casablanca

After setting the scientific context of this thesis, in the previous three
chapters, here we detail the plan of the manuscript.

Since most of the work presented in this thesis is based on new data
in polarization from the Planck mission, in Part II [ii] we describe the
Planck satellite. This Part is composed by three chapters. In Ch. 4, we
first introduce the reader to the science of the Cosmic Miscrowave
Background (CMB), the main scientific goal of the Planck mission. In
Ch. 5 we detail the characteristics of the satellite and of its instru-
ments for measuring polarization. In this chapter we also describe
and show the data of the first all-sky maps at submm wavelengths in
polarization.

Although the main scopes of this thesis are related to Galactic astro-
physics, the characterization of the polarized emission from interstellar
dust grains has a crucial impact also for cosmological purposes. Thus,
in Ch. 6 we report the results of the Planck Collaboration on the analy-
sis of dust emission as a polarized foregound to the CMB.

In Part III [iii] we detail the methodology that we developed to
perfom our data analysis both on the characterization of the ordered
large-scale structure of the GMF, and on the study of the correlation
between the structure of the field and that of interstellar matter traced
by dust. We present two geometrical models to account for projection
effects, and the Hessian matrix algorithm to select and find the orien-
tation of the filamentary structure of the ISM.

In Part IV [iv] we describe the structure of the Galactic magnetic
field as traced by dust polarization at submm wavelengths. This Part
consists of three chapters. In Ch. 8 we report the results of the first
Planck publications on the description of the statistical properties of
the dust polarized sky at intermediate Galactic latitudes, and the com-
parison with numerical simulations. In Ch. 9 we present our results
on the analysis of the large-scale ordered component of the GMF at
high Galactic latitudes, and of the ratio between the turbulent and
ordered components of the field from the diffuse ISM to the scales of
molecular clouds. In Ch. 10 we report our results on the correlation
between the structure of the GMF and that of matter in the ISM. We



present our study about the relative orientation of the field, inferred
from polarization data, and of the filamentary structures of matter
traced by dust, selected through the Hessian algorithm.

The conslusions and perspectives of this thesis are discussed in Part
V [v].

This thesis has one appendix (Appendix A), where we explain how
we test the robustness of the Hessian matrix algorithm for selecting
filamentary structures in the data and determining their orientation.
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Part II

T H E P L A N C K M I S S I O N



4
T H E P O L A R I Z E D C O S M I C M I C R O WAV E
B A C K G R O U N D

The European Space Agency’s (ESA) Planck satellite [217] is the third
generation space-mission aimed at mapping the anisotropies of the
Cosmic Microwave Background (CMB), after the COBE [144] and
WMAP [16] satellites. Before entering in the description of the Planck
mission and of the data used in this thesis (see Ch. 5), let’s introduce
some basic concepts about the CMB radiation (in Sect. 4.1 and 4.2),
which, since its discovery, has been analyzed in increasing details by
cosmologists in their quest to understand the physics underlying the
origin and evolution of the Universe.

4.1 the cosmic microwave background in a nutshell

Although already predicted at the end of the 1940s, the CMB was
first discovered in 1964 by A. Penzias and R. Wilson [171]. After the
observed Hubble expansion of the Universe and the experimental
confirmation of the Big Bang Nucleosynthesis (BBN), the discovery
of the CMB became the third fundamental proof of the Hot Big Bang
(HBB) cosmological model, known as the ΛCDM model. This bench-
mark model depicts our Universe as spatially flat, in expansion and
accelerating after an explosive beginning, referred to as the Big-Bang.
The Universe mostly consists of dark energy (68.3% of its total energy
compound [179]) and dark matter (26.8%), with a small amount of
ordinary baryonic matter (4.9%). Finally, all the structure in it formed
through gravitational instability amplifying quantum fluctuations in
the very early Universe (a tiny fraction of a second after the Big-Bang),
stretched and enhanced during the socalled inflationary epoch [71].

Figure 4.1 shows a schematic chronology of the evolution of the
Universe as described by the ΛCDM model. The initial explosion
generates a hot uniform medium (∼1015 GeV) governed by the in-
teraction between the high energy plasma and the radiation field
which permeates the primordial environment. As the Universe ex-
pands, both the plasma and the radiation field begin to cool down.
When roughly 400000 years passed since the Big Bang occurred, the
Universe cools enough (∼3000K) so that stable and neutral atoms may
form. The recombination phase then begins. As the cross-section of
the radiation-matter interaction greatly reduces, matter can no longer
scatter the thermal radiation with the same efficiency. Therefore, the
Universe becomes transparent instead of being an opaque medium.
The photons, which before that time were trapped by scattering and
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Figure 4.1: Cartoon of the evolution and expansion of the Universe as seen
by the ΛCDM model.

absorption within the primordial plasma, can then propagate, becom-
ing fainter and less energetic, since exactly the same photons fill a
larger Universe. This relic radiation, travelling through space for about
13.8 billion years after last scattering, is what the model regards as the
CMB, which represents the most powerful probe of the early Universe.

At first order, this radiation appears isotropic and homogeneous, it
comes from every direction in the sky with almost the same bright-
ness. Since its discovery the uniformity of the CMB was actually in
contrast with the observed distribution of matter in the more closeby
Universe, populated of non-linear structures such as galaxies and
clusters. Although today we do not expect to observe the same struc-
tured radiation field as matter is (since matter inhomogeneities grow
under gravitational instabilities), at the last scattering surface, due to
the coupling between baryons and photons, matter inhomogeneities
should correspond to fluctuations in the radiation field. At the begin-
ning of the 1990s, thanks to the NASA COBE satellite, for the first
time, the CMB anisotropies at last scattering were observed. Inspired
by the COBE results, a series of ground, balloon-borne, and satellite
experiments measured the CMB anisotropies with very high accuracy.

The basic observable of the CMB is its intensity as a function of
frequency together with the position in the sky n̂. The CMB spectrum
is a blackbody with a nearly constant temperature across the sky of
T = 2.728± 0.004 K, roughly uniform in all directions. This observable
is described in terms of temperature fluctuations Θ(n̂) = ∆T/T [98],
with average amplitude of about 10−5. For illustration, in Fig. 4.2 it
is shown the all-sky SMICA Planck CMB map at 5 ′ resolution [179]
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Figure 4.2: All-sky map of the CMB fluctuations by the Planck collaboration
[179]. The map is at 5 ′ and the units are KCMB.

in KCMB units (so that the SED of CMB is constant as a function of
frequency).

The multipole moments of the temperature field in terms of spheri-
cal harmonics are

Θlm =

∫
dn̂Y∗lm(n̂)Θ(n̂), (4.1)

and, these fluctuations are Gaussian if they are fully characterized by
their power spectrum Cl

〈Θ∗lmΘl ′m ′〉 = δll ′δmm ′Cl. (4.2)

On small portions of the sky where the harmonic space curvature is
negligible, the spherical harmonic analysis turns into ordinary two-
dimensional Fourier analysis. Thus, l becomes the Fourier wavenum-
ber. Since the angular separration θ = 2π/l, large multipole moments
correspond to small angular scales. In Fig. 4.3 we show the latest
results presented in Planck Collaboration I [179] on the CMB power
spectrum. The ΛCDM model reproduces the data with very high
precision, highligthing the periodicity of all the acoustic peaks (pro-
duced by the fluctuations in the density field), where the first peak
corresponds to angular scales of about 1◦, and encodes the flatness of
the cosmic topology [97].

The high sensitivity of the recent measurements provides strong
agreement between data and theory, where the shape of the spectrum
mainly depends on the initial conditions of the fluctuations field and
on the energy contents of the Universe before and after the recom-
bination era. While the high multipole range of the spectrum (small
angular scales) requires enough resolution and high sensitivity in
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Figure 4.3: CMB temperature angular power spectrum from Planck, showing
a precise measurement of seven acoustic peaks that are well
fitted by a six-parameter ΛCDM model (in green). The shaded
area around the best-fit curve represents cosmic/sample variance,
including the sky cut used. The error bars on individual points
also include cosmic variance. The horizontal axis is logarithmic
up to l = 50, and linear beyond. The vertical scale is l(l+ 1)Cl/2π
Planck Collaboration I [179].

order to be measured, cosmic variance represents an intrinsic limitation
at small multipoles (large scales). The cosmic variance is the statistical
uncertainty on the power spectrum depending on the few modes
available for sampling the largest scales. In practice, there are only
2l+ 1 m-samples of the power in each multipole moment [98]. This
leads to the inevitable error

∆Cl =

√
2

2l+ 1
Cl, (4.3)

which is most important at large scales (small values of l).
The CMB radiation is also polarized, and in the next section we

will see that the large scales are crucial for studying the polarization
patterns of the CMB, which are fundamental to probe one critical
pillar of the ΛCDM model: the cosmic inflation.

4.2 cmb polarization

Why do we live in such an Euclidean, isotropic, and uniform Universe?
To answer to this question at the beginning of the 1980’s a new and
outstanding theory was proposed: the cosmic inflation. As A. Guth
actually used to define inflation, it is a paradigm more than a theory.
He said that it does not make specific predictions in the same sense that the
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standard model of particle physics makes predictions. Each specific model of
inflation makes definite predictions, but the class of models as a whole can
be tested only by looking for generic features that are common to most of the
models. Nonetheless, there are a number of features of the Universe that seem
to be characteristic consequences of inflation. In my opinion, the evidence
that our universe is the result of some form of inflation is very solid. Since
the term inflation encompasses a wide range of detailed theories, it is hard to
imagine any reasonable alternative [72]. Without going into the details of
inflation, it is important to mention that this paradigm adds to the cos-
mological standard model a superluminal expansion of the Universe
occured in the very first fraction of a second (between 10−33− 10−32 s)
after the Big-Bang. Our entire observable universe would have arisen
from a single causally connected region that expanded by ∼ 30 orders
of magnitude. The rapid expansion would explain the origin of the
large-scale structure of the Universe. Quantum fluctuations in the mi-
croscopic inflationary region, magnified and stretched to cosmic size,
would become the seeds for the growth of structure in the observable
Universe. Inflation would be responsible for the large dimension of the
Universe, its flatness, the Hubble expansion, the degree of uniformity,
and the origin of the anisotropies of the CMB.

It is therefore critical for modern cosmology to find some instru-
mental evidence for this cosmic expansion. However, the fundamental
physics of cosmic inflation is diffcult to probe directly because it is
expected to involve the energy scales of the Grand Unied Theory (1016

GeV), which cannot be reached by any conceivable experiment on
Earth. Although a proof of the whole paradigm of inflation might
not actually exist1, today the holy grail for some inflationary models
is the detection of the imprint on the CMB polarization left by the
gravitational waves that such an expansion of the Universe would
produce.

Let’s now understand the reason why the CMB is polarized and
what are the main features of its polarization.

4.2.1 Thomson scattering and quadrupole radiation

The polarization of CMB anisotropies can only arise from scattering.
To understand why the CMB is partially polarized we refer to Hu &
White [99]. Let’s first recall the similar process of polarization of light
by reflection off of a surface. Heuristically, the incident unpolarized
light excites the electrons, which thus radiate the outgoing light-beam.
Since the electrons vibrate most easily in the plane of the surface,
the outgoing light is mainly polarized perpendicular to the plane of
scattering.

1 Alan Guth said about inflation that it is a paradigm in which anything that can happen
will happen, and it will happen infinitely many times, regarding the fact that inflation is
not a falsifiable theory.
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Figure 4.4: Cartoon showing the linear polarization generated by a
quadrupole anisotropy from Thomson scattering. Blue lines cor-
respond to hot photons and red lines to cold photons [99].

Thomson scattering in the primordial bath provides a similar effect
in polarizing CMB. In Fig. 4.4, we show a simple sketch to naively
illustrate the polarization mechanism in CMB. In the figure, let’s
consider an incoming unpolarized photon from the left being scattered
by an electron (e− in Fig. 4.4) by 90◦. Since light cannot be polarized
along its direction of motion, only one linear polarization state gets
scattered. Of course there is nothing special about the choice of the
photon direction, so if we consider any other direction, and if the
two beams of light have exactly the intensity (homogeneous radiation
field), no polarization in the outgoing direction can be observed. Only
if temperature fluctuations are present (ε 6= ε ′ in Fig. 4.4), and if the
intensity of the radiation varies at 90◦, such as the distribution of a
quadrupole pattern, then a net linear polarization results.

The polarization pattern comes from the projection of a quadrupole
anisotropy, thus, any source of quadrupole anisotropy can be respon-
sible in producing polarization. In general there are two main sources
to the quadrupole anisotropy at the recombination epoch: scalars
(compression), and tensors (gravitational waves). In Fig. 4.5 we show
another cartoon with the two types of perturbations, where the lobes
represent the directions of the hot (blue) and cold (red) photons. No-
tice that the hot and cold lobes are separated by 90◦ due to their
quadrupole nature. The planes represent the fluctuation in intensity
of the underlying plane wave.

The scalar perturbation corresponds to the acoustic density fluctua-
tions. The movement of the photons from hot to cold regions produces
a symmetric quadrupole moment with respect to rotations about the
plane wave axis.

On the other hand, the effect of a gravitational wave causes an
anisotropic stretching of space and therefore of the frequency of CMB
photons, also producing a quadrupolar variation in the temperature.
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Figure 4.5: Sketches of the two types of perturbations generating quadrupole
anisotropy of the electron velocities at recombination [99]: scalar
(left), tensorial (right). The lobes represent the directions of the
hot (blue) and cold (red) photons, they are separated by 90◦ due
to their quadrupole nature. The planes represent the fluctuation
in intensity of the underlying plane wave.

Most important, the tensor anisotropy is not symmetric as the density
quadrupole. This asymmetry causes a handedness to the pattern of
polarization.

4.2.2 Polarization pattern: E and B-modes

The polarization pattern has two geometrical components. In cos-
mology, instead of describing the polarization through the Stokes
parameters, which depend on an arbitrary choice of coordinates, the
polarization pattern is characterized by reference-invariant quantities
(combination of the Q and U parameters). In general, there are two
directions picked out by a polarization pattern: that of its orientation
and that of its amplitude. If the polarization is parallel or perpendic-
ular to the plane wave direction, it is called an E-mode polarization.
If it is crossed at 45◦, it is called a B-mode polarization [99]. Density
perturbations just generate parallel polarization, and therefore E-mode
polarization only. On the other hand, gravitational waves can produce
both, generating a component of B-mode in the CMB polarization.

The degree of linear polarization of the CMB is directly related to
the nature of the quadrupole anisotropy and to the duration of the
last scattering era. Standard estimates provide a fraction of roughly
10% of the temperature power at scales of tens of arcminute. The
polarized signal is at most at the 10−6 level, corresponding to few µK
temperatures.
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Figure 4.6: Temperature fluctuations in units of µK as a function of multi-
poles of CMB intensity (black), E (blue) and B-modes (red), as
expected by the ΛCDM model. In green it is shown the cross-
spectrum between intesity and the expected E-modes. Boxes rep-
resent the statistical errors of the Planck satellite.

However, since CMB polarization contains power in both E and
B-modes (gravitational waves contribute only to a fraction of the
power in temperature anisotropies), the actual power in the B-modes
is only of the order of a tenth of µK at scales of l ∼ 100. Figure 4.6
shows the expected CMB E and B-modes fluctuations compared to
the temperature fluctuations.

While several experiments have recently measured the E-mode of
polarization [44, 161], and the B-mode signal produced by the lensing
due to the large scale structure of the Universe [2, 219], the primordial
B-modes imprinted on the CMB at l ∼ 70 still remain undetected.

4.2.3 The problem of the foregrounds

Until now a wealth of experiments from the ground (DASI [26], ACT
[143], POLARBEAR [117], BICEP1/2 [215, 193]), balloon (Archeops [17],
SPIDER [59]), and satellite (WMAP [16]), have reached the required
sensitivity to perform accurate measurements of the CMB anisotropies
both in intensity and in polarization. However, the extraction of the
cosmological signal is still limited by the ability of controlling instru-
mental systematics and subtracting foreground contaminations that
add to the primordial radiation. These signals can be either Galactic or
extragalactic and they contaminate the primordial background with
distinct spectral characteristics.
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Figure 4.7: Left: frequency spectra of individual diffuse foregrounds at high
galactic latitudes, estimated at l = 200, the angular scale at which
CMB fluctuations are greatest and foreground fluctuations are
relatively the least important. The horizontal orange line gives
the level of the CMB. Right: Angular power spectra of various
foregrounds at 100GHz, along with the best-fit Planck CMB spec-
trum. In both panels, the foregrounds are free-free (brown), radio
(grey) and infrared (green) point sources, CIB (light blue), SZ
(magenta), dust (red), and synchrotron (dark blue). The black
line is the total foreground contribution. The solid lines show
where the spectra are estimated from data, and dashed lines are
extrapolations [179].

Figure 4.7 shows the expected amplitude of the foreground signals
compared to the CMB level, both as a function of frequency and as
a function of scales. While at cm-wavelengths (∼ 20 GHz) Galactic
synchrotron radiation dominates the electromagnetic spectrum, the
polarized thermal emission by interstellar dust becomes the most
important signal at frequencies above 100GHz, presently observed
by the most sensitive CMB experiments. The other minor sources of
foreground are the free-free emission from the Galaxy, the presence of
radio and infrared point sources (PS), the cosmic infrared background
(CIB, or the infrared emission coming from unresolved high-redshift
galaxies), and the Sunyaev-Zeldovich effect (SZ, or the inverse Comp-
ton scattering radiation produced by the interaction between the CMB
photons and the oldest clusters of galaxies). Thus, the extraction of
the cosmological radiation from observations critically depends on the
knowledge of each of these foreground signals.

In this context, the Planck satellite represents an outstanding achieve-
ment from an observational point of view. For the first time, Planck
has observed the sky in polarization from 20 GHz to 350 GHz, pro-
viding unprecedented data for analyzing foregrounds and probing
the CMB. In addition to that, the all-sky coverage of Planck allows one
also to search for the primordial signal at the largest angular scales,
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complementing the smaller fields of view, but the higher sensitivity,
of the most recent ground based and balloon-borne experiments.
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5
T H E P L A N C K S AT E L L I T E

Originally designed for measuring the intensity and polarization
anisotropies of the CMB, the Planck satellite also provides unique
data to probe the more closeby Universe. For the first time we have
access to all-sky maps at submm wavelengths in polarization, which
open a new extraordinary path to the investigation of the properties
of interstellar dust, gas, and magnetic fields in our own Galaxy. In this
thesis we mainly refer to the Planck data in polarization, in particular
to its highest frequency channel at 353GHz, where the signal-to-noise
ratio on dust polarization is the highest. In this chapter we describe
the characteristics of the Planck mission. We introduce the properties of
the satellite and its instruments in Sect. 5.1, we detail the map-making
process in Sect. 5.2, and we present the data used in this thesis in
Sect. 5.2.1.

5.1 the spacecraft and its instruments

The need of high precision cosmology, and a thorough probe of the
cosmological foregrounds, has pushed the Planck mission to provide
the largest spectral coverage in intensity and polarization up to date.
In particular, observations covered 9 channels in intensity, from ∼ 30

to ∼ 850GHz, and 7 channels in polarization from ∼ 30 to ∼ 350GHz.
Launched on 14 May 2009 from the European spaceport in Kourou

Figure 5.1: View of the Planck satellite with the specifics of the payload.
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Figure 5.2: Sketch showing the Lissajous orbit around the L2 lagrangian point
of the Earth-Sun system which characterized the Planck mission.

(French Guiana), together with the ESA’s Herschel Far-Infrared and
Submillimetre Space Observatory, Planck has continuously scanned
the sky producing full-sky maps with high sensitivity and high spatial
resolution (especially for the highest frequency channels, ∼ 5 arcmin)
for almost 2.5 years, until the end of its cryogenic lifetime.

The payload of Planck, in Fig. 5.1, consisted of three main compo-
nents.

i) A Gregorian-like telescope with an effective diameter of 1.5m
and a baffling system provided the angular resolution and rejection
of straylight. The baffling system was composed of two elements.
The first, the shield, was a large, self-supporting, and roughly coni-
cal structure covered of multi-layers insulation, which surrounded
the telescope and focal plane instruments. Together with the optical
bench, it defined the payload (or optical) enclosure. It had an important
function both in reducing the level of straylight (in large part due to
the spacecraft itself) and in promoting the radiative cooling of the
enclosure towards deep space. The second element, the baffle consisted
of one half of a conically shaped surface that linked the focal plane
instruments to the bottom edge of the subreflector in order to shield
the detectors from thermal radiation originating within the enclosure.

ii) The Low Frequency Instrument (LFI) covered the range of fre-
quency between 30− 70GHz and was operated at a temperature of
20K.

iii) the High Frequency Instrument (HFI) [127], between 100 −

850GHz, was cooled down at 0.1K.
The two instruments shared the same focal plane. The focal plane,

and the telescope, defined a sparsely sampled field of view (FOV) of
approximately 8◦ in diameter around a reference LOS inclined by 85◦

with respect to the spin axis of the spacecraft. As the satellite rotated,
the FOV traced a circle of diametre ∼ 170◦ in the sky, and, as the spin
axis was displaced, the observed circle gradually covered the whole
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sky, oversampling the ecliptic pole regions compared to the ecliptic
equator.

The Planck satellite was launched on a Lissajous orbit around the
L2 lagrangian point of the Earth-Sun system (see Fig. 5.2). At this
location, the satellite could be continuously pointed in the anti-Sun
direction in order to minimize potentially confusing signals due to
thermal fluctuations and straylight entering the detectors through
the far sidelobes. The orbit was characterized by a 4-month period
and a maximum elongation from L2 of 400000km, so that the Sun-
spacecraft-Earth angle did not exceed 15◦. The satellite rotated at a
speed of 1 rpm about a spin axis pointed within 10◦ from the Sun. In
order to allow the payload to remain in the shadow of the Sun, the
spin axis of the satellite was displaced roughly of 1◦ per day in the
direction defined by the orbital motion of the Earth around the Sun.

5.1.1 Polarimetry with Planck

Instrument LFI HFI

Center frequency [GHz] 30 44 70 100 143 217 353 545 857

Detector technology HEMT receivers Bolometer arrays

Detector temperature 20K 0.1K

No. of unpolarized detectors - - - - 4 4 4 4 4

No. of linearly polarized detectors 4 6 12 8 8 8 8 - -

Bandwidth (∆ν/ν) 0.2 0.2 0.2 0.33 0.33 0.33 0.33 0.33 0.33

Angular resolution [arcmin] 33 24 14 9.2 7.1 5.0 5.0 5.0 5.0

∆T/T per pixel 2.0 2.7 4.7 2.5 2.2 4.8 14.7 147 6700

(Stokes I, 1σ, 10−6units)

∆T/T per pixel 2.8 3.9 6.7 4.0 4.2 9.8 29.8 - -

(Stokes U,Q, 1σ, 10−6units)

Table 5.1: Technical characteristics of the LFI and HFI instruments, such as
their central frequency per channel, temperatures, technologies,
angular resolutions, and their sensitivities both in intensity and
polarization [216].

The two instruments of the Planck mission, LFI and HFI, were both
composed by a set of linearly polarized detectors and located on the
same focal plane shown in the left panel of Fig. 5.3. The design of
the focal plane was the basic principle behind the Planck polarimetry
strategy, which was therefore common for the two instruments. As
shown in the right panel of Fig. 5.3, each part of the sky was measured
by two horns, constituted by at least four detectors, sampling all
polarization directions spaced by 45◦. Multiple pairs of horns were
placed on the focal plane so that they could follow the same path
on the sky, continuously acquiring data on the same pixels with a
small time delay. However, the distinct requirements for the various
detectors made the two instruments quite different in technology.
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Figure 5.3: Left: Focal plane of the Planck mission with both HFI and LFI
detectors. Polarized receivers are denoted by black crosses. Right:
The scanning of the polarized detectors permits to measure the
signal along four directions along each scan path.

LFI had three frequency channels, both in intensity and polariza-
tion, centered at 30, 44, and 70 GHz. The instrument was an array
of tuned radio receivers, based on High-Electron-Mobility Transistor
(HEMT) amplifiers, which coherently amplified the radiation collected
by a corrugated feedhorn from the telescope and delivered to a low-
noise amplifier. An Ortho-Mode Transducer (OMT), located behind
the corrugated feedhorn, selected then two orthogonal linearly po-
larized modes and fed them to independent amplification chains.
Hence, each horn was coupled to two orthogonal polarizations on
the sky. Since, they were two independent measurements, they could
determine two Stokes parameters, e.g. I and Q. An additional horn-
OMT-amplification unit was rotated by 45◦ around the horn axis, and
pointed toward the same region of the sky. The four measurements
together provided the three Stokes parameters, I , Q and U.

HFI was characterized by four pairs of linearly polarized detectors
centered at 100, 143, 217, and 353GHz, and two unpolarized detectors
at 545, and 857GHz. As for LFI, the radiation was collected by cor-
rugated feedhorns, but, in this case, directly delivered to bolometric
detectors to measure millimeter-waves. These bolometers comprised
a micro-mesh absorber resembling a spider-web to reduce cosmic ray
interactions (SWB, [20]), heated by ohmic power dissipation, and a neu-
tron trasmutation doped (NTD) germanium thermistor that measured
the temperature variation. Polarization was measured with specific
polarization sensitive bolometers (PSBs, [114]), shown in Fig. 5.4. The
PSBs generally consist of grids of parallel wires which couple to one
linear polarization only. Hence, the energy of the radiation absorbed
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Figure 5.4: Prototype of a polarization sensitive bolometer (PSB). The PSBs
generally consist of grids of parallel wires which couple to one
linear polarization only, and a couple of thermistors to measure
the temperature variation due to an incoming signal.

by the grid dissipates as heat increasing the temperature of the ther-
mistor. The HFI PSBs were grouped on the focal plane in pairs rotated
of 45◦ following the same track on the sky. In the next section we
detail the map-making process of the HFI instrument to retrieve maps
of the I, Q, and U Stokes parameters.

Table 5.1 lists the most important characteristics of the LFI and HFI
instruments, such as their central frequency per channel, tempera-
tures, technologies, angular resolutions, and their sensitivities both in
intensity and polarization.

5.2 hfi data: from observations to sky maps

Most of the data analysis presented in this thesis refers to the HFI
Planck data at 353GHz. Polarization data are difficult to obtain because
the polarized signal is generally a small fraction of the total intensity.
Systematic effects make the extraction of polarized signals from data a
challenging task. This is why in this section we focus on the convertion
of the raw data into maps for the HFI instrument. Whereas a single
detector is sufficient to make an intensity map, it is usually not true for
measuring polarization unless observing the same sky with directions
at different times. The WMAP scanning strategy made possible to
build polarization sky maps with single detectors, but this is not possi-
ble with Planck away from the ecliptic poles. In the case of the PSBs of
HFI, as anticipated in the previous section, the pairs of detectors were
rotated by 45◦ looking at the same sky-area, with angular separations
ranging from 0.5◦ to 2.5◦. The strategy used to extract the three Stokes
parameters maps is the following: the difference signal within one
pair measures Stokes Q (in some local reference frame) while the
difference signal within the other pair measures Stokes U. Both pairs
provide measurements of the total intensity through the sum of the
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signals. Specifically, the signal detected by one single polarimeter may
be written as

s1(α) =
1

2
(I+Q cos 2α+U sin 2α) , (5.1)

where α is the angle between the polarimeter orientation (i.e. the
polarization sensitivity direction) and the axes chosen for the Stokes
parameters representation, and the factor 2 in the angle refers to the
orientation of the polarimeter regardless of its direction. Given s1, the
signal detected by the orthogonal (α+ π/2) polarimeter is

s2(α) =
1

2
(I−Q cos 2α−U sin 2α) . (5.2)

On the other hand, the second pair of PSBs rotated by 45◦ measures

s3(α) =
1

2
(I+Q sin 2α−U cos 2α) , (5.3)

and

s4(α) =
1

2
(I−Q sin 2α+U cos 2α) . (5.4)

From these four equations we can now extract the Q and U contribu-
tions by combining the differences

s1 − s2 = Q cos 2α+U sin 2α, (5.5)

and

s3 − s4 = Q sin 2α−U cos 2α. (5.6)

To extract the Stokes I map it is enough to sum either (s1 + s2) or
(s3 + s4). One scan is enough to estimate Q and U. The multiple
scans and surveys provide I, Q, and U measurements with different α
orientations, which can be used to estimate the respective statistical
uncertainties. What we have just described is however an ideal case
to extract polarization data from observations. In reality, to retrieve
the Stokes maps, one has to deal both with possible miscalibrations
between detectors and noise. More rigorously, the complete Eq. 5.1
reads as

s1 = g [I+ ρ (Q cos 2(ψ+α) +U sin 2(ψ+α))] +n, (5.7)

where n is the noise, g is the total gain, ρ is the polarization efficiency,
and ψ is the orientation of the focal plane on the sky, which varies as
the satellite scans the sky. It is easy to verify that in the ideal case of no
noise, no calibration errors (g = 1), and perfect polarimeters (ρ = 0.5),
Eq. 5.7 is well approximated by Eq. 5.1.

The calibration of the polarization efficiency and angle on the focal
plane of the bolometers represents a crucial step in the data processing
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to produce accurate maps of the Stokes parameters. In particular, both
ρ and α have been calibrated from the ground with high accuracy,
such that the polarization efficiencies of each pair of bolometers have
been measured with an accuracy of 6 0.3%, and the orientations of
each of the grids with a relative accuracy of 0.9◦, and a 0.3◦ absolute
uncertainty. On the other hand the g factor of the gain has been
calibrated in flight using the CMB orbital dipole (associated with the
movement of our local group of galaxies relative to the reference frame
of the CMB), almost reaching the expected accuracy of 0.1% [201].

The accuracy on the gain represents one of the most important parts
of the instrumental calibrations. Indeed, any miscalibration among
bolometers induces a spurious leakage from intensity to polarization.
At CMB frequencies, the main leakage from miscalibration of the
bolometers comes from the CMB solar and orbital dipoles. Since inten-
sity is usually an order of magnitude stronger than the polarization
signal, the leakage, proportional to the input signal, is noticed more
in the Galactic plane where the polarization degree is small. However,
even if the detectors were perfectly calibrated on the CMB dipole,
leakage would be still present in the data. As the bolometer gain
is calibrated on the CMB dipole, the differential gains on the dust
emission, and CO from the Galaxy, produce mismatch terms among
detectors (bandpass mismatch, BPM), which result in leakage effects.
Two methods have been used by the Planck Collaboration to correct
the data for BPM leakage, described in Planck Collaboration IX [180].
In short, the first one involves computing the BPM leakage between
bolometers using the measurements of the spectral response obtained
for each detector when testing the instrument in the laboratory in
Orsay [167]. On the other hand, an alternative method deduces the
relative detector response on regions of the sky where the three Stokes
parameters can be obtained for each detector, individually (only in
regions outside the Galactic plane which were scanned in a large
number of configurations). Now, the BPM correction is estimated us-
ing a global fit on the sky. BPM leakage affects both the estimate of
polarization fraction and angle from I, Q, and U Stokes parameters.
Other systematic effects that are corrected in the map-making process
include the non-linearity of the analogue-to-digital (ADC) converters,
and the time constants of the detectors [174, 175].

An independent and complementary assessment of systematic un-
certainties in the maps comes from null tests built from subsets of
the data. The HFI products of the full mission include data from five
independent consecutive sky surveys (Survey−1 to Survey−5), taken
six months apart. Because of the scanning strategy of the Planck mis-
sion, surveys taken one year apart (i.e., odd surveys, Survey−1 and
Survey−3, and even surveys, Survey−2 and Survey−4) have the same
observing pattern. The sky is scanned in opposite directions for even
and odd surveys. On the other hand, due to a change in the precession
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phase of the satellite, a distinct scan pattern characterizes Survey−5.
Other subsets of the data include data binned into the first and second
halves of the Planck stable pointing periods, half-rings, into different
years, Year-maps, and into each of the two independent combinations
of four detectors, DetSets (necessary to produce I, Q, and U sky maps).

5.2.1 Maps at 353 GHz

Among the 7 available frequencies in polarization, the best-suited
Planck channel for studying the structure of the dust polarization sky
is that at 353GHz. We remind the reader that this thesis is focused on
the characterization of the GMF as traced by interstellar dust. Hence,
we perform our data analysis only using the maps at 353GHz of the
HFI instrument. Since the beginning of this work of thesis, however,
the data have been progressively optimized and corrected for several
systematic effects. Thus, in this analysis two versions of the data will
be described. In particular, most of the work relies on the Stokes
Q353 and U353 maps (hereafter the 353 index will refer to the HFI
maps at 353GHz), and the associated noise maps, made with the five
independent consecutive sky surveys of the Planck cryogenic mission,
which correspond to the DR3 (delta-DX9) internal data release. These
data are the same used in some of the first Planck papers in polarization
[184, 185, 186, 187] and have the required photometric accuracy to
probe the diffuse structure of the polarized sky up to intermediate
Galactic latitudes where systematics are better controlled and noise is
lower. The Q353 and U353 maps are corrected for spectral leakage as
described in Planck Collaboration Int. XIX [184].

For the dust total intensity at 353GHz we use the model map, D353,
and the associated noise map, derived from a fit with a modified
blackbody (see Eq. 3.3) of the Planck data at ν > 353GHz, and IRAS
at λ = 100µm [181]. This map has the advantage to have a lower
noise than the corresponding 353GHz Stokes I Planck map. Hereafter,
D353 corresponds to the dust specific intensity corrected for zodiacal
emission, CMB anisotropies, and the CIB monopole.

The Q353 and U353 maps are initially at 4.′8 resolution, and D353
at 5 ′. The three maps are in HEALPix format [70] with a pixelization
Nside = 2048 (∼ 1 ′ pixels). To increase the signal-to-noise ratio of ex-
tended emission, we smooth the three maps to 15 ′ resolution using the
Gaussian approximation to the Planck beam. We reduce the HEALPix

resolution to Nside = 512 (∼ 7.′1 pixels) after smoothing. To finely sam-
ple the beam, we also use the smoothed D353 map with Nside = 1024

(∼ 3 ′ pixels) in Appendix A. For the polarization maps, we apply the
ismoothing routine of HEALPix that decomposes the Q and U maps
into E and B-mode maps, applies the Gaussian smoothing in harmonic
space, and transforms the smoothed E and B back into Q and U maps
at Nside = 512 resolution. Although most of our analysis is based on
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Figure 5.5: Planck model map of dust emission D353 at 353GHz and 15 ′

resolution (top).Planck maps of Stokes parameters Q (middle)
and U (bottom) at 15 ′ resolution. The maps show a Galactic
coordinate grid and the mask covers regions where the systematic
uncertainties in polarization are high and where the dust signal
does not dominate the total emission.
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the Q353, U353, and D353 maps (shown in Fig. 5.5), we also use the
maps of the polarization fraction p and angle ψ produced by Planck
Collaboration Int. XIX [184]. These maps are derived in the paper
from the observed I353, Q353, and U353 smoothed at 1◦ resolution
(using Eq. 3.7) by means of the Bayesian analysis described in Planck
Collaboration Int. XXIII [188]. This method provides unbiased esti-
mates of p and ψ353 against instrumental noise. The best fit unbiased
p and ψ maps are shown in Fig. 5.6, also at 1◦ resolution. The bottom
panel of Fig. 5.6 actually shows the orientation of the magnetic field
projected on the plane of the sky, at 90◦ from ψ353, overlaid on the
I353 map. Since in Planck Collaboration Int. XIX [184] the data used
are the same DR3 data presently described, we only show regions in
the sky where the systematic uncertainties in polarization are small
and where the dust signal dominates the total emission. The total
mask (neglected pixels) almost covers 21% of the sky. For this thesis,
however, the unbiased p and ψ353 are produced at 15 ′ resolution and
at Nside = 512.

We note that for the Stokes parameters provided in the Planck
data, the angle convention in Eq. 3.8 is with respect to the Galactic
coordinates with −90◦ < ψ < 90◦ and ψ = 0◦ towards the north
Galactic pole (hereafter NGP) and positive toward the west (clockwise).
This convention is the one used in the HEALPix software, but is different
from the IAU convention [74], for which ψ = 0◦ toward the north and
positive toward the east (counterclockwise). The conversion between
Planck Stokes parameters and the IAU convention is given by

ψIAU =
1

2
arctan (−U,Q) (5.8)

In the present analysis, our polarization angles are given in the IAU
convention.

Most recently, the data at 353GHz have been corrected, before map-
making on the detector time-lines, for the ADC and time constants of
the detectors, and they are now suited (even if not finalized yet) for
studying the polarized sky at high Galactic latitudes. This version of
the data corresponds to the DX11d internal data release. These maps
allow us to probe the structure of the GMF at high Galactic latitudes,
in the Solar neighborhood, and in the lowest column densities of
diffuse ISM. To increase the signal-to-noise around the Galactic poles,
we smooth the maps at 1◦ resolution and degrade them to Nside = 128

(∼ 30 ′ pixels), using the same routines applied in the previously. As
well as before, instead of the Planck I353 map we make use for the
dust emission at 353GHz the model map D353, also smoothed at 1◦.
These maps are displayed in Fig. 5.7, rotated around the Galactic poles,
where the sky below |b| = 60◦ is masked. They will be denoted by the
index L, as QL

353, UL
353, and DL

353.
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Figure 5.6: Best-fit maps of polarization fraction (top) and magnetic field
orientation (bottom) at 353GHz and 1◦ resolution. In the bottom
panel the normalized lines were obtained by rotating the mea-
sured polarization angles by 90◦. The length of the polarization
vectors is fixed and does not reflect the polarization fraction. The
background map corresponds to the 353GHz I353 in log10 scale.
The mask covers regions where the systematic uncertainties in po-
larization are high and where the dust signal does not dominate
the total emission.
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Figure 5.7: Orthographic projection of DL353 (top), QL353 (center), and UL353
(bottom) centered on the South (left) and North (right) Galactic
poles. The sky below |b| = 60◦ is masked. A grid of Galactic
coordinates is shown.
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6
D U S T A S A F O R E G R O U N D F O R C M B
P O L A R I Z AT I O N

In Sect. 4.2 we have already introduced the problem of estimating
the level of foregrounds in order to correctly extract primordial sig-
nals from CMB observations. We also pointed out that the effects
of foregrounds become much more important when studying CMB
polarization. We remind the reader that the primordial imprint of
gravitational waves in the CMB has to be found in the B-modes power
spectrum at scales between 40 < l < 120, where its contribution peaks
and can be separated from the B-mode signal of gravitational lensing
(see Fig. 4.6). This signal is extremely faint, and here the effect of spuri-
ous contaminations becomes critical. In this range, and at frequencies
greater than 100GHz, the polarized thermal emission from diffuse
Galactic dust is the main foreground for CMB polarization. A proper
estimate of the Galactic dust level in polarization becomes therefore
fundamental for cosmological purposes. Moreover, apart from cos-
mology, knowing the characteristics of dust emission in polarization
will represent an immense step forward in the understanding of the
physics of the magnetized ISM. In this chapter we shortly resume two
works that exploited the whole range of Planck frequencies to analyze
the dust SED in polarization, and to study the polarized power spec-
trum of dust over a large fraction of the sky [187, 173]. Although the
author of this manuscript took part to several discussions about these
works, he was not involved in the data analysis. Thus, here, we only
report a summary of the main results. Further information is to be
found in the papers.

6.0.2 Dust spectral energy distribution in polarization

If the properties of dust emission in intensity are still debated, even
more challenging is the description of its polarized emission. In this
context, the Planck data are today the best suited to study the SED of
dust emission at submm wavelengths also in polarization. By cross-
correlating Planck and WMAP data, Planck Collaboration Int. XXII
[187] probe the frequency dependence of dust emission both in inten-
sity and polarization over 12 channels, between 23 and 353GHz. The
cross-correlation is made over circular patches with 10◦ radius using
a mask to focus on the diffuse interstellar medium at intermediate
Galactic latitudes. They assume a modified blackbody spectrum (see
Sect. 3.1.3) also in polarization, and determine the spectral indices
both in intensity and polarization between 100 and 353 GHz, for each
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Figure 6.1: SED of the emission spatially correlated with dust in intensity
(left) and polarization (right) in KRJ units, normalized to 1 at
353GHz, with different spectral fits (thermal dust is in magenta).

sky-patch. They find both indices to be remarkably constant over the
sky, having mean values of 1.59± 0.02 for polarization and 1.51± 0.02
for intensity, for a mean dust temperature of 19.6 K. Making use of the
353GHz data as a template, they extract from the data the emission
spatially correlated with dust. They determine the mean SED of the
microwave emission by averaging the results of the correlation over
all sky-patches. They find that the mean SED increases for decreasing
frequencies at ν < 60GHz, for both intensity and polarization. For
intensity, this increase is associated with the anomalous microwave
emission discovered with COBE [120]. The interpretation is different
for polarization. The rise of the polarization SED towards low frequen-
cies may be accounted for by a synchrotron component correlated with
dust, with no need for any polarization of the anomalous microwave
emission. Figure 6.1 shows the dust SEDs in intensity and polarization
and the corresponding fits.

They finally use a spectral model to separate the synchrotron, the
anomalous microwave and the dust emission in intensity, to quantify
the spectral dependence of the dust polarization fraction. The polar-
ization fraction of the dust emission decreases by (20± 10)% from
353 to 70 GHz, which could be related to differences in polarization
efficiency among different components of interstellar dust (e.g., carbon
versus silicate grains).
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6.0.3 The angular power spectrum of polarized dust emission

In April 2014 the BICEP2 collaboration published a paper claiming
the detection of the B-modes power spectrum with tensor-to-scalar
ratio (the ratio between gravitational and density perturbations) of 0.2
[1]. Despite the explosive excitation derived from this announcement,
the scientific community committed itself to double-check this result,
which would represent an enormous breakthrough in the understand-
ing of the origin of the Universe, and a first detection of primordial
gravitational waves.

The main problems of interpreting the results of the ground-based
BICEP2 telescope come from possible contaminations of their data by
Galactic foregrounds, due to their limited sky and spectral coverages.
Most of all, with just one frequency channel at 150GHz, their estimate
of the dust level in their observations is uncertain.

Planck Collaboration et al. [173] exploit the Planck data from 100

to 353 GHz to measure the dust angular power spectra of E and
B-modes, CEE

l and CBB
l respectively, at scales between 40 < l < 600,

away from the Galactic plane. They characterize the general statistical
properties of the emission over large fractions of the sky using an-
gular power spectra. The polarization power spectra of the dust are
well described by power laws in multipole, Cl ∝ lα, with exponents
αEE,BB = −2.42± 0.02. In Fig. 6.2 we display these results in terms
of Dl ≡ l(l+ 1)Cl/(2π) in units of 10−2 µK2CMB. The amplitudes of
the polarization power spectra vary with the average brightness as
< I1.9

353 >. They also find a systematic difference between the ampli-
tudes of the Galactic B and E-modes, CBB

l /C
EE
l = 0.53. They also verify

that these general properties are preserved towards high Galactic
latitudes, where the dust column density is the lowest. They show
that, even in the faintest dust-emitting regions, there are no clean
windows in the sky where primordial CMB B-mode polarization mea-
surements could be made without subtraction of foreground emission.
In particular, they quantify the dust polarization level in the specific
field recently targeted by the BICEP2 experiment. Extrapolation of the
Planck 353 GHz data to 150GHz gives to us a dust power over the l
range of the primordial recombination bump (40 < l < 120), expressed
asDBB

l ≡ l(l+1)CBB
l /(2π), of 1.28with statistical and systematic uncer-

tainties of ±0.26 and ±0.22, respectively, and an additional uncertainty
of (+0.38,−0.32) from the extrapolation. This level is of the same mag-
nitude as reported by BICEP2 over the same range of scales, which
highlights the need for assessment of the polarized dust signal even
in the cleanest windows of the sky.
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Figure 6.2: Planck 353GHz DEEl (top) and DBBl (bottom) power spectra (in
µK2CMB) computed on three different fractions of the sky: 0.3 (cir-
cles, lightest), 0.5 (diamonds, medium), and 0.7 (squares, darkest).
The best-fit power laws in l are displayed for each spectrum as a
dashed line of the corresponding colour. The Planck 2013 best-fit
ΛCDM DEEl expectation [183] and the corresponding r = 0.2 DBBl
CMB model are displayed as solid black lines; the rise for l > 200
is from the lensing contribution. In the lower parts of each panel,
the global estimates of the power spectra of the systematic effects
from intensity-to-polarization leakage are displayed in different
shades of grey, with the same symbols to identify the three re-
gions. Finally, absolute values of null-test spectra, computed here
from the cross-spectra of the HalfRing/DetSet differences, are
represented as dashed-dotted, dashed, and dotted grey lines for
the three sky fractions.
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Part III

M E T H O D O L O G Y



7
M E T H O D O L O G Y

[...] the stars were fixed to a crystal
vault to stop them falling down [...]

- B. Brecht, Life of Galileo

As we saw in the previous chapters, measuring magnetic field
in the Universe represents a tough challenge for observers. The all-
sky maps in polarization from Planck provide, for the first time, the
possibility to perfom statistical studies to charaterize the properties
of the GMF. Hence, we need to acquire the required know-how on
the data to extract the most from the observations. One fundamental
part of this thesis work, therefore, consisted in the development of the
methodology needed to address the scientific questions presented in
Chapter 1.

Here in this chapter we deepen into the methodology that was
used to analyze the Planck data and infer the properties of the GMF.
The chapter is organized as follows: Sect. 7.1 presents two geometric
models, which allowed us to study the effects of projection of the GMF
in the Solar neighborhood. While model A in Sect. 7.1.1 describes
the large-scale uniform component of the field, model B in Sect. 7.1.2
focus on the effects of projection on the plane of the sky of the relative
orientation between two vectors in 3D. Finally, in Sect. 7.2 we describe
the algorithm used to find and select these structures of interstellar
dust in the Planck maps.

7.1 modelling the magnetic field geometry

Astronomical observations have always depicted the firmament as
a projected sky. Constellations of stars are the oldest and clearest
example of projected patterns seen in the night sky. The constellations
are often the beautiful result of projection on the plane of the sky of
physically disconnected and uncorrelated regions. Projection effects
are important for a wide range of astrophysical measurements, mostly
when we try to infer the properties of vectorial fields, such as velocities
and magnetic fields.

We saw that dust polarization only allows us to study the geometry
of the magnetic field in the orientation perpendicular to the LOS (see
Chapter 3) and weighted on the dust column density along the LOS.

In order to infer some general properties of the GMF geometry, we
provide two models to take into account projection effects.
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Model A (Sect. 7.1.1) is a simple geometric experiment that repro-
duces the polarization patterns on the sky caused by a uniformly
oriented magnetic field, and a constant polarization fraction.

Model B (Sect. 7.1.2) represents one of the main achievements of
this chapter. This model is most relevant for probing the effects of
projection on the plane of the sky of the relative orientation of two
3D vectorial fields (i.e., the magnetic field orientations at two different
scales, the magnetic field with respect to the matter structures).

7.1.1 Model A: a uniform magnetic field at large scales

Are we able to trace the uniform component of the GMF in the Solar
neighborhood by means of the Planck data?

To address this question, here we present the model that we fit to the
data in Sect. 9.1. We assume that in all directions on the sky, there is the
same degree of alignment of interstellar dust with respect to the GMF,
so that the polarization of the dust emission is always perpendicular to
the magnetic field orientation projected on the plane of the sky. Thus,
if the GMF has a uniform component that follows the spiral arms of
the Galaxy 1, in the vicinity of the Sun, we should be able to observe
the trace of this component onto the polarization patterns of the dust
emission. When looking along the field lines, referring to the heuristic
allegory by Carl Heiles [85], the polarization vectors appear to recede into
the distance. The convergence effect is similar to that observed by standing
on a railroad track and looking down the tracks. Essentially, observing
the uniform component of the field produces polarization patterns
due to all possible viewing angles between us and the field lines. We
construct a purely geometric model that only takes into account these
projection effects, and which is able to reproduce the geometric part
of the Stokes Q and U parameters (see Eqs 3.7) for a uniform magnetic
field orientation and constant polarization fraction across the sky. In
model A we do not consider any depolarization effect along the LOS
(i.e., interstellar turbulence).

Let’s now move to the description of the model. Given a Cartesian
reference frame xyz with unitary radius, each point on the sphere
can be identified by a pair of angular coordinates, which concide
with the Galactic longitude and latitude, l and b. We consider the
range of values of l to be [0◦, 360◦], and of b to be [−90◦, +90◦]. The
reference is choosen to have the z-axis, defined by the normalized
vector êz = (0, 0, 1), pointing toward the NGP.

The uniform orientation of the Galactic magnetic field is therefore
defined by the pair of coordinates (l0,b0), so that the vectorial field
corresponds to ~B0 = (cos l0 cosb0, sin l0 cosb0, sinb0). Let’s now
define the generic LOS vector ~L as (cos l cosb, sin l cosb, sinb) on
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Figure 7.1: Mollweide (top) and orthographic (bottom) projections of qA
(left) and uA (right) for a uniform direction of the field toward
(l0,b0) = (80◦, 0◦), the values inferred by stellar polarization data
[85]. The orthographic projections are centered on the Galactic
poles.

a full-sky HEALPix grid. The resolution of the grid can be changed
according to the analysis of the data.

Through polarization observations of dust emission we can only
probe the perpendicular component of the field with respect to the
LOS. Hence, we derive this perpendicular component as,

~B0⊥ = ~B0 − ~B0‖ = ~B0 − (~B0 ·~L)~L. (7.1)

In order to reproduce the geometric contributions of Eqs. 3.7 we also
need to derive the local north and east directions for each LOS, so that
we can model the polarization angle, ψ, and the angle γ with respect
to the NGP, as done for the data. Thus, for a given LOS, the local east
and north directions are

~EL = ~L× êz
~NL = ~EL ×~L. (7.2)

Being the polarization angle the complementary angle of that between
~B0⊥ and ~NL, and γ the angle between ~B0 and ~B0⊥, from Eqs. 7.1 and
7.2, we can derive, for all possible LOS on the sky grid, the following
quantities,

ψA = arccos (
~B0⊥ · ~nL
|~B0⊥|

) − 90◦

cos2 γA = 1− |~B0 ·~L|2, (7.3)
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where the subscript A refer to model A, and ψA is computed also ac-
counting for the sinus of the angle by the scalar product between ~B0⊥
and ~EL. We can now produce analytical expressions for the geometric
part of the Stokes parameters, qA and uA, as follows,

qA = cos2 γA cos 2ψA

uA = cos2 γA sin 2ψA. (7.4)

As for the railroad allegory given above, these modelled Stokes param-
eters, obtained for a uniform magnetic field orientation and polariza-
tion fraction, show patterns which are only due to projection effects.
For illustration, in Fig. 7.1 we present the maps of qA and uA for a
uniform direction of the field toward (l0,b0) = (80◦, 0◦), the direction
inferred from stellar polarization data [85].

7.1.2 Model B: Gaussian models to account for projection effects

In this section we present model B, which is compared with the data
in Sects. 9.2 and 10.2.1. Whether it is applied to the local dispersion
of the magnetic field orientations, or the relative orientation between
the structures of matter and the magnetic field, model B provides a
framework to quantify projection effects when studying the relative
orientation between two vectorial fields, after projecting the corre-
sponding 3D configuration onto the plane of the sky. This model is
purely geometric, we do not consider the averaging of the field along
the LOS.

Model B is applied to interpret the data with different configurations,
which are going to be described further on in this manuscript, case
by case. However, here we introduce the basic characteristics of the
model, which hold for every use of the model.

Model B is a sky map of 3D vectors, ~VM (hereafter the subscript M
refers to model B), with a Gaussian distribution of orientations about
a mean direction ~VM0. The three components of ~VM are independent
realizations of a Gaussian field on a full-sky HEALPix grid, at a 15 ′

resolution, with an angular power spectrum having a power law of
index αM, to which we add the components of ~VM0

1. By construction,
the mean of ~VM is ~VM0. We computed several sets of models for a range
of ratios fM between the standard deviation of |~VM| and |~VM0|, and for
different values of the spectral index αM. The ratio fM determines the
amplitude of the scatter of ~VM with respect to ~VM0, while the spectral
index αM controls the correlation across the sky of the direction of ~VM.
The distribution function (DF), which hereafter will refer to probability
distributions (integral equal to 1), of angles between ~VM and ~VM0, per
unit solid angle, is close to Gaussian with a standard deviation, σM,
that increases from 9.◦7 to 29.◦5 and 38◦ for fM = 0.3, 1.0 and 1.5. For

1 These realizations are computed with the procedure SYNFAST of HEALPix at Nside =

512.
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Figure 7.2: Distribution functions for the Gaussian models for four values of
the dispersion of the ~VM direction about ~VM0 . The dispersion of
angles in the models is parametrized by the value of fM (σM). It is
the strongest in the purple case, fM = 1.5 (σM = 38◦). The other
curves correspond to fM = 1.2 (σM = 33◦) in magenta, fM = 1.0
(σM = 29◦) in red, and the weakest, fM = 0.5 (σM = 15◦), in green.
Each DF is computed over the same set of pixels used for the data
analysis. The plot shows the results for the index of the power
spectrum -1.5.

each model, we compute maps of the projections of ~VM and ~VM0 on
the sky with respect to the local direction of the NGP, ψM and ψM0,
respectively (as described for model A in Sect. 7.1.1).

We compute the difference between these angle maps by means of
the following trigonometric formula

δψM =
1

2
tan−1

(
sin 2ψM cos 2ψM0 − cos 2ψM sin 2ψM0

cos 2ψM cos 2ψM0 + sin 2ψM sin 2ψM0

)
. (7.5)

The values of δψM are computed from −90◦ to 90◦ matching both
the sinus and the cosinus values. Over the HEALPix grid, we sample
uniformly the relative angle between the LOS and the mean vector
~VM0. The DFs of the difference of angles between the projections of
~VM and ~VM0 on the plane of the sky are presented, for a few models,
in Fig. 7.2.

We show models with increasing values of fM for a spectral index
αM = −1.5. This spectral index will be used across the whole data
analysis. When we use a steeper power spectrum the results are
similar, although less regular and slightly asymmetric about the origin.
This asymmetry arises from sample variance, because, for decreasing
values of αM, the distribution of the ~VM direction is less sampled
due to the correlation of ~VM on the sky. In Fig. 7.3 we illustrate the
effect of sample variance for multiple Gaussian realizations with both
αM = −1.5 and αM = −2.0, with a fixed value of fM = 0.8.
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Figure 7.3: Comparison of the distribution functions of relative orientations
for the data, in black (see Fig. 9.8), and the Gaussian models
with fM = 0.8, in grey, only considering the selected pixels. The
two plots show five realizations of the Gaussian models with an
angular power spectrum of power law index αM = −1.5 (left) and
αM = −2.0 (right). Because of sample variance, the steeper power
spectrum produces asymmetries and skewness in the distribu-
tions.

As it may be noticed, the models for the steeper power spectrum
show a higher dispersion and stronger skewness.

Two more things are worth to be mentioned about the angle DF.
First, in Fig. 7.2, the DF of the angle between the projections of ~VM

and ~Vref is shown to be broader than that computed in 3D (Fig. 7.4).
Moreover, the DF of the angle difference in Fig. 7.2 also shows a
pedestal that extends to −90◦ and 90◦, corresponding to positions in
the sky where ~VM or ~VM0 are close to the line of sight orientation. In
this case ~VM or ~VM0 are along the line of sight and the angle between
the projections of the two vectors on the plane of the sky can have any
value independently of the 3D angle.

Model B is used in different contexts, where the vectors ~VM and ~VM0

have distinct interpretations.
In Ch. 9, we use these Gaussian models to interpret the DF of relative

orientations between the local and mean magnetic field orientations.
In this case, ~VM is the orientation of the local field and ~VM0 that of
the background field assumed to be fixed over the sky. Here, fM is
the ratio between the random, referred to as turbulent, and mean
components of the magnetic field.

In Ch. 10, we use model B to interpret the DF of relative orientations
between the magnetic field and the filamentary structures of inter-
stellar matter. In this case, ~VM is the orientation of the field and ~Vref

that of the structures. Now the parameter of the models is σM, which
measures the degree of alignment between the field and the structures
in 3D.

In both cases, the statistics over the sky provide a homogeneous
sampling of the relative orientation of the LOS and the reference (the
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Figure 7.4: The distribution of angles between ~VM and ~VM0 per unit solid
angle for fM = 1.2 and αM = −1.5, in black, is compared to the
distribution of angles between the projections of the two vectors
on the plane of the sky, in red. Due to projection effects the
dispersion in 2D is larger than in 3D.

background magnetic field or the filaments) even when we do not
introduce any variation of ~VM0 on the sky.

7.2 looking for interstellar filaments

Since the discovery of the filamentary appearance of the ISM by
observations of different tracers, such as CO and HI dust emission
and reddening [91], a big effort has been produced in the community
to develop algorithms that enable one to study the morphological
features and properties of the maps.

In this section we first discuss some of the already existing algo-
rithms for morphological analysis of astronomical data in Sect. 7.2.1,
and then in Sects. 7.2.2, 7.2.3, and 7.2.4 we present our methodology
to find and select structures (hereafter also called ridges) in the D353
map. The selection procedure of the structures represents a key as-
pect of our data analysis, where we compare the orientation of the
structures with that of the magnetic field inferred from the Planck
polarization data.

7.2.1 What is already in the litterature?

The interest for filamentary structures in the interstellar space was
heavily motivated by Herschel observations at far-infrared wavelengths,
which found that filaments are ubiquitous and represent the loci where
stars form [5, 6]. However, our understanding of their formation is
still fragmentary. Although visual inspection of the data is the most
relevant method to examine the observations, with the advent of
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new instruments, which have been measuring the dust emission, in
intensity and polarization, at scales ranging from pre-stellar cores
[148] to entire molecular cloud complexes [68, 28], the need of a
more rigorous morphological analysis of the maps became important.
Nevertheless, today there is not a standard method to analyze the data
yet. Different algorithms are built according to the specific analysis to
perform.

Most of the existing algorithms are features detectors based on
derivative operators, through which it is possible to determine shapes
and orientations of characteristic features in the images.

For the analysis of the Herschel maps, two main algorithms were
used: DisPerSE [211] and getfilaments [152].

DisPerSE was originally created to detect filaments in the cosmic-web
of cosmological large scale structures [189]. It was later on adapted to
other astrophysical purposes and applied to the study of molecular
clouds in the Gould Belt with Herschel [6]. The idea of the algorithm is
based on two distinct sub-domains of computational topology, namely
the discrete Morse theory, which provides a rigorous application of
topological principles to astrophysical data sets, and the theory of
persistence, which allows one to consistently account for the intrin-
sic uncertainty and Poisson noise within data sets. It is beyond the
purpose of this thesis to go into the details of this specific algorithm,
however we give a general description of it. The basic idea is to
combine first and second derivatives of the intensity map to define
structures based on different manifolds related to the nature of the
critical points. The algorithm connects minima and maxima of the
intensity through segments, or filaments. Therefore, it traces their
crest providing the corresponding orientation. The persistence theory
allows the user to establish a certain degree of confidence on the
selection of the structures with respect to the level of noise in the data.

Getfilaments is a multi-scale filament extraction method. It solves
the fundamental problem in extracting sources from an image, where
all spatial scales are mixed together and the intensity of any pixel
contains unknown contributions from different components. The bot-
tom line of the scale decomposition is based on the convolution of the
original image with circular Gaussians of progressively larger sizes,
and on subtracting them from one another in an iterative way.

Filamentary structures are also striking features in numerical simu-
lations of the diffuse ISM and molecular clouds[87, 162, 67, 89]. Soler
et al. [210] in their MHD simulations make use of another technique
to characterize the filamentary structure of clouds: the Histogram
of Relative Orientation (HRO). The HRO algorithm is inspired by a
family of detection algorithms usually called Histograms of Oriented
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Gradients (HOGs). HOGs are used in pattern recognition and are
developed in the context of machine vision. These algorithms use the
gradient of an image to describe the orientation of the edges in it. The
gradient is based on the difference between pixels in a neighborhood
and quantifies the edges: the magnitude carries the information on
the difference (edge strength) and the orientation defines the direction
perpendicular to a contour line (edge direction). A histogram of the
orientation angles of the gradient rotated by 90◦ therefore summarizes
statistically the orientation of the features in an image.

For our purposes we use a ridge detector algorithm rather than an
edge detector one, and, unlike what is done in analyzing Herschel maps
of molecular clouds, we do not need to identify filaments as coherent
structures and restrict the analysis to the crest of the filaments. As
well, since we are not after specific geometric structures in the maps,
anisotropic wavelet techniques, as those applied in previous works
investigating the spiral arms of M51 [170], are not suited for our study.

Our distinct requirements, selecting the pixels along the ridges and
measuring on these pixels the local orientation of the ridge, lead us to
make use of a different selection procedure to find the structures in
the maps than those presented above. We describe our methodology
in the three following sections.

7.2.2 Exploiting Planck data: a multiscale analysis in polarization

The first preliminary step of our data analysis in studying the cor-
relation between the GMF and the filamentary structures of matter
in the ISM is to simply inspect the data by-eye, and compare the
Q353 and U353 maps with D353. Let’s first define what a structure
of matter is in the maps. A structure is an elongated feature in D353,
which appears as a contrasted ridge with respect to the local and more
diffuse emission at larger scale, hereafter referred to as background.
To display these structures, we produce a low resolution background
map, DBG

353
, from D353. For each sky pixel, we compute a histogram of

D353 within a circular aperture of radius 2.◦5, so that the background
value at this position is estimated from the mean of the 20% lowest
values. We show that our choice of the 20% fraction is not a critical
aspect of the data analysis in Sects. 9.2 and 10.2.

The top panel in Fig. 7.5 shows the difference

DDif
353

= D353 −D
BG
353

, (7.6)

which highlights the localized structures in the sky from low to high
Galactic latitudes.

We also produce the background maps, QBG
353

and UBG
353, computing

the mean values of Q353 and U353 over the same pixels used to
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Figure 7.5: Top: all-sky Mollweide display of the dust emission intensity at
353 GHz after background subtraction, DDif

353
. Bottom: correspond-

ing difference map for the polarized emission, PDif
353

. The regions
of low polarization signal at high Galactic latitude are masked.
These images include a grid of Galactic coordinates.
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Figure 7.6: All-sky Mollweide display of the Stokes maps QDif
353 (top) and

UDif
353 (bottom) at 353GHz after subtraction of background maps.

The regions of low polarization signal at high Galactic latitude
are masked. These images include a grid of Galactic coordinates.
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compute DBG
353

. The difference maps for the Stokes Q and U parameters
are

QDif
353

= Q−QBG
353

UDif
353

= U−UBG
353

. (7.7)

The results of the background subtraction on the polarization data are
illustrated both by the map

PDif
353

=
√
(QDif

353
)2 + (UDif

353
)2, (7.8)

shown in the bottom panel of Fig. 7.5, and by QDif
353

and UDif
353

displayed
in Fig. 7.6. We present these maps after applying the same all-sky
mask defined in Planck Collaboration Int. XIX [184] and introduced in
Sect. 5.2.1. Note that PDif

353
is only used for visualisation purposes and

not for data analysis.
Just looking at the data, the polarization maps, QDif

353 and UDif
353,

show localized structures that are often spatially coincident with
comparable features in DDif

353
. However, there is not a one-to-one corre-

spondence between the polarization and intensity maps. The ridges in
DDif

353
appear with different contrast and sign in QDif

353 and UDif
353 . These

differences trace changes in the polarization fraction and angle, which
are observed to vary locally.

7.2.3 The Hessian algorithm

Let’s now move to a more quantitative and rigorous approach in
deciding where to compare the orientation of the magnetic field and
of the structures of matter. We need an algorithm that selects pixels
on localized structures, providing the orientation at each position on
the sky.

To identify the structures we use a Hessian analysis of D353. The
Hessian matrix has also been used to analyse Herschel images of the
L1641 cloud in Orion [192], and is related to analysis of the cosmic-web
in cosmological large-scale structures [189]. This algorithm detects
elongated and coherent ridges using a local determination of the
curvature of the dust emission intensity. For each pixel in the D353
map, we estimate the first and second derivatives with respect to the
local Galactic coordinates (l, b) in order to build the corresponding
Hessian matrix,

H(x,y) ≡

(
Hxx Hxy

Hyx Hyy

)
, (7.9)

where x and y refer to the Galactic coordinates (l, b) as x = b and
y = l cosb, so that the x-axis is pointing toward the NGP. The second
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order partial derivatives are Hxx = ∂2D353/∂x
2, Hxy = ∂2D353/∂x∂y,

Hyx = ∂2D353/∂y∂x, Hyy = ∂2D353/∂y
2. The Hessian matrix would

be nearly the same if we used DDif
353 instead of D353. Indeed, the

difference between the two maps, DBG
353, does not have significant

structure at the scales over which the derivatives are computed.
By solving the characteristic equation of the Hessian matrix, we find

the two eigenvalues,

λ± =
(Hxx +Hyy)±

√
(Hxx −Hyy)2 + 4HxyHyx

2
. (7.10)

For each pixel of the map the two eigenvalues define the local cur-
vature of the intensity. The map of the minimum eigenvalue, λ−,
displayed in the upper panel of Fig. 7.7, highlights filamentary struc-
tures in D353. The Hessian matrix encodes the information about the
local orientation of the ridges. The angle between the north direction
and the eigenvector corresponding to λ− is perpendicular to the ori-
entation angle θ of the crest of the ridge with respect to the NGP. This
angle θ can be derived as

θ =
1

2
arctan

Hxy +Hyx
Hxx −Hyy

. (7.11)

The computation of the Hessian matrix and of θ over the whole sky
using D353 in HEALPix format is detailed in Appendix A. We note
that the Hessian analysis is robust against an alternative method also
detailed in Appendix A).

7.2.4 Defining a selection procedure

The λ− curvature map highlights a complex bundle of filamentary
structures, where the most significant ridges in D353 intersect un-
derlying features due to noise and background emission. To select
interstellar matter structures, we build a mask based on three local
criteria: intensity contrast with respect to the background map DBG

353
;

a threshold on the curvature that depends on DBG
353

; and the signal-
to-noise in the polarization fraction. Hereafter, the masked pixels are
the ones that we do not consider in the analysis. The details of the
masking procedure are discussed in Appendix A. Here, we give a
description of the main points. As already mentioned in Sect. 7.2.2,
the first criterion defines a structure as a contrasted ridge in D353
with respect to the local background. We introduce a threshold on the
brightness contrast that we define as

DDif
353

DBG
353

> ζ. (7.12)
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Figure 7.7: Top: all-sky map of the negative curvature, λ−, of D353. Bottom:
same as in the top panel where only the selected pixels are shown.
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Figure 7.8: Left: blow-up of D353 of the Chameleon complex. The centre of
the map is at (l,b) = (300◦,−35◦). Right: same as for the left
panel, where the masked pixels are set to zero. Our selection
procedure removes the Magellanic Clouds from the analysis.

In our analysis we set ζ = 1. We checked that changing the value of
ζ to 0.5 or 2 does not change our statistical results. We remove the
Magellanic Clouds (give coordinates), which represent very bright
extragalactic sources in polarization, and the Galactic plane within
±5◦ in latitude, in order to focus on structures located in the Solar
neighbourhood.

The second criterion is used to discard the contribution of the
background emission to the curvature, which indeed depends on the
brightness. Thus, we make use of a toy model of the sky to define a
curvature threshold, CT (see Eq. (A.2)), depending on the brightness
of the background (see Appendix A for details). We select structures
for which λ− < −CT. This second criterion has its main impact at high
Galactic latitudes.

The third selection criterion relates to the signal-to-noise ratio in
polarized intensity. We discard all pixels with p/σp < 3, where p and
σp are the polarization fraction and the corresponding error maps
described in Sect. 5.2.1. With this criterion, we restrict our analysis to
pixels where the polarization fraction and angle are well measured.
The uncertainty in the polarization angle directly depends on that in
p [184]. The uncertainties on the angle are smaller than 10◦ for 98%
of the selected pixels, with a median value of 3◦.

Finally, we discard single-pixel regions produced by the selection
criteria. Our final sample of ridges amounts to 4% of the sky.
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Two figures illustrate the selection procedure. The bottom panel in
Fig. 7.7 displays the all-sky curvature map, where only the selected
pixels are shown. As can be noticed, our procedure does not bias the
selection of the structures toward specific regions in the sky, but covers
a wide range of Galactic latitudes. Figure 7.8 illustrates a blow-up of
the Chamaeleon complex, highlighting the selected ridges in D353.

In this chapter we have described the methodology that we have
developed during this thesis to analyze the Planck data and character-
ize the structure of the GMF and its correlation with the distribution
of matter in the ISM. In the following chapters we will present our
results.
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T H E S T R U C T U R E O F T H E G A L A C T I C
M A G N E T I C F I E L D



8
A N E W S K Y I N P O L A R I Z AT I O N

The Planck data reveal a new view of the sky that we have started to ex-
plore. Until now, a few papers by the Planck collaboration have begun
to describe the properties of interstellar dust in the Galactic context.
This chapter aims at summarizing the first steps in the discovery of the
dust polarization sky revealed by Planck, which set the context of this
thesis work (detailed in Ch. 9 and 10). In the next section we report
the results of the first two papers that provide a dedicated description
of the Planck polarization maps at 353GHz, focusing on the statistics
of the submm polarization angle and polarization fraction across the
whole sky, and comparing the statistics of the data with those of MHD
simulations of the formation of molecular clouds [184, 185].

8.1 a first look at the submm sky in polarization

The first recently completed all-sky map of dust polarization in emis-
sion at 353GHz is an immense step forward in brightness sensitiv-
ity and statistics from earlier polarization observations at submm
wavelengths, which have mapped bright sources at higher angular
resolution than Planck [e.g., 119, 190, 149]. So far, only ground-based
observations provided the angular resolution required to measure the
polarization of pre-stellar cores [148], and to image dust polarization
in distant molecular clouds [135]. Planck data however are unique in
their ability of mapping dust polarization of the filamentary struc-
tures in the diffuse ISM and molecular clouds, allowing for statistical
studies to characterize the structure of the GMF and its coupling to
matter and turbulence at physical scales relevant to the formation of
interstellar filaments.

Planck Collaboration Int. XIX [184] present and analyze the first
large-scale maps of dust polarization fraction, p, and polarization
angle, ψ, (see Fig. 5.6) taking into account noise and possible sys-
tematic effects (see Sect. 5.2.1). To portrait the large-scale pattern of
the Galactic dust polarized emission, we remind the reader that they
derive the polarization parameters from the observed I353, Q353, and
U353 smoothed at 1◦ resolution. As seen in Fig. 5.6 (top panel), the
measured polarization fraction reveals significant variations on the
sky, reaching values up to about 20% in several large-scale patches.
These patterns are consistent with predictions from the Galactic mag-
netic field model used in the Planck Sky Model (PSM) [38], based on
a simple description of the spiral magnetic field in the Galaxy and
optimized on WMAP and Archeops data [49, 50]. The PSM predicts a
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Figure 8.1: Distribution of the polarization fraction (p) as a function of gas
column density over the whole sky (without the mask in Fig. 5.6).
The colour scale shows the pixel density in log10 scale. The
curves show, from top to bottom, the evolution of the upper,
mean, median, and lower 1% percentile of p for pixels with
NH > 1021 cm−2. Horizontal dashed lines correspond to p = 0

and p = 19.8%.

depolarization factor which is minimum in the Galactic plane toward
the anticentre and two strong minima at mid-latitude toward the inner
Galaxy [156].

As shown in Fig. 8.1, considering all the unmasked pixels in Fig. 5.6,
Planck Collaboration Int. XIX [184] find a systematic decrease of p
with increasing dust column density, as derived from dust optical
depth in Planck Collaboration XI [181]. The figure shows a consid-
erable scatter of p for each column density, which is likely to be
related to depolarization within the beam and along the LOS. While
the highest values of p are found for NH < 1021cm−2, at large NH

(1021cm−2 < NH < 2× 1021cm−2) the p values are typically below
10% and show a steady decline, which sharply drops for larger col-
umn density reaching p values of only few %. The maximum value
of 19.8% of p is much higher than what reported so far from ground-
based observations in the submm. Indeed a large fraction of the Planck
statistics come from regions which are too faint to be observed from
the ground. However, such a decrease of p with NH on cloud scales
has been already reported by ground-based measurements of polar-
ization in emission [228] and extinction [229], and interpreted as a
consequence of the gradual loss of alignment of dust grains in dense
shielded regions. Nevertheless the variation of polarization fraction
with column density could also be due to fluctuations of the magnetic
field along the LOS causing depolarization.
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Figure 8.2: Map of the polarization angle dispersion function S at 353GHz
and 1◦ resolution for a lag of 30 ′. The map is shown in log10
scale only for the regions where S/σS > 3.

To investigate these depolarization effects, Planck Collaboration Int.
XX [185] compare the polarization properties of the Planck maps with
the polarized emission in 3D simulations of MHD turbulence.

The simulation, detailed in Hennebelle et al. [90], was performed
with the RAMSES code [218, 60], whose adaptive mesh refinement capa-
bilities allow for a locally high spatial sampling. It is freely available
via the STARFORMAT project. To be precise, it is the Fiducial run
under the tab Colliding flow simulation. It follows the formation of
clumps of dense and cold CNM out of magnetized warm neutral
atomic WNM in an open box of 50pc on each side, without reaching
the stage when cold cores of column density larger than 2× 1022 cm−2

form.
The simulation cube initially contains a uniform distribution of

WNM with density nH = 1 cm−3 and temperature T = 8000K, and
two converging flows of that same gas are injected from opposing
faces along the x axis with a velocity ∆Vx ' 40 km s−1 relative to each
other. Spatial modulations of the velocity are imposed on the incoming
flows, with amplitudes relative to the mean flow of about unity and a
periodicity of about 10 pc. Periodic boundary conditions are applied
on the remaining four faces. The total mass contained in the cube
continuously increases with time. The initial direction of the magnetic
field is along that of the incoming flows, and its intensity is about
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5µG, consistent with observational values at these densities. There is
therefore a large-scale anisotropic component of the magnetic field
throughout the simulation, as well as a turbulent component linked to
the velocity perturbations imposed on the converging flows.

These flows collide near the midplane, where the combined effects
of cooling and self-gravity eventually lead to the formation of dense
(nH > 100 cm−3) clumps of cold gas (T of the order of 10-50K). To fol-
low that condensation, the grid is adaptively refined, with an effective
(maximum) resolution of 0.05pc.

Planck Collaboration Int. XX [185] selects a cubic subset (18pc ×
18pc × 18pc) of the density and magnetic field in the simulation
snapshot timed at t = 10.9Myr, which corresponds to an evolved state
of the simulation, given the crossing time tc ' 2.4Myr. The structures
present in the simulation are due to the collision of the incoming flows
and not to a pure gravitational collapse, since the initial free-fall time is
tff ' 44Myr. However, some of the densest structures (nH > 10

4 cm−3)
may have had time to collapse. The chosen subset is located near the
midplane, so that the influence of boundary conditions is minimal.

It is important to stress that this MHD simulation, used for compari-
son with the Planck polarization data, does not faithfully reproduce the
whole range of densities and column densities spanned by molecular
clouds (from diffuse clouds, such as Polaris Flare, to massive star-
forming clouds, as Orion). The MHD simulations, with their broad
range of densities and column densities, are representative of the
dynamics of the bulk of the gas. Together with their anisotropy, due
to the large-scale magnetic field pervading the cube, this simulation
is particularly well suited to analyze the polarization properties of
nearby molecular clouds immersed in their low density and large-scale
environment.

Knowing the 3D configuration of the magnetic, density, and velocity
fields, Planck Collaboration Int. XIX [184] integrate Eqs. 3.4a, 3.4b,
and 3.4c across the cube, and produce synthetic maps of Q, U and I
Stokes parameters, which are compared with the data. They study the
statistics of the simulated polarization properties varying the viewing
angle α, such that for α = 0◦ the mean magnetic field is on the plane
of the sky, and for α = 90◦ the field is along the LOS.

When considering a uniform dust intrinsic polarization fraction in
the simulations (p0 in Eqs. 3.4a, 3.4b, and 3.4c) of 20%, they find a
large scatter in the polarization fraction per bin of column density and
a decrease of the maximum (and mean) values of p with NH, similar to
those observed. This suggests that the variation of polarization fraction
as a function of column density can be explained by the tangling of
magnetic field lines along the LOS, without the need of introducing
any loss of grain alignment efficiency due to radiative transfer. Indeed
in Fig. 8.1 most lines of sight with very low p values are within the
inner Galactic plane. The large column densities in the inner Galaxy
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can arise both in massive star forming regions (nH > 3× 104 cm−3

for regions around 0.3 and 1 pc), and long lines of sight (∼ 10kpc)
sampling mostly low density gas in the Molecular Ring. However, the
former contribution at the Planck resolution of 1◦ can be neglected,
since such star-forming regions would have a size of 1 ′ at a distance
further than 2 kpc from the Sun.

The structure of the magnetic field plays an important role in the
distribution of polarization fraction across the sky. The structure of
the field is clearly also encoded in the large-scale distribution of the
polarization angle (as well as magnetic field orientation shown in 5.6),
which, unlike the polarization fraction, is directly related to the field
orientation. The GMF appears mostly parallel to the Galactic plane
at low Galactic latitudes, while at intermediate latitutudes, the field
orientation tends to follow a few of the filamentary intensity structures
of the local ISM (i.e., Aquila Rift and Loop I). In order to quantify
the regularity of the field, Planck Collaboration Int. XIX [184] use the
polarization angle dispersion function [206, 94] defined as

S(~x, δ) =

√√√√ 1

N

N∑
i=1

[ψ(~x) −ψ(~x+ ~δi)]2, (8.1)

where the difference is between the polarization angle at a given posi-
tion in the sky ~x (the central pixel) and the polarization angle at a sky
position displaced from the center by the vector ~δi, such that |~δi| = δ.
S measures the inhomogeneity of the polarization orientation, irre-
spective of the absolute orientation, providing important information
about the magnetic field distribution and orientation [47, 191]. Regions
where S = 0◦ correspond to ordered fields, whereas regions with a
tangled and disordered field can have values up to S = 90◦. Figure 8.2
shows the map of S where S/σS > 3. Comparing the structure of S
with p, a general anticorrelation between the two can be observed. In
particular, for all the unmasked pixels in Fig. 8.2, Planck Collaboration
Int. XIX [184] find an approximately log-log linear anticorrelation
between p and S given by

log10 S = −0.834 log10 p− 0.504, (8.2)

and shown in Fig. 8.3. This trend supports the idea that the magnetic
field structure can affect and lower the values of p. Comparing the
data with the simulations described in Planck Collaboration Int. XX
[185], they find the same anticorrelation between S with p. In the simu-
lations they can investigate this anticorrelation by separately studying
the dependence of S both on p and on the projection factor cos2 γ
(see Eq. 3.5), which is only related to the mean orientation of the field
with respect to the LOS. While p clearly traces cos2 γ averaged over
the LOS (left panels in Fig. 8.4), S does not correlate with the mean
projection factor of the magnetic field on the plane of the sky (right
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Figure 8.3: Scatter plot of the polarization angle dispersion function S as a
function of polarization fraction p at 353GHz. The colour scale
shows the pixel density in log10 scale. The line corresponds to
the best-fit.

panels in Fig. 8.4). Thus, they interpret the structure of S mostly as an
indicator of the depolarization along the LOS due to the tangling of
the field lines. The one-dimensional filamentary structures in Fig. 8.2 are
similar to those found from gradients of polarized synchrotron emis-
sion at radio wavelengths [61], although their origin might be different.

These two first studies on the polarization sky at submm wave-
lengths are pointing out the importance of the mean magnetic field
structure in the interpretation of the data. While the author of this
manuscript took part to many discussions about these works, he was
not involved in the data analysis for the results described so far. Chap-
ter 9 and 10 will focus on the actual analysis and results obtained
during three years of PhD, where we have digged deeper into the
characterization of the GMF structure, with particular attention to its
correlation with the distribution of matter in the ISM.
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Figure 8.4: Left: distribution functions of polarization fraction p and density-
weighted mean of cos2 γ in the simulation cube. Right: distribu-
tion functions of the angle dispersion function, S, as a function
of density-weighted mean of cos2 γ in the simulation cube. Top:
viewing angle α = 0◦. Bottom: viewing angle α = 90◦. The solid
black lines in both sides show the mean values per bin of p (left)
and S(right).
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9
T H E L O C A L G A L A C T I C M A G N E T I C F I E L D

The observation of nearby galaxies in the radio reveals that the ISM is
permeated by a large-scale uniform component of the magnetic field,
which is mainly concentrated in the spiral arms and in the disk. In
addition to this coherent component, the GMF is characterized by the
presence of an isotropic random component produced by interstellar
turbulence (with scales up to 100pc [62, 79]), and an ordered random
component [13, 104] (or striated[106]) with nearly constant orientations
over large scales, but with varying strengths and directions on small
scales. Despite the improvement of the present understanding of the
GMF thanks to the progress in the modelling and the better sensitivity
and resolution achieved in radio measurements [214, 213, 202, 104, 103,
194, 106, 107, 51], these observations have inherent limitations due to
LOS effects. Both RMs and synchrotron (total and polarized) intensities
are quantities integrated over the LOS, which depend on the poorly
constrained density distributions of thermal and relativistic electrons,
respectively. On the contrary, independent of electron densities is the
distribution of interstellar dust in the Galaxy. Therefore, with the first
all-sky map of polarized thermal emission from dust grains, Planck
represents a promising avenue to obtain a complementary view of
the GMF structure with respect to radio data. Moreover, since dust
polarization data are weighted on column density, they are best suited
to probe the interplay between matter and magnetic fields.

The Planck data at 353GHz allow us to investigate both the coherent
large-scale structure of the GMF and its random turbulent component
from the diffuse ISM down to the scales of molecular clouds, although,
because of the 180◦ ambiguity that defines polarization vectors, dust
polarization data prevent us to distinguish isotropic random fields
from ordered random fields.

Here, we present the results on the large-scale structure of the GMF
in the Solar neighborhood in Sect. 9.1, and on the local fluctuations of
the field at the scale of molecular clouds due to interstellar turbulence
in Sect. 9.2.

9.1 the imprint of a uniform magnetic field

Most of what is known today about galactic and intergalactic magnetic
fields comes from the detection of radio waves. Synchrotron radiation,
Faraday rotation and Zeeman splitting of radio spectral lines provide
access to the study of the structure and the strength of the magnetic
field in the ISM. Polarized synchrotron emission of external galaxies
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reveals an ordered component of the field (regular or anisotropic)
which is the strongest in the regions between the optical spiral arms,
and oriented parallel to them. This ordered magnetic field forms spiral
patterns in almost every galaxy [11], even when the spiral structure is
almost absent at optical wavelengths [208].

Nearby galaxies seen edge-on also show a vertical component of
the field, which extends in the halo forming X-shaped patterns [125].
This picture of a galaxy with disk-parallel magnetic spiral arms and
X-shaped halos, is supported by dynamo theories where outflows
from the disk intervene (see Ch. 1).

Faraday rotation is indeed the signature of regular (coherent) fields
which can be generated by a mean-field (large-scale) dynamo [46, 15].
Thus, RM data are typically used to identify dynamo modes [124],
such as the spiral axisymmetric disk of M31 [57]. However, in many
observed galactic disks no clear patterns of Faraday rotation are found.
This could be either because of the limitations in the present sensitivity
and resolution of experiments, or of the timescale for the generation
of large-scale modes longer than the galactic lifetime.

In the Milky Way, analysis of the total synchrotron emission yield
strengths of the total field of about ∼ 5µG near the Sun and ∼ 10µG
in the inner Galaxy [230], when equipartition between magnetic and
cosmic ray energy densities is assumed. The observed degree of radio
and optical polarization in the local Galaxy implies a ratio of ordered
to total field strength of ∼ 0.6 [84], which, under standard strength
of the total field (see Ch. 1), gives a local ordered field of ∼ 4µG
(including anisotropic fields).

RM measurements from pulsars first provided an estimate of the
average strength of the local coherent regular field of 1.4± 0.2µG [198]
(although deviations from this value are found in the Norma arm
with a field strength of 4.4± 0.9µG [75]), and its direction toward the
Galactic longitude l = 88◦ ± 5◦, for circular and concentric field lines
with respect to the Galactic center.

The large-scale Galactic field [214] was modelled also by means of
the all-sky maps of polarized synchrotron emission at 1.4GHz of the
Milky Way from DRAO and Villa Elisa and at 23GHz from WMAP, and
the Effelsberg RM survey of polarized extragalactic sources. Through
Faraday rotation it was found that one large-scale reversal is required
about 1− 2 kpc inside the Solar radius, which also agrees with the
detailed study of RMs from extragalactic sources near the Galactic
plane [24]. Other reversals at several Galactic radii are suggested by
pulsar RM values such that none of the existing models for a simple
large-scale field structure of the Milky Way has become universally
accepted [151].

Studying the large-scale structure of the GMF is much more difficult
than in external galaxies. Another means of studying the coherent
pattern of the field is dust polarization. Although no reversal can be
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inferred from the polarized thermal emission of interstellar grains or
starlight polarization, it is possible to probe the local orientation of the
field and its curvature. Through a compilation of ∼ 7000 stars [145]
it was found that the field lines are spirals rather than circular and
concentric, with a local radius of curvature of 8.8± 1.8kpc, implying
an orientation of the field lines toward the Galactic longitude l =

82◦.8± 4◦.1, and a local inclination angle of 7◦.2± 4◦.1 [85].
The limitation of using punctual starlight polarization data for large-

scale probes of the GMF can now be circumvented by looking at
the first all-sky maps of polarized emission in the submm range by
interstellar dust grains made by Planck.

We present our results on the study of the large-scale pattern of the
local GMF based on the analysis of the Planck data at 353GHz, where
the contribution of the dust to the total emission is the largest. We fit
model A, introduced in Sect. 7.1.1, to the QL

353, UL
353, and DL

353 maps
described in Sect. 5.2.1. The analysis is done at high Galactic latitudes,
|b| > 60◦, in order to select regions in the sky that are located in the
Solar neighborhood (within a few hundreds pcs from the Sun). This
study allows us both to characterize the large-scale geometry of the
GMF and to provide an estimate of the averaged polarization fraction
of the dust emission towards the Galactic poles. This result represents
an important achievement in the understanding of dust properties
in the diffuse ISM, which is also relevant to the analysis of Galactic
foregrounds. As already anticipated in Sect. 5.2.1, the DX11d data are
the best version of the Planck data at high Galactic latitudes up to now.
However, we point out that these maps are still under optimization,
therefore the following results have to be considered as preliminar
results.

9.1.1 A butterfly around the Galactic poles

In Sect. 7.1.1 we introduced model A to study the pattern in the po-
larization data of the uniform orientation of the GMF in the vicinity
of the Sun, already suggested by starlight polarization analysis[85].
Indeed, the change in direction of the projection of the uniform compo-
nent of the field on the plane of the sky produces the butterfly profiles
shown in Fig. 7.1. The same kind of patterns can be observed in the
Planck maps at 353GHz of the Stokes parameters at high Galactic
latitudes, displayed in Fig. 5.7. At first glance the Stokes parameters
show a good resemblance with a simple model of single magnetic
field direction and uniform polarization fraction, such as model A.

We study the shape of these patterns around the two Galactic poles
separately. First of all we explore the space of all possible Galactic
coordinates for the local GMF direction (l0,b0) in model A around
the South pole, spanning Galactic longitudes between 0◦ and 360◦,
and latitudes between −90◦ and 90◦. From Eqs. 7.4 and 3.5, we
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simultaneously fit model A to the QL353 and UL353 maps, with the
corresponding errors, as follows,

QL353 = p0qAD
L
353

UL353 = p0uAD
L
353. (9.1)

From the fit, for each pair of (l0,b0) we get a value of polarization
fraction p0 in Eq. 3.5, which does not depend on cos2 γ, and a reduced
χ2.

Figure 9.1: Map of the χ2 from the fit of model A to the data, as a function
of Galactic longitude and latitude.

In Fig. 9.1 we show the reduced χ2 distribution for all possibile
directions of the GMF. This distribution shows four minima, which
correspond to four directions that, because of the pseudo-nature of
the polarization vectors, produce the same polarization patterns once
projected on the plane of the sky. In Fig. 9.2 we present the reduced χ2

distribution zoomed around the first minimum with the 68%, 95%, and
99.7% confidence levels, which we use to estimate errors on the best fit
values. For a minimum χ2 of 6.27, the best fit Galactic coordinates are
l0 = 70◦ ± 8◦ and b0 = 28◦ ± 20◦, with a small correlation between
the errors. For illustration, we show the best-fit model maps for the
South pole in Fig. 9.3. Moreover, the measured dust polarization
fraction, averaged over the Southern cap, is p0 = (11.25± 0.02%), with
a very small statistical error. The systematic error bar estimated by
comparing results obtained for subsets of the data is much larger
(∼ 1%). We repeat the same analysis around the North pole and we get
the following best fit values: l0 = 60◦± 10◦ and b0 = −24◦± 20◦, for a
minimum χ2 of 8.21. The averaged polarization fraction, corrected for
the magnetic field geometry around the North pole, is (8.98± 0.02)%.
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Figure 9.2: As in Fig. 9.1. Zoom around the first minimum. The 68%, 95%,
and 99.7% confidence levels are shown in contours.

We note that the obtained values of polarization fraction are almost
half of what reported in Planck Collaboration Int. XIX [184] (see Ch. 8).
Moreover, these polarization fractions are quite high compared to
what is expected from models of dust emission based on starlight
polarization in the diffuse ISM [42], and it reveals how much dust
polarization can be important and not negligible even at high Galactic
latitudes. We point out that this values of polarization fraction are
only lower limits to the intrinsic polarization fraction of dust emission
(pdust in Sect. 3.3) because model A does not take into account any
depolarization along the LOS associated with variations in the field
orientation (i.e., the factor F in Sect. 3.3) is assumed to be 1).

Variations in the field direction are observed over the sky at high
Galactic latitude. They account for the high value of the fit. In Fig. 9.4
we show the residual maps between the best fit models and the data
for the two poles. These maps exhibit localized structures, clouds in
DL353, with clear patterns in polarization, which differ from those of
the uniform field. Thus we conclude that, although at large scales the
data reveal the large-scale signature of the local uniform component
of the GMF, fluctuations about the mean orientation are also seen in
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Figure 9.3: Orthographic projections of qA (left) and uA (right) centered on
the South Galactic pole, for the best-fit direction of the uniform
field toward (l0,b0) = (70◦, 28◦). The sky above −60◦ is masked.

the data, and are due to the random component of the field in the
ISM.

9.1.2 Safety check against systematic effects

The butterfly patterns in the Stokes Q and U parameters may be
affected by residual instrumental systematics which might still char-
acterize the DX11d data at high latitudes. In order to make sure to
actually measure the pattern of the uniform component of the GMF,
rather than some spurious signal coming from the instrument, we
produce difference maps of the Q and U parameters between two
consecutive Planck surveys (Survey−1 and Survey−2), which have the
advantage to refer to independent data, as described in Sect. 5.2. In
Fig. 9.5 we show these maps at the same beam and pixel resolutions as
for QL353 and UL353. The difference maps are centered on the Galactic
poles and the sky below |b| = 60◦ is masked. Since we do not find any
residual large-scale pattern in the survey-difference maps, we tend to
conclude that the results obtained through the fit of model A to the
data reflect an actual astrophysical signal, which likely corresponds to
the uniform and coherent component of the local GMF.

9.1.3 The dispersion of the polarization angle about the South pole

Once we fit the data for the large-scale pattern of the magnetic field, we
can ask ourself what is the dispersion of the polarization angles with
respect to the best-fit mean orientation of the field. For illustration,
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Figure 9.4: Orthographic projection of the residual maps of the Stokes Q and
U parameters (left and right respectively) between model A and
the data for the South pole (top) and the North pole (bottom).
The residuals carry infomation about the turbulent component of
the field.

let’s consider the case of the South pole. Given the best fit values of
(l0,b0) for the direction of the uniform field, we can build the map of
ψ0A as

ψ0A =
1

2
tan−1 (uA(l0,b0),qA(l0,b0)) . (9.2)

The goal is to rotate the QL353 and UL353 reference, such that the
contribution of the large scales is removed. Thus, we get the rotated
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Figure 9.5: Orthographic projection around the Galactic poles of the jack-
knife maps of the Stokes Q (top) and U (bottom) parameters, for
Survey−1 minus Survey−2. The North pole is shown on the left
while the South pole on the right. No residual large-scale pattern
is observable.

values QR353 and UR353 by applying the rotation matrix to the data as
follows(

QR
353

UR
353

)
=

(
cos 2ψ0A sin 2ψ0A

− sin 2ψ0A cos 2ψ0A

)(
QL353

UL353

)
. (9.3)

The maps of QR353 and UR353 are shown in Fig. 9.6, where the butterfly
profiles, due to the uniform component of the magnetic field, are
removed by the rotation of the Stokes parameters reference, and, as ex-
pected, we get maximum Q and minimum U values. The polarization
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Figure 9.6: Orthographic projection around the South Galactic pole of the
rotated Stokes Q (left) and U (right) parameters maps (QR353
and UR353) with respect to the best-fit direction of the uniform
component of the magnetic field pointing towards l0 = 70◦ ± 8◦
and b0 = 28◦ ± 20◦. The mask is the same as in Fig. 5.7.

angle, that can be derived from QR353 and UR353 as

δψL
353 =

1

2
tan−1(UR

353,QR
353), (9.4)

now represents the dispersion of the polarization angle around the
mean orientation of the magnetic field projected on the plane of the sky.
The DF of δψL

353 for b < −60◦ in Fig. 9.7, reveals a small dispersion
about the uniform orientation of the magnetic field of about ∼ 12◦.

To take into account projection effects in the DF of δψL
353 we use

model B, described in Sect. 7.1.2, and estimate the ratio between the
random and mean components of the magnetic field. We remind the
reader that the model is built from sky maps, on a HEALPix grid, of
3D vectors ~VM with a Gaussian distribution of orientations about a
mean reference vector, ~VM0. Each component of ~VM is an independent
realization of a Gaussian field with an angular power spectrum equal
to a power law of index αM = −1.5, to which we add the components
of ~VM0. By construction, the mean of ~VM is ~VM0. The spectral index
of the power spectrum allows us to introduce fluctuations about the
reference correlated across the sky. The degree of alignment between
~VM and ~VM0 is parametrized by fM, the standard deviation of the
modulus of the random component of ~VM normalized by |~VM0|. The
DF of the angles between ~VM and ~VM0 in 3D, per unit solid angle, is
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Figure 9.7: Distribution function of the difference between the polarization
angle rotated with respect to the best-fit large scale pattern for
the uniform component of the field (in black), δψL

353. This angle
corresponds to the fluctuation on large scale with respect to the
mean uniform field below −60◦ in Galactic latitude. The data are
compared with Gaussian models (model B) computed for a ratio
between the dispersion of the field orientations of fM = 0.4 in
the light grey. Four different Gaussian realizations are shown to
illustrate the statistical variance due to the small portion of the
sky which is sampled.

close to Gaussian with a standard deviation, σM, which increases with
fM. Essentially, model B quantifies the projection of 3D vectors onto
the 2D celestial sphere.

We compute the projections of ~VM and ~VM0 on the sky with respect
to the local direction of the north Galactic pole, and use Eq. (7.5) to
compute the difference, δψM, between these two angle maps, ψM and
ψM0, respectively. In Fig. 9.7, we show the DFs of four different real-
izations of δψM for fM = 0.4, that best matches the data. The statistical
variance, due to the small sample considered over the sky, produces a
small shift among the Gaussian realizations. The comparison between
δψM and δψL

353 allows us to estimate a ratio between the amplitudes
of the random (turbulent) and uniform components of the magnetic
field at high Galactic latitudes, averaged over the 7% of the sky below
b = −60◦. A ratio of 0.4 tells us that at high Galactic latitudes the
uniform component of the field is actually the dominant component
over the turbulent one, although the latter is not completely negligible.
Note, however, that model B does not include averaging of the field
direction along the LOS.
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9.2 the local dispersion of magnetic field orientations

In this section, we present a statistical analysis of the turbulent com-
ponent of the field at intermediate Galactic latitudes. The randomness
of the field due to interstellar turbulence is one of the main obstacles
in probing the uniform GMF in the ISM. Observations in the radio
at 1.4GHz [199] reveal a wealth of structures down to pc and sub-pc
scales, such as filaments, canals, lenses and rings, which carry valuable
information abouth the turbulent ISM [58]. Heiles [83] reviews the
problem of the field fluctuations that characterize its random compo-
nent and concludes that both pulsar and synchrotron data indicate a
random component in the Solar vicinity of about 5µG. Moreover, large
fluctuations of the GMF with large scale length were also deduced by
starlight polarization studies [i.e., 113].

The residual maps in Sect. 9.1.1 indeed show that, even at high
Galactic latitudes, there are localized structures in the Stokes param-
eters maps with different polarization features with respect to the
large-scale uniform component of the magnetic field. In this section
we better investigate this subject by probing the local variations of the
field at the scale of interstellar structures, which correspond to the
ridges selected in Sect. 7.2.4, and characterized further on in Sect. 10.1.
This study began long before the DX11d data were available, therefore
in this section we use the DR3 Planck data described in Sect. 5.2.1
smoothed at 15 ′ resolution. For the structures selected with our Hes-
sian analysis of the D353 map, however, the polarized signal does not
significantly change between the two sets of data.

The orientation of the magnetic field in interstellar clouds has often
been inferred from the polarization of starlight occurring in the envi-
ronment around the clouds (e.g., Li et al. [136] for molecular clouds
and Clark et al. [31] for the diffuse ISM). The Planck maps allow us to
statistically compare the polarization angles on the filamentary ridges
with those measured on the nearby background.

9.2.1 Difference between local and background polarization angles

We compute the polarization angles, for the ridges and the background,
making use of QDif

353, UDif
353, and QBG

353, UBG
353, respectively. Inverting

Eq. (3.7), we obtain

ψDif
353 =

1

2
tan−1(UDif

353,QDif
353),

ψBG
353 =

1

2
tan−1(UBG

353,QBG
353). (9.5)

103



The difference between the two polarization angles in Eq. (9.5), ac-
counting for the 180◦ degeneracy which characterizes both, can be
expressed as

δψ =
1

2
tan−1

(
sin 2ψDif

353 cos 2ψBG
353 − cos 2ψDif

353 sin 2ψBG
353

cos 2ψDif
353 cos 2ψBG

353 + sin 2ψDif
353 sin 2ψBG

353

)
, (9.6)

The values of δψ are computed from −90◦ to 90◦ matching both the
sinus and the cosinus values.

Figure 9.8: Distribution function of the difference between the polarization
angle with background subtraction, ψDif

353, and that of the back-
ground, ψBG

353 (in black). The data is compared with Gaussian
models computed for a range of ratio between the dispersion of
the field orientation (fM ∈ [0.6, 1.0]) in the light-blue band. The
blue solid line represents the Gaussian model for fM = 0.8 (see
text for the description of the models and the definition of fM).

The DF of δψ is presented in Figure 9.8. On the plane of the sky,
we remind the reader that the magnetic field orientation is perpendic-
ular to the polarization angle. Thus, the DF of δψ characterizes the
difference between the magnetic field orientations determined at two
different scales: that of the ridges, at 20 ′ (2pc at the mean distance of
430pc, see Sect. 10.1), and that of the local background, at 5◦ (40pc).
The DF of δψ has a mean value zero and a standard deviation of
40◦, much larger than what we expect from data noise (Sect. 7.2.4).
Thus, we conclude that the magnetic field on the ridges is statistically
aligned with the background field, but with a significant scatter.

We check that the DF of δψ is not sensitive to the fraction of pixels
used to compute the background maps. For our selection of pixels,
the polarization angle, ψDif

353, is close to ψ353, the polarization angle
without background subtraction. The DF of the difference between
these two polarization angles, δψstr, computed with Eq. (9.6) where
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ψBG
353 is replaced by ψ353, is displayed in Fig. 9.9. This distribution has

a standard deviation of 15◦, which is smaller than that measured for
δψ. We also compute the same DF varying the fraction of the pixels
used to estimate the background maps (Sect. 7.2.4) from 20% to 10%
and 40%. The three DFs of δψstr are compared in Fig. 9.9. They are
identical and much narrower than the DF of δψ in Figure 9.8.

Figure 9.9: Distribution function of δψstr, the difference between the polar-
ization angles with and without background subtraction, ψDif

353

and ψ respectively, computed over the selected pixels. The three
curves show the DFs when we compute the local background
among the 10 (red), 20 (black), and 40% (orange) lowest values
of D353.

In order to interpret the DF of δψ, we quantify its broadening
due to projection effects, and estimate the ratio between the random
and mean components of the magnetic field, making use of model
B (Sect. 7.1.2) as in the previous section. We remind the reader that
the projection on the plane of the sky of a 3D configuration of relative
orientations between two vectorial fields introduces broadening and
flattening of the corresponding 2D distribution of relative orientations
(see fig. 7.4). In Fig. 9.8, we show the DFs of δψM, for fM ∈ [0.6, 1.0]
and the model with fM = 0.8 that best matches the data. Also in this
case, the comparison between the models and the data provides an
estimate of the ratio between the amplitudes of the turbulent and
mean components of the magnetic field. The analogy with the data is
such that ψDif

353 corresponds to the turbulent component, at arcminutes-
scale, and ψBG

353 to the mean component of the field, at degree-scale on
the sky. A ratio of 0.8 relates to an approximate equipartition between
turbulent and magnetic energy [27]. This result is in agreement with
the gas velocity dispersion and the magnetic field strength in the
diffuse ISM inferred from HI Zeeman observations [160, 86]. It shows
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that turbulence in the CNM is trans-Alfvénic [Alfvénic Mach number
about 1, 47].

9.3 conclusions

In this section we summarize the main results presented in this chapter
about our study of the structure of the GMF inferred from the dust
polarization data of Planck at 353GHz.

• We fit model A (described in Sect. 7.1.1), to the DX11d Planck
Stokes parameters maps (see Sect. 5.2.1), in order to probe
the uniform component of the GMF at high Galactic latitudes
(|b| > 60◦), in the Solar neighborhood. We separately fit the
South and North Galactic poles. We find that the best-fit direc-
tion of the field around the South Galactic pole is l0 = 70◦ ± 8◦
and b0 = 28◦ ± 20◦, for an averaged dust polarization fraction
of p0 = (11.25± 0.02%), and a χ2 = 6.27. On the other hand
the results for the North Galactic pole are l0 = 60◦ ± 10◦ and
b0 = −24◦ ± 20◦, with p0 = (8.98± 0.02)% and χ2 = 8.21. Sta-
tistical errors on the polarization fraction are generally much
smaller than the systematic uncertainties (∼ 1%) estimated re-
peating the analysis on subsets of the data. We remind the reader
that these results are preliminar results, as the correction for sys-
tematic effects at high Galactic latitude for the Planck data is not
over yet.

• We show residual maps, between the best-fit models and the
data, which reveal deviations in polarization from the large-
scale patterns of the uniform field. These deviations are due to
the turbulent component of the GMF. In order to quantify the
strength of the turbulent field around the South Galactic pole,
we rotate the Stokes parameters Q and U maps with respect to
the obtained best-fit direction, and compute the dispersion of
polarization angles about the mean field orientation projected
on the plane of the sky. Making use of model B (see Sect. 7.1.2),
to account for projection effects, we estimate the ratio between
the turbulent and ordered components of the field to be 0.4 at
high Galactic latitudes. Here, turbulence results sub-Alfvénic.

• We also study the ratio between the turbulent and ordered
components of the field at lower Galactic latitudes. Analyzing the
polarization angles of the structures defined in Sect. 7.2, based on
the DR3 Planck data (see Sect. 5.2.1), we compare the orientation
of the field at two different scales: that of the structures, at 20 ′
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(2pc at the mean distance of 430pc, see Sect. 10.1), and that of
the local background of the structures, defined in Sect. 7.2.2, at
5◦ (40pc). We use model B to account for projection effects. We
find that at intermediate Galactic latitudes the turbulence is on
average trans-Alfvénic, with a turbulent-to-ordered field ratio
between 0.6 and 1.0, with a preferred value of 0.8, twice the
result obtained at high Galactic latitudes.
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10
R E L AT I V E O R I E N TAT I O N B E T W E E N M A G N E T I C
F I E L D S A N D S T R U C T U R E S O F M AT T E R

In the previous chapter we probed the structure of the GMF, its
uniform and random components, from the largest scales to that of
molecular clouds in the Solar neighborhood. In Fig. 9.4, we have shown
that localized structures in DL353 have distinct polarization properties
compared to the uniform large-scale field. We have also discussed
in Sect. 7.2.2 that localized structures in QDif

353 and UDif
353 (Fig. 7.6) are

often spatially coincident with comparable features in DDif
353

(top panel
in Fig. 7.5). In this chapter we characterize the correlation between the
GMF and the interstellar matter presenting our analysis on the relative
orientation between magnetic fields, inferred from polarization angles
(in Sects. 3.3, and 7.2.2), and the ridges of dust emission, described in
Sect. 7.2.

We first characterize the physical properties of the selected struc-
tures in Sect. 10.1, and then, in Sects. 10.2, 10.3, and 10.4 we quantify
the statistics of their orientation with respect to that of the magnetic
field projected on the POS. In Sect. 10.5 we discuss our results in
the light of models, which describe the respective roles of turbulence,
magnetic field, and self-gravity in the formation of structures in the
magnetized ISM.

10.1 physical description of the selected structures

In Sect. 7.2 we described the methodology that distinguishes this
work from previous studies in selecting filamentary structures in the
maps. We remind the reader that our selection procedure (Sect. 7.2.4)
identifies roughly 4% of the pixels, on a HEALPix grid at Nside = 512,
as contrasted ridges in DDif

353, with respect to the local background
DBG
353 map, and located, on average, in the Solar neighborhood. How

do these ridges physically look like? For each selected pixel we can
compute the excess column density defined as

∆NH =
DDif
353

D353
NH =

DDif
353

D353
8.7× 1025τ353, (10.1)

where the opacity map at 353GHz, τ353, and the conversion factor
to the hydrogen column density, NH, for the high latitude sky, are
taken from Planck Collaboration XI [181]. Figure 10.1 displays the DF
of ∆NH. The distribution covers two orders of magnitude, from 1020

to 1022 cm−2, with a median value of 1.2× 1021cm−2. In Fig. 10.2
we compare the DFs of the extinction AV , derived from τ353, for
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Figure 10.1: Distribution function of the excess column density, ∆NH, com-
puted for the selected pixels (see Eq. 10.1).

the ridges and for all the pixels in the Chamaeleon complex, which
represents an interesting close-by molecular cloud. We use the relation
AV = RV · E(B− V) = RV · 1.49× 104 τ353 from Planck Collaboration
XI [181] and RV = 3.1 [112, 204, 157]. The figure shows that the
selected pixels cover most of the range of AV measured over the entire
Chamaeleon complex, except for the lowest values.

Being the column density an integrated quantity along the LOS, we
need to estimate at least a range of possible gas volume densities in
order to truly characterize the local properties of the selected struc-
tures. We can make use of the curvature map described in Sect. 7.2.3.
On the crest of a ridge, the first derivatives of the sky brightness, with
respect to Galactic coordinates, are zero. The second derivative in the
orientation perpendicular to the ridge is λ−. Along this orientation,
the local variation of the brightness over an angular distance ε may be
approximated by a second order Taylor expansion as

δD353 ≈ 0.5|λ−|ε2. (10.2)

For all the selected structures we compute δD353 for ε = 20 ′, the
angular distance over which the derivatives of D353 are estimated
(Appendix A).

To get the mean gas density we first convert the variation δD353
into column density as

δNH =
δD353
D353

NH. (10.3)

We assume that the ridges have an angular thickness ∼ ε, because
the Hessian algorithm selects structures on scales comparable to the
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Figure 10.2: Distribution functions of the extinction within the Chamaeleon
complex. Here, 〈AV 〉 is the mean value of extinction over the
whole field of view. The figure shows the comparison between
the DF of the total field of view (black line) and that relative to
the selected pixels (red line). In both cases the Magellanic clouds
are removed.

distance over which the derivatives are computed. Provided that their
extent along the LOS is, on average, comparable to their thickness in
the sky, the mean density may be expressed as

〈nH〉 =
〈
δNH

dε

〉
, (10.4)

where the mean, 〈 ... 〉 , is computed over the selected pixels, and d is
the distance to the ridges. We consider d = h/| sinb |, where h repre-
sents the effective scale height of the HI emission from CNM in the
solar neighbourhood. For h = 100pc [115], we find 〈nH〉 = 300 cm−3,
a value within the range of CNM gas densities. This conclusion is true
even if the extent of the ridges along the line of sight is larger than
their thickness in the sky.

Many of the selected structures are seen in HI maps, but their
column densities and our density estimates are high enough that
a significant fraction of the gas must be molecular [177, 178, 232],
even if many of the selected ridges do not have a counterpart in the
Planck CO map [182]. The mean distance of the selected structures
is 430pc× (h/100pc). Finally, in Fig. 10.3 we present the DF of the
orientation angle θ (Sect. 7.2.3) for the selected structures as a function
of Galactic latitude. We find an asymmetry between the Northern and
Southern Galactic hemispheres. While in the former case the DF does
not present any preferred orientation of the structures going from low
to high latitudes, the latter shows an increase in the number of ridges
parallel to the Galactic plane for the highest latitudes.
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Figure 10.3: Left: distribution functions of the orientation angle θ from
Eq. (7.11) for the northern Galactic hemisphere and for 3 mean
values of the Galactic latitude: b = 7◦ (black curve), 15◦ (orange
curve) and 33◦ (red curve). Right: same as for the left panel but
for the southern hemisphere. The mean values of b are −8◦

(black curve), −20◦ (orange curve) and −39◦ (red curve).

10.2 on the alignment

In order to calculate the relative orientation between the magnetic
field and the ridges, we make a pixel-by-pixel comparison of the
polarization angle ψ and the orientation angle θ of the ridges. We
compute the difference, Θ, between the orientation of the ridge and
that of the magnetic field inferred from the polarization angle as
follows

Θ =
1

2
tan−1

(
sin 2(ψ− 90◦) cos 2θ− cos 2(ψ− 90◦) sin 2θ
cos 2(ψ− 90◦) cos 2θ+ sin 2(ψ− 90◦) sin 2θ

)
. (10.5)

In Fig. 10.4, we show the DF of Θ for the selected pixels. The distri-
bution peaks at 0◦, which indicates a statistical alignment between
the magnetic field and the matter structures. The plot shows three
DFs corresponding to the differences between θ and the polarization
angles ψDif

353, ψ353, and ψBG
353. A preferred alignment is observed for

the two DFs computed with ψDif
353 and ψ353, while that computed

with ψBG
353 is much broader and flatter. The comparison of the DFs in

Fig. 10.4 leads to two main conclusions.
First, the similarity between the DFs for the structures with and

without background subtraction tells us that the background subtrac-
tion is not a critical aspect of our data analysis. This follows from the
fact that, for the selected pixels, the polarized signal is dominated by
the contribution of the ridges along the LOS.

Second, the fact that the DF obtained with θ and ψBG
353 is almost flat

indicates that the matter structures are preferentially aligned with the
local magnetic field, rather than with that of the background.
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Figure 10.4: Distribution function of Θ, the difference between the polariza-
tion angle and the orientation angle of the structures, for the
selected pixels. The orange line and the black line represent
the Planck data with (ψDif

353) and without (ψ353) background
subtraction, respectively. The red line refers to the polarization
angle of the subtracted background (ψBG

353). The structures of
matter appear as statistically aligned with the orientation of the
magnetic field projected on the plane of the sky.

10.2.1 Correlation between alignment and polarization fraction

In spite of the predominant alignment of the interstellar matter struc-
tures with the magnetic field, all DFs in Fig. 10.4 show a broad disper-
sion, with a significant probability up to 90◦ from the central peak. The
widths of the DFs are much larger than those we computed from the
uncertainty map on the polarization angle, and from the uncertainties
on the direction of the ridges as estimated in Appendix A.

Among all possible effects, the DFs of Θ combine the intrinsic
scatter in the relative orientations between the matter structures and
the magnetic field in 3D with the projection on the plane of the sky.
Thus, we expect the shape of the DF to depend on the orientation of
the magnetic field with respect to the LOS. Where the magnetic field
orientation is close to the LOS, the polarization angle on the plane of
the sky does not strongly constrain the orientation of the field, and,
thereby, its relative orientation with respect to the ridges in the dust
map.

Although p also depends on changes of the magnetic field orienta-
tion along the LOS [Sect. 8.1, 184, 185], depolarization along the LOS
does not preclude the use of p to statistically test the impact of pro-
jection effects on the DF of Θ. We do find that the relative orientation
between the matter structures and the magnetic field depends on p. In
Fig. 10.5, we compare the DFs computed with ψDif

353 for all the selected
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Figure 10.5: Distribution function of Θ as a function of the polarization
fraction of the selected structures, p. The black line represents
all the selected pixels. The orange line refers to the pixels with
the 30% highest values of p and the red line to the 30% lowest.
The distribution of relative orientations is the sharpest for the
highest values of p.

ridges, for those with the 30% highest values of p and for the lowest
30%. The higher the polarization fraction, the sharper the peak at 0◦

of the DF of Θ. To quantify the projection effects on the relative orien-
tation, we make use of model B presented in Sect. 7.1.2 with a spectral
index αM = −1.5, and for the same selected pixels used to analyze
the data. Here, we make the assumption that the magnetic field can
be decomposed into a component aligned with the orientation of the
ridges and a random component with a zero mean. In the model, the
orientation of the ridges is fixed to the constant vector ~Vref, and the
degree of alignment between the field and the ridges is parametrized
by σM, the standard deviation of the DF per unit solid angle of the 3D
angle between ~VM and ~Vref. As an example, Fig. 10.6 shows the DFs of
the angle differences between the projection on the plane of the sky of
~VM (ψM) and ~Vref (ψM0) for σM = 33◦. The plot compares the relative
orientations for all the selected pixels and for those with the 30%
highest and lowest values of cos2 γM (hereafter the projection factor),
where γM is the angle between ~VM and the plane of the sky. These
three DFs compare well with those of Θ in Fig. 10.5, including the
dependence on the polarization fraction. Projection effects are there-
fore our main interpretation of the shape and broadening of the DF of
Θ from a statistical point of view, although additional factors could
partly contribute, such as the presence of structures truly misaligned
with the magnetic field orientation.
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Figure 10.6: Distribution functions of relative orientations bewteen ~VM and
~VM0 for model B for σM = 33◦. The polarization fraction is here
cos2 γM, the projection factor. We use for the models the same
mask as for the data. The black line represents all the selected
pixels. The orange (red) line refers to the structures with the
30% highest (lowest) values of cos2 γM. This figure shows that
projection effects may reproduce the same trends found for the
data.

10.3 the ξ parameter: the degree of alignment

To quantify the variation of the DF of Θ, hereafter H(Θ), with the
polarization fraction, we introduce a normalized version of the pa-
rameter used by Soler et al. [210] to study the relative orientation
between magnetic fields and density structures in MHD simulations.
We compute an estimator of the probability of having Θ near 0◦ as

Ain =

∫20◦
−20◦

H(Θ)dΘ, (10.6)

where the subscript ’in’ stands for inner range, and near ±90◦ as

Aout =

∫−70◦
−90◦

H(Θ)dΘ+

∫90◦
70◦

H(Θ)dΘ, (10.7)

where the subscript ’out’ stands for outer range. We define the degree
of alignment ξ as

ξ =
Ain −Aout

Ain +Aout
. (10.8)

The ξ parameter spans values between −1 and 1, depending whether
the DF peaks in the outer or in the inner range of angles, respectively.
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Figure 10.7: Correlation between the degree of alignment, ξ, and the polar-
ization fraction, p, for the selected pixels, both for data (black
squares) and for the Gaussian models. The models are charac-
terized by the following values of σM: 15◦ in green; 29◦ in red;
33◦ in magenta; and 38◦ in purple. The values of p are normal-
ized to the maximum value, pmax, within the sample. For the
models, p is cos2 γM (see text). As in Fig. 10.6, this figure shows
that projection effects, probed by the Gaussian models, may be
responsible for the observed correlation between ξ and p.

In Fig. 10.7, we study the dependence of ξ on p by binning the latter
and keeping a constant number of pixels in each bin. For each bin of
p, we compute H(Θ) and ξ and we find that, on the sky, ξ increases
with p. We check that this dependence is not affected by noise. Using
the error map from Planck Collaboration Int. XIX [184], we compute
a Gaussian realization of the noise on the polarization angle that we
add to the data, increasing the level of noise in the polarization angle
of a factor

√
2. We find that the dependence of ξ on p, obtained for

the noisier angle map, is the same as that in Fig. 10.7.
In Fig. 10.7, the data are compared with results from model B, which

show how ξ varies with the projection factor cos2 γM for increasing
values of σM, from 15◦ to 38◦. We find that ξ correlates with the
projection factor, and that the model that best matches the data has
σM = 33◦. This value of σM corresponds to a preferred alignment,
where the angle between matter structures and the magnetic field in
3D is within 45◦ for about 80% of the selected ridges.

For the data, unlike for model B, where p is the projection factor, the
polarization fraction also depends on the LOS depolarization. Depo-
larization results from the dispersion of the magnetic field orientation
along the LOS, and within the beam, as already mentioned in Sect. 8.1.

As we interpret S as an indicator of this depolarization, in Fig. 10.8,
we plot ξ as a function of S, computed on the data at 15 ′ resolution,
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Figure 10.8: Dependence of the degree of alignment, ξ, on S, the local disper-
sion of the polarization angle described in Planck Collaboration
Int. XIX [184], for the selected pixels. The degree of alignment
does not significally depend on depolarization effects along the
line of sight.

using the same binning procedure applied for p. We find a slight
decrease of ξ versus S much smaller than the increase of ξ versus p.
This result supports our interpretation of the dependence of ξ on p,
which results primarily from the orientation of the field with respect
to the plane of the sky.

10.4 relative orientation between the magnetic field and

the matter structures in molecular clouds

We extend our statistical analysis to molecular clouds characteriz-
ing how the degree of alignment between the matter structures and
the magnetic field varies with column density (see Sect. 10.1). In
Sect. 10.4.1, we show that the degree of alignment decreases for in-
creasing column density. Maps of the relative orientation are presented
for the Chamaeleon and Taurus molecular clouds in Sect. 10.4.2.

10.4.1 ξ versus ∆NH over the whole sky

We quantify the dependence of the degree of alignment ξ on the excess
column density of the selected ridges ∆NH (see Sect. 10.1). We bin
∆NH, applying the same binning procedure as for p. We find that ξ is
anti-correlated with ∆NH, as shown in Fig. 10.9.

As described in Sect. 8.1, the Planck polarization data show an overall
anti-correlation between polarization fraction and column density.
We test that the decrease of ξ with ∆NH does not result from this
variation of p with column density. In Fig. 10.10, we present a map
that characterizes the variations of ξ both as a function of p and ∆NH.
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Figure 10.9: Variation of the degree of alignment, ξ, as a function of the excess
column density, ∆NH, for the selected pixels. The degree of
alignment decreases for increasing values of the column density.

Figure 10.10: Map and contours of the degree of alignment, ξ, as a function
of p and ∆NH. Only the selected pixels are taken into account
for computing ξ. This figure shows that ξ depends on both
quantities, p and ∆NH.
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We bin the selected pixels first in ∆NH and then in p, ensuring that
we have the same number of elements for each bin of both variables.
Given a 2D bin, we compute the corresponding H(Θ) and ξ. We then
interpolate the ξ map over a regular grid of values for p and ∆NH.
The map of ξ confirms the decrease of alignment from low to high
excess column densities and from high to low polarization fractions.
The degree of alignment clearly depends on both p and ∆NH.

10.4.2 A glimpse into molecular clouds

The anti-correlation found between ξ and ∆NH suggests that at high
column densities, within molecular clouds, the degree of alignment
between the magnetic fields and matter structures decreases. To dis-
cuss this result we present maps of the Taurus and the Chamaeleon
molecular clouds, as representative examples of molecular complexes
in the solar neighborhood. For comparison, Fig. 10.12 illustrates two
fields at intermediate Galactic latitudes, which sample the diffuse ISM.

Figure 10.11 displays four panels, which show the extinction maps
derived from the dust sub-mm opacity in Planck Collaboration XI [181]
next to the corresponding maps of alignment quantified by cos 2Θ. The
cosine function spans values between −1 and 1, identifying structures
that are perpendicular and parallel to the magnetic field, respectively.
We stress that the cosine representation, chosen for visualization,
stretches the contrast of the Θ distribution toward the extrema. On
the extinction maps, we plot the vectors tracing the magnetic field
orientation inferred from QDif

353 and UDif
353.

The maps of relative orientation in the Taurus and Chamaeleon
clouds (Fig. 10.11) reveal some coherent structures where the magnetic
field tends to be perpendicular to the interstellar ridges, in partic-
ular to those with the highest extinction, while in the diffuse ISM
(Fig. 10.12), in agreement with the DFs of Θ presented in Sect. 10.2,
there is a predominance of structures parallel to the magnetic field.
Hence, the flattening of H(Θ) as a function of ∆NH might be asso-
ciated with the presence of matter structures that are perpendicular
to, rather than aligned with, the magnetic field, and not related to a
loss of correlation between the field and the structure of matter. To
understand whether the features in the maps of relative orientations
of the Taurus and Chamaeleon fields are real, we run model B, after
setting ~VM0 to 0 and αM to −1.5. This configuration of model B allows
us to quantify the impact of projection effects when the magnetic field
and the matter structures orientations are completely uncorrelated.
Hence, we can test if in the highest column density regions of the two
molecular complexes, the correlation between the magnetic field and
the distribution of interstellar matter is actually lost.

The maps of cos 2Θ computed for this configuration of model B,
and shown in Fig. 10.13, present small black, or white, structures
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Figure 10.11: Left: maps of the visual extinction AV derived from the sub-
mm dust opacity from Planck Collaboration XI [181] at the 15 ′

resolution of our analysis for the Taurus molecular cloud (top),
and the Chamaeleon molecular complex including the Musca
filament (bottom). The vectors tracing the magnetic field orien-
tation, computed from QDif

353 and UDif
353, are plotted with a fixed

length. Right: corresponding maps of the relative orientation
between matter structures and magnetic field quantified by
cos 2Θ for the selected structures. This figure shows coherent
structures where the cosine is either positive or negative, corre-
sponding to a magnetic field aligned with, or perpendicular to
the structures.
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Figure 10.12: Same as in Fig. 10.11 but for two fields at intermediate Galactic
latitudes sampling the diffuse ISM. The central pixel for the
top panels corresponds to (l,b)=(6◦, 37◦). The central pixel for
the bottom panels corresponds to (l,b)=(295◦,−40◦). The Mag-
ellanic Clouds in the bottom extinction map (left) are masked.
Most of the structures in the relative orientation maps appear
as parallel to the magnetic field.
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Figure 10.13: Maps of relative orientations between the orientation angle, θ,
of the selected structures and the projection of ~VM onto the
plane of the sky, for the Gaussian model in which ~VM0 is set
to 0. The mask described in Sect. 7.2.4 is applied. We show
the two fields of view displayed in Fig. 10.11: Taurus (left) and
Chamaeleon (right) molecular complexes. The white (black)
structures correspond to alignment (anti-alignment) between
the projection of ~VM onto the plane of the sky and θ. This figure
shows that projection effects cannot account for the elongated
and coherent structures in the relative orientation maps of
Fig. 10.11 (right).

that appear perpendicular, or parallel, with respect to the magnetic
field orientation. However, there are prominent elongated features
in the data (note for example the Musca filament in Fig. 10.11) with
the magnetic field preferentially oriented orthogonal to the matter
structures, which are absent in the model (see Fig. 10.13). These are
an indication that the smaller degree of alignment we found at high
column densities is in fact due to a bimodal distribution and not
due to a loss of correlation altogether. We conclude that in molecular
clouds there must be a significant number of regions where matter
structures and the magnetic field tend to be truly perpendicular.

However, the Planck images should not be interpreted as evidence
for two distinct orientations, with depletion at intermediate angles.
Such a bimodality has been suggested by previous works based on
extinction data in dark clouds [136] and MHD simulations [210], but
questioned by other observational studies, as Goodman et al. [68] and
Houde et al. [96].
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Figure 10.14: Distribution functions of relative orientations for the Gaussian
model with σM = 33◦. The distributions show the effects of
projection onto the plane of the sky of the 3D relative orienta-
tions between ~VM and ~VM0. The curves refer to four different
configurations depending on η, the fraction of 3D perpendic-
ular orientations between the two vectors. For the blue curve,
η = 0. For the pink, red, and green curves, η is 0.5, 0.7 and 0.9,
respectively.

Our all-sky analysis does not show a significant turn-over in the
statistics of relative orientation between the matter structures and
magnetic fields, from the diffuse ISM to molecular clouds. In fact, even
if there was a turn-over, due to projection effects, it would be difficult
to identify a bimodal distribution between magnetic fields and matter
structures in a statistical way. To quantify this statement, we make use
of model B where we introduce a bimodal configuration of relative
orientations in 3D between ~VM and ~VM0. Now, a new parameter η
represents the fraction of sky pixels where ~VM is distributed about a
second reference direction, which is perpendicular to ~VM0. Essentially,
if η is the probability to have the mean of ~VM perpendicular to ~VM0,
then 1− η represents the probability of having the mean of ~VM parallel
to ~VM0. Until now, throughout this thisis, model B was implemented
with η = 0. The dispersion of the distribution of angles, σM, is the
same for both reference directions. In Fig. 10.14, we show the impact
of the value of η on the DF of ψM −ψM0, for σM = 33◦. Up to η = 0.7,
the DF is nearly flat and it does not indicate any turn-over in the
relative orientations. To understand these results, imagine to place
yourselves in front of a plane wall and to take two sticks in your
hands, giving to them a certain relative orientation in the space. Now,
enlighten them from behind and look at the projected shadow on
the wall. You can verify that it is much more likely to see parallel
shadows than perpendicular, and that, to have perpendicular shadows
you really must handle the two sticks perpendicularly. This simple
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allegory helps in accepting the message that projection effects make
difficult the possibility to retrieve perpendicular relative orientations.

10.5 discussion

This is the first analysis across the whole sky comparing column
density structures in the ISM with the orientation of the Galactic
magnetic field. Previous studies focused on dark clouds [e.g., 69, 172, 4,
28] where the magnetic field was found mainly, but not systematically,
perpendicular to the long axis of the clouds. Our sample of ridges,
built from the Planck dust map, is dominated by structures in the CNM
of the diffuse ISM. For these structures we find a preferred alignment
with the magnetic field projected on the plane of the sky. This trend
disappears for the highest column densities in molecular clouds, where
the data show coherent structures, which are also perpendicular to
the magnetic field.

Here, we discuss these observational results in light of models and
MHD simulations, which attempt to describe the respective roles of
the magnetic field, turbulence and the gas self-gravity in the formation
of structures in the magnetized ISM.

The alignment between the magnetic field and matter structures in
the diffuse ISM, reported in Sect. 10.2, has been also found by other
recent studies [32], which compare the orientation of fiber structures of
HI gas (more diffuse regions than ours) with that of the field inferred
from stellar polarization.

This alignment could be a signature of the formation of CNM fil-
aments through turbulence. Their formation could be initiated by a
local compression that would trigger the condensation of cold gas out
of the warm neutral phase [8, 101, 88, 203]. The shear of the turbulent
flow would then stretch the gas condensations into structures, such
as sheets and filaments, which would appear elongated in column
density maps. These structures will tend to be aligned with the mag-
netic field if the gas velocity is dynamically aligned with the field [23].
Furthermore, where the velocity shear stretches matter into filaments,
the field is stretched in the same direction, creating alignment, because
the field is frozen into matter. This interpretation was proposed by
Hennebelle [89] who found a strong correlation between the orienta-
tion of the density structures and that of the maximum shear of the
velocity field in his MHD simulations. From an observational point
of view, the correlation between density structures and shear can be
tested by measuring and comparing line-of-sight velocity gradients
along filaments in HI and CO, which are found to be widely separated
one respect to each other [100]. Where the filaments are inclined with
respect to the plane of the sky, we can measure both the polarization
angle and the radial component of the gas velocity.
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For supersonic turbulence, gas sheets and filaments can also be
formed by gas compression in shocks. For sub-Alfvénic turbulence
(strong magnetic field with respect to turbulence), compression prefer-
entially occurs where gas flows along the magnetic field lines, creating,
thereby, structures perpendicular to the field. This cannot be the dom-
inant process because we observe preferred alignment between matter
structures and the magnetic field. For super-Alfvénic turbulence (weak
magnetic field), gas compression also occurs for all directions of the
shock velocity, enhancing the component of the magnetic field perpen-
dicular to the shock velocity, because of magnetic flux conservation
and freezing into matter. In this case, shocks tend to form structures
aligned with the field.

For the highest column density ridges in molecular clouds, the
interpretation must also involve self-gravity, which is known to am-
plify anisotropic structure [139]. A gravitationally unstable cloud first
collapses along the shortest dimension, forming a sheet, which subse-
quently breaks into elongated filamentary structures. The presence of
a large-scale magnetic field can influence this effect, as the collapse
can preferentially be along the mean field direction. Here, it is neces-
sary to distinguish between sub-critical and super-critical structures
[159]. When a gravitationally bound structure forms, gravitational
and turbulent energies are comparable and turbulence is sub-Alfvénic
(super-Alfvénic) for sub-critical (super-critical) structures. For sub-
critical structures, the magnetic field is dynamically important and
gravity pulls matter preferentially along field lines. As a consequence,
in sub-critical clouds gravitationally bound sheets and filaments are
expected to be perpendicular to the magnetic field. The presence of
striations orthogonal to the high column density filaments in Her-
schel maps of nearby molecular clouds, such as Taurus, supports this
scenario [168].

A bimodal distribution of orientations of structures with respect to
the magnetic field is observed in numerical simulations. In their MHD
simulations of molecular clouds, Soler et al. [210] find a change in the
relative orientation between matter structures and the magnetic field,
from parallel to perpendicular, for gravitationally bound structures.
This change is most significant for their simulation with the highest
magnetization. We will need to combine our polarization data with
velocity and column density measurements in order to test whether the
perpendicularity between the magnetic field and the matter structures
is a sign of filaments formed by self-gravity in magnetically dominated
interstellar clouds.

10.6 conclusions

In this chapter we have analyzed the correlation between the structure
of the GMF and that of interstellar matter traced by dust. We per-
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formed our analysis on the ridges selected in Sect. 7.2. Most of these
ridges, observed outside the Galactic plane in DDif

353 (see Sect. 7.2.2),
are also seen as coherent structures in the dust Stokes QDif

353 and UDif
353

maps. We compared the orientation of the ridges, obtained with the
Hessian analysis of the D353 map (see Sect. 7.2), with that of the
magnetic field inferred from the dust polarization. We also used the
maps of the local background for the Stokes parameters, as defined in
Sect. 7.2.2. We remind the reader that our sample of structures covers
roughly 4% of the sky, and spans two orders of magnitude in column
density from 1020 to 1022 cm−2. In this section we summarize the
main results of our analysis.

• We find that the interstellar matter structures are preferentially
aligned with the magnetic field inferred from the polarization
angle measured at the position of the structures.

• We introduce a parameter ξ that quantifies the degree of align-
ment between the orientation of the magnetic field and matter
structures. We find that ξ increases with the polarization fraction
p. We interpret this correlation in light of model B to account for
projection effects. Where the polarization fraction is low, the field
tends to be close to the line-of-sight. In this configuration, the
orientation of the magnetic field is not well constrained, because
its projection on the plane of the sky is a minor component of the
field. This geometric interpretation of the correlation between
ξ and p is supported by the weakness of the dependence of ξ
on the local dispersion of the polarization angle. Model B best
matches the data for a standard deviation between the orienta-
tion of the magnetic field and that of the structures of matter of
33◦ in 3D.

• We find that ξ decreases for increasing column density, such
that there is no alignment for the highest column density ridges.
This result does not reflect an absence of correlation between
the structures of matter and the magnetic field, at high NH.
Structures that tend to be perpendicular to the magnetic field
appear in molecular clouds, where they contribute to the statis-
tics of relative orientations. We show maps of the Taurus and
the Chameleon molecular complexes that support this interpre-
tation.

This first statistical study on the relative orientation between the
matter structures and the magnetic field in the ISM points out that, at
the angular scales probed by Planck, the field geometry projected on
the plane of the sky is correlated with the distribution of matter.
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11
C O N C L U S I O N S & P E R S P E C T I V E S

Since the first half of the XXth century, when interstellar magnetic
fields were discovered, the probe of our own magnetized Galaxy
represented a remarkable observational challenge for astronomers.
However, despite the multiple techniques and the wealth of data
gathered so far (see Ch. 1), a full description of the properties of the
Galactic magnetic field (GMF) is yet to be achieved.

Today, most of our understanding of the coupling between the
magnetic field and matter in the Galactic context comes from theoreti-
cal models and numerical simulations, which point out outstanding
questions, without an answer yet (see Ch. 2): what is the role of the
magnetic field in the dynamics of the turbulent and magnetized inter-
stellar medium (ISM)? What is the correlation between the structure of
the field and that of interstellar matter? Is the magnetic field triggering
the formation of structures in the ISM, and if so, what physical scales
are relevant to this process to occur?

In this manuscript, we presented new and original results, which
addressed some of the above unsolved issues. We have exploited the
capability of the Planck satellite to trace the magnetic field orientation
projected on the plane of the sky, by observing polarized radiation
emitted by interstellar dust grains at submm wavelengths (see Ch. 3).
The study of this polarized sky, apart from giving new insights into the
GMF structure, also allows us to characterize the physical properties
that enable dust grains to emit polarized radiation.

The Planck all-sky polarization maps (the Stokes I, Q, and U pa-
rameters) at 353GHz provided unprecedented information (full-sky
coverage, sensitivity and resolution) and statistics to characterize the
structure of the Galactic magnetic field and its correlation with inter-
stellar matter from the diffuse ISM to filamentary structures, typical
of molecular clouds (see Ch. 5).

During these three years of PhD, we developed a dedicated method-
ology, which allowed us to understand the importance of projection
effects in analyzing polarization data, and which provided the es-
sential tools to investigate the correlation between the field and the
interstellar filamentary structures of matter, such as their selection in
the maps and the finding of their orientation (see Ch. 7).

The first important result of this thesis is that the mean magnetic
field structure of the Galaxy is revealed by the Planck polarization (see
Ch. 8). In Ch. 9 we showed for the first time maps of the polarized sky
at high Galactic latitudes, where the data present large-scale patterns
in the Stokes Q and U maps, compatible with the imprint of a uniform
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direction of the GMF in the local Solar neighborhood (within few
hundred parsecs from the Sun) .

Focusing on the Southern Galactic cap, we also find that, added to
the ordered uniform component of the field, the data clearly show the
contribution of a turbulent component. We find that, at high Galactic
latitudes, the ratio between the typical strengths of the turbulent and
mean components of the field is ∼ 0.4, meaning that turbulence in the
Solar neighborhood is sub-Alfvénic. This turbulent field introduces
small fluctuations (∼ 10◦ in the polarization angle) about the mean
magnetic field, which, sometimes, are seen correlated with density
structures.

We digged into the correlation with matter, extending the analysis
of the fluctuations of the magnetic field at lower Galactic latitudes. To
do so, we selected structures (i.e. ridges) in the dust intensity map
(with a typical thickness of twenty arcminutes on the sky), outside
the Galactic plane, which are seen as coherent structures also in
the dust Stokes Q and U maps. These structures cover roughly 4%
of the sky, and span two orders of magnitude in column density
from 1020 to 1022 cm−2. We separated the polarized emission of the
structures from that of the surrounding Galactic background, within
a few degrees on the sky. Comparing polarization angles at these
distinct scales, we estimated the ratio between the strengths of the
turbulent and mean components of the field to have a preferred value
of 0.8, at intermediate Galactic latitudes. This result is in agreement
with Zeeman HI observations indicating an approximate equipartition
between turbulent and magnetic energies in the diffuse ISM.

To characterize the relative orientation between the ridges and the
orientation of the magnetic field, we performed a statistical analysis of
the Planck data on the structures of matter, measuring their orientation
from a Hessian analysis of the dust intensity map, and that of the
magnetic field from the polarization. In Ch. 10 we showed that, at
the angular scales probed by Planck, the magnetic field geometry,
projected on the plane of the sky, is correlated with the distribution of
matter in the Solar neighbourhood. Most of our sample of ridges is
aligned with the magnetic field inferred from the polarization angle
measured at the position of the structures. However, when considering
the highest column density ridges the statistical alignment between
the ridges and the field is lost. This result does not mean that the field
and matter are not correlated at high NH. At these column densities
(> 1021 cm−2) in molecular clouds, a significant number of structures
tend to be perpendicular to the magnetic field, contributing to the
statistics of relative orientations. To support this interpretation we
showed maps of the Taurus and the Chameleon molecular complexes.

The results of this thesis, apart from being an important achievement
for the scientific enrichment of the author of this manuscript, open
several paths of research, from the study of the ISM dynamics, to the

128



characterization of dust properties, and to cosmological purposes. In
the next to sections we will focus on the description of two promising
perspectives that we have started to explore.

11.1 prospectives i : a preliminary analysis of the veloc-
ity field

Our results on the relative orientation between the magnetic field and
the structures of matter support a scenario of formation of structures
in the magnetized ISM, where turbulence organizes matter parallel
to the magnetic field in the diffuse medium, and gravity produces
perpendicular structures in the densest regions (see also Sect. 10.5). To
test this tentative interpretation on the role of turbulence in the diffuse
ISM we can compare the orientation of the structures to that of the
line-of-sight velocity gradients measured on specific ISM structures.
A strong motivation for this analysis derives from the correlation

Figure 11.1: Left: integrated velocity map between 10 < v < 20 Km s−1 of
the GASS HI cube centered on the Galactic coordinates (l,b) =
(287◦,−42◦). The dashed line represents the cut to produce
the velocity-position diagram in the right panel. Right: velocity-
position diagram along the structure presented in the left panel
from the blue point to the red one. The dashed line represents
a constant value of velocity (∼ 12 Km s−1) to highlight the
difference in velocity along the structure represented by the
narrow (CNM) velocity component. The velocity gradient is
not seen for the broad (WNM) component from the diffuse
background to the filament.
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found between the orientation of the density structures and that of the
maximum shear of the velocity field in MHD numerical simulations
[89].

Our sample of structures consists of CNM, thus, to study the LOS
velocity of one of these structures, we have started to use the data
cubes of the Galactic All-Sky Survey (GASS) [116], which mapped the
atomic transition of the hyperfine structure of HI at 21 cm with the
Parkes telescope in Australia1. The cube has a spatial resolution of
∼ 15 ′ (roughly the same resolution of the maps analyzed in this thesis)
and a spectral resolution in velocity of ∼ 0.8 Km s−1. Here we present
a first analysis on one spectacular structure in the 353GHz Planck
maps of the Southern Galactic hemisphere, which appears parallel
to the magnetic field orientation in the bottom panels of Fig. 10.12

(between −50◦ < b < 40◦). This filament is roughly ∼ 30 parsecs long,
at a distance of roughly 200 parsecs from the Sun (see Sect. 10.1). The
structure is also a striking feature in the HI integrated velocity map,
between 10 < v < 20 Km s−1, shown in the left panel of Fig. 11.1.

We produce the velocity-position diagram (right panel in Fig. 11.1),
studying the velocity profiles of the lines along the filament (from the
blue point to the red point in Fig. 11.1). We find two main components
in velocity: one broad velocity centered on ∼ 1 Km s−1, and a narrow
component at about ∼ 10 Km s−1. While the former is roughly constant
along the structure, the latter shows a difference in velocity of about
∼ 3 Km s−1. We checked that the broad component is associated with
the more diffuse underlying medium (WNM). No gradient in velocity
is found perpendicularly to the structure.

This is an encouranging, even if extremely preliminary, result that
shows the correlation of the velocity field with structures of matter
with a specific geometric configuration (alignment) with respect to the
magnetic field orientation.

However, to be conclusive, we need to develop an automated
method to measure velocity gradients on filaments and compare their
orientation with that of the magnetic field, and to extend the study to
a statistical number of structures observable in the Planck maps.

11.2 prospectives ii : modelling dust polarization at high

galactic latitudes

In Ch. 8 we discussed, from a statistical point of view, the properties
of the dust polarized sky at intermediate Galactic latitudes, focusing
on the statistics of the polarization fraction and angle derived from the
Planck data. However, a full description of the statistical properties in
polarization of dust emission at high Galactic latitudes is still missing.

In Ch. 9, we provided a statistical analysis of the polarization angle
distribution around the Galactic poles, concluding that the most re-

1 http://www.atnf.csiro.au/research/GASS/index.html
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Figure 11.2: Maps of the square of the polarization fraction from the Planck
data (left) and from the model (right) centered on the South
Galactic pole. The sky above b = −60◦ is masked.

cent version of the Planck data shows patterns in the sky, which are
signatures of both a uniform ordered component of the magnetic field
and a turbulent component. Using model B (see Ch. 7) we obtained
a ratio between the strengths of the turbulent and mean components
of the field of about 0.4 around the South Galactic pole. In this sec-
tion we now present first preliminary results on the modelling of the
distribution of polarization fraction at high latitudes.

The characterization of the polarization fraction is more difficult
compared to the modelling of the polarization angle. This is a first
step towards a physical understanding of the structure of the Galactic
polarization screen to CMB observations at microwave frequencies. In
Ch. 3 we saw that the observed polarization fraction in Eq. (3.5) is the
product of multiple terms (see also Eq. 3.6) that depend either on the
magnetic field properties (F,cos2 γ) or on dust (pdust,R).

The computation of p is very sensitive to bias coming from the noise
(being p a square quantity), which becomes critical at high latitudes.
To avoid the problem of noise bias we study the distribution of p2353,
computed with subsets of the data (the Year-maps, denoted by the
indices Y1 and Y2), which, we remind the reader, have uncorrelated
instrumental noise. We compute p2353 as follows

p2353 =
QL353,Y1Q

L
353,Y2 +U

L
353,Y1U

L
353,Y2

(DL353)
2

. (11.1)

We show the map of p2353 in the left panel of Fig. 11.2 centered on the
South pole.
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How do we model p2353? We start from the best-fit model A that
reproduces the large-scale patterns of the polarization angles at the
South pole (see Sect. 9). We add a turbulent component obtained with
model B for fM = 0.4 to the model maps for a uniform direction of
the field. We then make four realizations of the Planck statistical noise
(nQi and nUi, with i = 1, 2), and simulate two pairs of independent
samples of Stokes Q and U maps as follows

QMi = p0qAtD
L
353 +nQi

UMi = p0uAtD
L
353 +nUi, (11.2)

in which i = 1, 2, p0 = 11.25%, and qAt and uAt are the geometrical
patterns of model A for a uniform direction of the magnetic field
toward l0 = 70◦ and b0 = 28◦, corrected for model B with fM = 0.4.
Thus the modelled p2353 is

p2M =
QM1QM2 +UM1UM2

(DL353)
2

. (11.3)

The map of p2M is shown in the right panel of Fig. 11.2. From the figure,
it is clear that p2353 reaches higher values than p2M. We repeated the
analysis with the DetSets maps, and found the same high values of
polarization fraction, which therefore are not due to noise. Already in
Ch. 9, we pointed out that the mean polarization fraction p0, obtained
by fitting model A to the Planck data at the Galactic poles, was on
average half of the maximum value of p reported in the analysis of
Planck Collaboration Int. XIX [184] and Planck Collaboration Int. XX
[185]. The difference between data and model is also illustrated by
the distribution functions of the polarization fractions for the region
of the South pole (b < −60◦), in Fig. 11.3. While the negative values
are produced by noise in the combination of the subsets of data, the
long tail of the distribution of the data towards very high values must
have a different origin. This discrepency between the model and the
data could be a first sign that polarizations from WNM and CNM
might be different. When we study the high latitude sky on large
angular scales, we are mostly probing the WNM. Hence, the averaged
results at high latitudes presented so far are weighted by the WNM,
while the localized structures with high p may be associated with
CNM gas. Moreover, we have to keep in mind that the structure of
the polarization fraction depends on several factors that we have not
considered yet in the modelling.

We propose three possible scenarios that will be explored in the
future:

• In the WNM, the depolarization parameter F, associated with
the tangling of the field along the LOS, could be lower than in
the CNM. This would be simply because the lenght of the LOS
is much larger for the WNM than the CNM. Over the WNM
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Figure 11.3: Distribution functions of p2353 (black) and p2M (orange) for
b < −60◦. The dashed line represents the best-fit value of polar-
ization fraction (p0 = 11.25%) obtained in Ch. 9.

scale-height, the mean field direction may also change, as for the
X-shape dynamo-models at Galactic scales [158].

• A change in the R parameter, quantifying dust grain alignment
efficiency, between the two media, could be responsible for the
difference between model and data. In the CNM, grain alignment
could be enhanced if H2 formation contributed significantly to
the rotation of grains [195], so that the factor R in the CNM
would be twice the value in the WNM.

• Variations of the physical properties of dust, encoded in the
pdust parameter, between CNM and WNM might be another
explanation of the high values of polarization fraction that cannot
be taken into account by our model.

Although the modelling of the dust polarized sky at high Galactic
latitudes, which we have started to develop, is just starting, it opens a
promising path to a statistical description of the dust power spectra in
polarization towards high latitudes.

This perspective might also have relevant impact to the analysis
of foregrounds in CMB polarization (see Ch. 4 and 6). Using the
best-fit Q and U Stokes maps from model A, with and without the
turbulent component (qA, uA, and qAt , uAt), and the structure of the
DL353 map, we compute modelled E- and B-modes power spectra of
dust and compare them with the data at 353GHz. In Fig. 11.4 we
show the results of the power spectrum analysis. The power spectra
are computed with XPOL [220] using an apodized mask for b > −60◦.
We point out that the error bars in the plots take only into account
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Figure 11.4: Power spectra in polarization measured on the South Galactic
pole (b < −60◦). The dashed vertical lines indicate the multipoles
corresponding to the 1◦ beam resolution of the maps. Top: DEEl
power spectra of the data (black), of the model with a uniform
magnetic field orientation with (dark red) and without (light
red) turbulence. Center: DBBl power spectra of the data (black),
of the model with a uniform magnetic field orientation with
(dark blue) and without (light blue) turbulence. Bottom: ratio
of DBBl /DEEl for the data (black), the model with a uniform
magnetic field orientation with (dark green) and without (light
green) turbulence. The horizontal dashed line represents the
ratio reported in Planck Collaboration et al. [173].
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the statistical uncertainties, which, today, are dominated by systematic
effects at high latitudes.

While the model without turbulence is able only to reproduce
the very large scales present in the data (the smallest multipoles), a
uniform magnetic field direction with a small turbulent component
(fM = 0.4) allows us to reproduce the power spectrum measured on
the data up to multipoles where the signal is cut by the 1◦ beam
resolution of the maps. We are able to reproduce the B-modes power
spectrum, although we still miss power in the E-modes spectrum, as
also shown by the ratio between the spectra in polarization.

On the base of the results of this thesis, a possible avenue to explore
to solve this discrepancy could be introducing into the model the
correlation between the magnetic field structure and that of matter in
the ISM. Morever, to model the high-latitude sky in polarization, we
made use of model B with a spectral index of αM = −1.5, as explained
in Sect. 7.1.2. We did not test other values of αM, thus, this will be
additional work to be done in the future.

After almost five years from the launch of the Planck satellite, it is
now clear that, although originally designed for cosmological pur-
poses, the Planck mission also represents a tremendous opportunity
for understanding the physics of our Galaxy. What we presented in
this thesis only corresponds to the first steps in the study of a new
sky in polarization revealed by the Planck data. We are glad to had
the chance to witness the first light of dawn of a new era that allows
astronomers to statistically characterize the properties of the magnetic
field in the Milky Way.
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Part VI

A P P E N D I X



A
T E S T I N G T H E R O B U S T N E S S O F T H E H E S S I A N
A L G O R I T H M

In this appendix, we detail the implementation of the Hessian analysis
on the Planck map of specific dust intensity at 353GHz D353. We
explain how we compute the derivatives of the sky brightness in
Sect. A.0.1. The analysis is applied to a toy model of the dust emission
to quantify the impact of the data noise and to define the threshold
on the curvature we use to identify and select ridges (Sect. A.0.2). In
Sect. A.0.3, we compare the orientations derived from the Hessian
analysis with those obtained from an alternative method, the inertia
matrix, used by other authors to analyze MHD simulations [89].

a.0.1 Implementation of the Hessian analysis

A general description of the Hessian analysis is presented in Sect. 7.2.3.
Here, we detail how we compute the Hessian matrix for the dust map
D353 on its HEALPix grid. We compute the first derivatives of the D353
map by performing a bilinear interpolation. We locally fit the dust
emission with a linear combination of x = b and y = l cos(b) plus
a constant, where l and b are the Galactic longitude and latitude.
In order to well sample the computation of the derivatives, bilinear
interpolation is performed on a region within a disc of 10 ′ radius
about each pixel of the HEALPix map. We select roughly 30 pixels at
Nside = 1024, around each pixel at Nside = 512. The fit, performed
with no weights, is equivalent to a first order Taylor expansion of
D353. We repeat this procedure on the maps of the first derivatives to
obtain maps of the four elements of the Hessian matrix in Eq. (7.9).
The orientation angle θ of the brightness structures is computed using
Eq. (7.11).

The bilinear interpolation provides error maps for the four coeffi-
cients of the matrix, computed under the assumption that the linear
model is exact, i.e. assuming that the χ2 of the fit per degree of freedom
is 1. The errors on the elements of the Hessian matrix are propagated
to θ. Since Eq. (7.11) is non linear, we compute the error map on θ from
Gaussian realizations of the errors on the coefficients of the matrix.
The uncertainty in θ, computed within bins of values of the D353 map,
is 12.6◦, independent of the intensity at 353GHz (Fig. A.1).
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Figure A.1: Two independent estimates of the uncertainties in the determi-
nation of angles from the Hessian analysis, computed within
bins of values of the DBG

353 map. The red squares represent the
noise obtained by propagation of the errors on the coefficients
of the Hessian matrix. The noise computed with the toy model
(Sect. A.0.2) is plotted with black squares.

Figure A.2: Distribution functions of orientation angles for the selected ridges
derived from the Hessian analysis on T353. They are computed
within three bins of Galactic latitudes with equal numbers of
data points. The mean absolute latitudes are 7◦, 17◦, and 33◦ for
the DFs plotted in black, orange and red, respectively. The image
shows that the method does not introduce any bias as a function
of Galactic latitude in estimating θ.
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a.0.2 Test on a toy model of the sky

We have tested the Hessian algorithm on a toy model of the full sky
T353 built from a realization of a Gaussian map, Gmap, with an angular
power spectrum, equal to a power law of index −2.8, computed with
the procedure SYNFAST of HEALPix . The spectral index used is within
the range of values found for power spectra of dust maps [154]. The
mean value of Gmap is 0. We form,

T353 = A (Gmap +D)/(sin |b|+B |l|) +C, (A.1)

where A, B, C, and D are four factors chosen to fit the latitude profile,
and the longitude profile at Galactic latitude b = 0◦, measured on the
D353 map. The values of these factors, including their sign, depend on
the realization of Gmap. The toy model matches the large-scale struc-
ture of the Galactic dust emission, but it does not have its filamentary
structure, because it is computed from an isotropic Gaussian map. It
assumes that the amplitude of the brightness fluctuations at a given
scale is proportional to the brightness. This is in agreement with what
has been reported for the emission at 100µm of the diffuse ISM [154].
We use the toy model to quantify the impact of the structure of the
diffuse Galactic emission and data noise on the Hessian analysis.

We run the Hessian analysis on the T353 map with and without
data noise computed as a Gaussian realization of the noise map on
D353. The DFs of orientation angles, computed for the model with
added noise, are flat at all Galactic latitudes, as displayed in Fig. A.2.
We find no bias on the angle introduced by the large-scale gradient of
the emission with Galactic latitude. We use the difference between the
two angle maps computed on the T353 map, with and without noise,
to estimate the contribution of the data noise to the uncertainty in the
Hessian angle (black dots in Fig. A.1). This uncertainty decreases for
increasing values of T353 (i.e., increasing signal-to-noise ratio). The
fact that it is higher than the uncertainty estimated from the errors
on the coefficients of the Hessian matrix, for most values of the sky
brightness, is likely to be due to the non-Gaussian distribution of the
uncertainties in θ.

The toy model is also used to determine the threshold on the cur-
vature we adopt to select ridges in the sky. The map of negative
curvature λ−(T353) computed on T353 shows filament-like ridges on
small angular scales. We consider that the amplitude of these ridges
provide an estimate of the noise on λ− from the structure of the back-
ground emission. To quantify this noise we compute the histogram
of the λ−(T353) map for 100 bins of T353 values, with equal numbers
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Figure A.3: Results of a Hessian analysis of the toy model of the sky T353
with instrumental noise. The black (red) squares display the 3σ
level of the distribution of −λ−(T353) (−λ−(D353)) within bins
of DBG

353 computed with the mask used in our data analysis.
The dashed lines represent the analytical fits in Eq. (A.2) (black
dashed line) and Eq. (A.3) (red dashed line).

of data points. In Fig. A.3, we plot the 3σ of the distribution of −λ−
versus T353, and the analytical fit to these values,

CT

MJy sr−1 deg−2
= 13

√
0.007+

(
T353

4MJy sr−1

)1.45

. (A.2)

To select brightness ridges, we use CT as a threshold on the negative
curvature (see Sect. 7.2.3). The difference between the maximum and
minimum eigenvalues of the Hessian matrix, λ+ and λ− respectively,
is greater than CT for 94% of the selected ridges. This shows that we
select elongated ridges rather than rotationally symmetric structures,
for which λ+ would be comparable with λ−. Fig. A.3 also shows the
median value of −λ−, computed on the D353 map within the mask
defined by the contrast parameter ζ = 1 in Sect. 7.2.4, and the power
law fit

CM

[MJy sr−1 deg−2]
= (DBG

353/[0.07MJy sr−1])0.9. (A.3)

The comparison of CT and CM shows that our selection of ridges relies
mainly on the brightness contrast. The threshold CT on the curvature
introduces a significant selection of sky pixels only for structures at
high Galactic latitudes.

140



a.0.3 Comparison with an alternative method

To test the robustness of our methodology in finding the orientation
θ of the ridges, we use an independent algorithm to compute the
orientation of structures in the dust map. Hennebelle [89] used the
inertia matrix of the gas density to analyse structures in his MHD
simulations. We adapted this method, computing the inertia matrix of
the dust D353 map. The off-diagonal coefficients of the inertia matrix
are defined as

Ixy =
∑
A

∆x(i)∆y(i)K(i)D353(i), (A.4)

where the sum is performed over sky pixels within an area A centered
on the pixels of a HEALPix grid, and ∆x(i) and ∆y(i) are the offsets of
the coordinates x = b and y = l cos(b) of the pixel i with respect to
the barycentre of the dust emission xc and yc. The equations for the
diagonal terms of the inertia matrix are obtained by substitution of
the ∆x(i)∆y(i) product by the squares of ∆x(i) and ∆y(i) in Eq. (A.4).
The coordinates of the barycentre are computed with the equations

xc =
∑
A

x(i)K(i)D353(i); yc =
∑
A

y(i)K(i)D353(i). (A.5)

In Eqs. (A.4) and (A.5), D353(i) is the dust emission at pixel i and
K(i) is a kernel, which depends on the distance to the central pixel
of the area A, defining the angular resolution of the computation
of the inertia matrix. We use a Gaussian kernel with a full width
at half maximum of 15 ′, which matches the angular resolution of
the D353 map used for the computation of the Hessian matrix, and
a circular area A with a diameter of 30 ′. A good sampling of the
brightness structure within the area A is needed to compute the sum
in Eq. (A.4) with the required accuracy. The orientation angle θI of the
brightness structures is computed using Eq. (7.11), where the terms
of the Hessian matrix are substituted by those of the inertia matrix.
When the inertia matrix is computed on a small number of pixels,
the map of θI shows systematic patterns associated with the HEALPix

pixelisation. To circumvent this problem, we use here for D353 the full
resolution map of Planck Collaboration XI [181] at 5 ′ resolution on a
HEALPix grid with Nside = 2048.

We computed the standard deviations of θ − θI for our selected
ridges, within bins of sky brightness with equal numbers of sky pixels.
We found a fixed value of about 20◦, independent of the sky brightness
(see the bottom panel in Fig. A.4). The probability distribution of
θ− θI computed over our data selection is plotted in the top panel of
Fig. A.4. It is much narrower than the distributions computed when
comparing the Hessian and polarization angles in Sect. 10.2. Finally,
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Figure A.4: Left: distribution function of the difference between the angles of
brightness structures in the dust emission map derived from the
Hessian (θ) and inertia (θI) analysis. This comparison between
the two independent algorithms provides the uncertainty of the
Hessian angles that is smaller than the dispersion between the
Hessian and polarization angles (Sect. 10.2). Right: the standard
deviation of the difference between the Hessian and inertia angles
(θ− θI) computed within bins of DBG

353.

we also checked that the results of our data analysis are robust against
removing from the analysis the pixels in the wings of the distribution
of θ− θI.
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